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Abstrat
Gamma-ray bursts (GRBs) have been an enigma sine their disoveries forty
years ago. What are the nature of progenitors and the proesses leading to forma-
tion of the entral engine apable of produing these huge explosions? My thesis
fous on the hyperareting neutron-star disks ooled via neutrino emissions as the
potential entral engine of GRBs. I also disuss the eets of large-sale magneti
elds on advetion and onvetion-dominated aretion ows using a self-similar
treatment. This thesis is organized as follows:
In Chapter 1, we rst present a brief review on the theoretial models of GRB
for forty years. Although GRBs were rst onsidered from supernovae at osmologi-
al distanes, Galati models beome more popular in 1980s, partiularly after the
detetions of ylotron absorption and emission lines by the Konus and Ginga de-
tetors, whih showed that neutron stars with magneti elds ∼ 1012 G are the most
possible soures of GRBs. Galati GRBs were purposed to be produed from stellar
ares or giant stellar ares from main sequene or ompat stars, from starquakes
of neutron stars, from aretion proesses and thermonulear burning onto neutron
stars, from ollapses of white dwarfs and so on. It was not until the mid-1990s
that the observation results by BATSE strongly suggested that GRBs originate at
osmologial distane. The main Cosmologial GRB models inlude the mergers
of neutron star binaries and blak hole-neutron star binaries, the ollapsar" model
(i.e., the ollapses of massive star), the magnetar model, and the quark stars and
strange stars model. We distinguish GRB progenitors and its diret entral engines.
Furthermore, we disuss two GRB progenitor senarios in detail: the ollapsar se-
nario for long-duration bursts, and ompat start merger senario for short-hard
bursts.Observation evidene supports the hypothesis that long-duration GRBs are
supernova-like phenomena ourring in star formation region related to the death
of massive stars. Their energy is onentrated in highly relativisti jet. We inves-
tigate various ollapsar formation senarios, the requirements of ollapsar angular
momentum and metalliity for generating GRBs, and the relativisti formation,
propagation and breakout in ollapsars. Mergers of ompat objets due to gravi-
tational radiation as the soures of short-hard GRBs have been widely studied for
years. We present the neutron star-neutron star, blak hole-neutron star and white
dwarf-white dwarf binaries as the most possible progenitors of short bursts. We also
introdue the numerial simulations results of merges of the three types of binaries.
In addition to the above progenitor senarios, we also mention the supranova" and
magnetar senario.
Most GRB progenitor senarios lead to a formation of a stellar-mass blak hole
and a hyperaretion disk around it. This areting blak hole system is ommonly
onsidered as the diret entral engine of GRBs. In Chapter 2 we disuss the physial
properties of aretion ows around blak holes. Aretion ows may be identied in
three ases: ooling-dominated ows, advetion-dominated or onvetion-dominated
ows, and advetion-ooling-balane aretion ows. On the other hand, aretion
ows an be lassied by their ooling mehanisms: no radiation, by photon ra-
diation, or by neutrino emission. We rst investigate the struture of the normal
aretion disks, whih ould be ooled by photon radiation eetively, and then we
disuss the similar struture of advetion and onvetion-dominated ows. Next
we desribe the main thermodynamial and mirophysial proesses in neutrino-
ooled disks, and show the properties of suh neutrino-ooled ows around blak
holes. Moreover, we disuss the two mehanisms for produing relativisti jets from
the areting blak holes: neutrino annihilation and MHD proesses, espeially the
Blandford-Znajek proess.
Chapter 3-5 are my works on hyperaretion neutron star-disks and magnetized
aretion ows. As mentioned in Chapter 2, it is usually proposed that hyperare-
tion disks surrounding stellar-mass blak holes, with an aretion rate of a fration of
1 M⊙ s−1 are entral engines of GRBs. In some models, however, newborn ompat
objets are introdued as neutron stars rather than blak holes. Thus, hyperare-
tion disks around neutron stars may exist in some GRBs. Suh disks may also our
in Type II supernovae. In Chapter 3 we study the struture of a hyperaretion disk
around a neutron star. Beause of the eet of a stellar surfae, the disk around a
neutron star must be dierent from that of a blak hole. Clearly, far from the neu-
tron star, the disk may have a ow similar to the blak hole disk, if their aretion
rate and entral objet mass are the same. Near the ompat objet, the heat energy
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in the blak-hole disk may be adveted inward to the event horizon, but the heat
energy in the neutron star disk must be eventually released via neutrino emission
beause the stellar surfae prevents any heat energy from being adveted inward.
Aordingly, an energy balane between heating and ooling would be built in an
inner region of the neutron star disk, whih ould lead to a self-similar struture of
this region. We therefore onsider a steady-state hyperaretion disk around a neu-
tron star, and as a reasonable approximation, divide the disk into two regions, whih
are alled inner and outer disks. The outer disk is similar to that of a blak hole and
the inner disk has a self-similar struture. In order to study physial properties of
the entire disk learly, we rst adopt a simple model, in whih some mirophysial
proesses in the disk are simplied, following Popham et al. and Narayan et al.
Based on these simpliations, we analytially and numerially investigate the size
of the inner disk, the eieny of neutrino ooling, and the radial distributions of
the disk density, temperature and pressure. We see that, ompared with the blak-
hole disk, the neutron star disk an ool more eiently and produe a muh higher
neutrino luminosity. Finally, we onsider an elaborate model with more physial
onsiderations about the thermodynamis and mirophysis in the neutron star disk
(as reently developed in studying the neutrino-ooled disk of a blak hole), and
ompare this elaborate model with our simple model. We nd that most of the
results from these two models are basially onsistent with eah other.
In Chapter 4 we further study the struture of suh a hyperaretion neutron-star
disk based on the two-region (i.e., inner & outer) disk senario following Chapter
3, and alulate the neutrino annihilation luminosity from the disk in various ases.
We investigate the eets of the visosity parameter α, energy parameter ε (mea-
suring the neutrino ooling eieny of the inner disk) and outow strength on the
struture of the entire disk as well as the eet of emission from the neutron star
surfae boundary emission on the total neutrino annihilation rate. The inner disk
satises the entropy-onservation self-similar struture for the visosity parameter
ε ≃ 1 and the advetion-dominated struture for ε < 1. An outow from the disk
dereases the density and pressure but inreases the thikness of the disk. More-
over, ompared with the blak-hole disk, the neutrino annihilation luminosity above
the neutron-star disk is higher, and the neutrino emission from the boundary layer
ould inrease the neutrino annihilation luminosity by about one order of magnitude
higher than the disk without boundary emission. The neutron-star disk with the
advetion-dominated inner disk ould produe the highest neutrino luminosity while
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the disk with an outow has the lowest. As a result, the neutrino annihilation above
the neutron-star disk may provide suient energy to drive GRBs and thus obser-
vations on GRB-SN onnetion ould onstrain the models between hyperareting
disks around blak holes and neutron stars with outows.
In Chapter 5, we study the eets of a global magneti eld on visously-rotating
and vertially-integrated aretion disks around ompat objets using a self-similar
treatment. We extend Akizuki & Fukue's work (2006) by disussing a general mag-
neti eld with three omponents (r, ϕ, z) in advetion-dominated aretion ows
(ADAFs). We also investigate the eets of a global magneti eld on ows with
onvetion. For these purposes, we rst adopt a simple form of the kinemati visos-
ity ν = αc2s/ΩK to study magnetized ADAFs: a vertial and strong magneti eld,
for instane, not only prevents the disk from being areted but also dereases the
isothermal sound speed. Then we onsider a more realisti model of the kinemati
visosity ν = αcsH , whih makes the infall veloity inrease but the sound speed
and toroidal veloity derease. We next use two methods to study magnetized ows
with onvetion, i.e., we take the onvetive oeient αc as a free parameter to
disuss the eets of onvetion for simpliity. We establish the αc − α relation for
magnetized ows using the mixing-length theory and ompare this relation with the
non-magnetized ase. If αc is set as a free parameter, then |vr| and cs inrease for
a large toroidal magneti eld, while |vr| dereases but |vϕ| inreases (or dereases)
for a strong and dominated radial (or vertial) magneti eld with inreasing αc.
In addition, the magneti eld makes the αc − α relation be distint from that of
non-magnetized ows, and allows the ρ ∝ r−1 or ρ ∝ r−2 struture for magnetized
non-areting onvetion-dominated aretion ows with α+gαc < 0 (where g is the
parameter to determine the ondition of onvetive angular momentum transport).
Finally, we give an outlook in Chapter 6.
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Chapter 1
GRB Progenitors
1.1 Detetors and Observations
Theoretial astrophysis is always based on the observation events and data. In 1.1
we list the detetors of Gamma-ray bursts (GRBs) and their main ontributions.
The theories of GRBs are based on these observations.
Vela Satellites
The total number of Vela Satellites is 12, six of the Vela Hotel design, and six
of the Advaned Vela design, launhed from Otober 1963 to April 1970. These
military satellites were equipped with X-ray detetors, γ-ray detetors and neutron
detetors, and the advaned ones also with the silion photodiode sensors. The rst
ash of gamma radiation sinal was deteted by Vela 3 and Vela 4 on July 2, 1967.
Further investigations were arried out by the Los Alamos Sienti Laboratory,
lead by Ray Klebesadel. They traed sixteen gamma-ray bursts between 1969 July
and 1972 July, using satellites Vela 5 and Vela 6, and reported their work in 1973
(Klebesadel et al. 1973).
 First IPN (Inter-Planetary Network)
The investigation of the new phenomenon gamma-ray bursts beome a fast
growing researh area after 1973. Beginning in the mid seventies, seond gener-
ation gamma-ray sensors started to operate. By the end of 1978, the rst Inter-
Planetary Network had been ompleted. In addition to the Vela Satellites, gamma-
ray burst observations were onduted from Russian Prognoz 6,7, the German Helio-
2, NASA's Pioneer Venus Orbiters, Venera 11 and Venera 12 spaerafts. A group
from Leningard using the KONUS experiment aboard Venera 11 and Venera 12 did
13
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signiant work for gamma-ray burst survey. The important results of the rst IPN
projets inlude:
(1) First survey of GRB angular and intensity distribution by KONUS experi-
ments (Matzet et al. 1981).
(2) Disovery of rst SGR (SGR 0526-66, Mazet et al. 1979, Cline et al. 1980).
(3) Cylotron and annihilation lines observations for many bursts (Mazets et
al. 1981). The absorption and emission lines observation raised lots of debates until
the disovery of ylotron absorption lines by Ginga in 1988.
 Ginga
Ginga was an X-ray astronomy satellite launhed on February 1987. Cylotron
features in the spetra of three GRBs (Murakami et al. 1988, Fenimore et al. 1988,
Yoshida et al. 1991) were reported and interpreted as photon sattering proess near
the neutron star surfae with strong magneti elds ∼ 1.7 × 1012 G. Neutron-Star
model beome popular in those years. Moreover, Ginga data also provided the early
evidene of the existene of X-ray Flashes (XRFs, Strohmayer et al. 1998), whih
were disussed in detailed in the BeppoSAX era.
 Compton Gamma-Ray Observatory (CGRO)
The Compton Gamma Ray Observatory (CGRO) is part of NASA's Great
Observatories
1
. CGRO arried a omplement of four instruments whih overed
observational band from 20keV to 30GeV, and the Burst and Transient Soure Ex-
periment (BATSE) is one of them. BATSE beome the most ambitious experiment
to study GRBS before BeppoSAX. It had deteted a total of 2704 GRBs from April
1991 to June 2000, whih provided a large sample for GRBs statistial work. Sev-
eral signiant results onerning the harateristis of GRBs were made based on
the ruial data from BATSE. The osmologial GRB orgin was rst established,
although the debate between galati and osmologial origin still ontinued until
BeppoSAX. Moreover, the bimodality of GRB durations was established by analyz-
ing the distribution of T90 for hundreds of BATSE-observed-GRBs.
(1) The several BATSE atalogs had onrmed the apparent isotropy of the
GRB spatial distribution (Meegan et al. 1992). Then the osmologial origin of
GRBs began to be aepted by most astronomers. The energy of GRBs is about
1052ergs.
(2) BATSE data showed that GRBs were separated into two lasses: short
1
The others are the Hubble Spae Telesope, the Chandra X-ray Observatory, and the Spitzer
Spae Telesope.
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duration bursts (T90 <2s) with predominantly hard spetrum and long duration
bursts (T90>2s) with softer spetrum (Kouveliotou et al. 1993). Next two dierent
lasses of progenitors were suggested for this distintion: mergers of neutron star
binaries (or neutron star and blak hole systems) for short bursts, and ollapse of
massive stars for long bursts. however, some others believe there are three kinds of
GRBs also based on the BASTE data, whih should reet three dierent types of
progenitors (Mukherjee et al. 1998).
 BeppoSAX
BeppoSAX was an Italian-Duth satellite for X-ray and gamma-ray astronomy.
It was launhed in 1996 and ended its life in 2003. This instrument had led to
the disoveries of many new features of gamma-ray bursts and greatly aelerated
people's understanding about GRBs:
(1) The disovery of the X-ray afterglow of GRBs, whih opened the afterglow
era with multi-wavelength observations and onrmed the osmologial origin of
GRBs. BeppoSAX rst deteted GRB 970228 with its X-ray afterglow (Costa et
al. 1997), and later optial afterglow was also deteted by the ground-based tele-
sopes. Next, Kek II deteted the spetrum of optial afterglow of GRB 970508,
registered by BeppoSAX, and determined a redshift of z = 0.835, whih onrmed
a osmologial distane (Metzger et al. 1997).
(2) The onnetion between GRBs and Type Ib/ supernove (SNe Ib/). In
1998 BeppoSAX with the ground-based optial telesopes provided the rst lue
of a possible onnetion between GRB 980425 and a new supernova SN 1998 bw
(Galama et al. 1998).
(3) The onrmation of a new sub-lass of GRBsX Ray Flashes (XRFs), whih
emit the bulk of their energy around a few Kev, at energies signiantly lower than
the normal GRBs (Heise et al. 2001). Furthermore, BeppoSAX rst reported the
detetion of the X-ray-rih GRBs (Frontera et al. 2000).
(4) The disovery of GRBs with bright X-ray afterglows but no detetable
optial afterglows, i.e. the 'dark bursts'. The next instrument HETE-2 made a
more detailed detetion on 'dark bursts'.
(5) The disovery of the possible orrelation between the isotropi equivalent
energy radiated by GRBs and the peak energy, suh as Amati relation (Amati et
al. 2002) and Ghirlanda relation (Ghirlanda et al. 2004), provided the new possible
standard andles to measure the Universe with parameters.
 HETE-2
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The rst High Energy Transient Explorer (HETE-2) failed during the launh in
1996 and lost the opportunity to explore the signiant harateristis of GRBs be-
fore BeppoSAX. However, the seond HETE, HETE-2, with multiwavelength instru-
ments, had got many ahievements. It rst onrmed a event of GRB-SN onnetion
(GRB 030329 & SN 2003dh, Stanek et al. 2003). It rst disovered a short-hard
GRB with an optial ounterpart (GRB 050709) and studied the afterglow proper-
ties of short bursts together with Swift. Moreover, it studied the phenomena XRFs
more detailed than BeppoSAX.
 Swift
Swift is a multi-wavelength spae-based observatory dediated to the study of
GRBs. It ontains three instruments work together to observe GRBs and their
afterglows in the gamma-ray, X-ray, ultraviolet and optial wavebands: the BAT
(Burst Alert Telesope) detets GRBs events in the energy range between 15 keV to
150 keV, and omputes its oordinates in the sky; the XRT (X-ray telesope) takes
imagines and performs spetral analysis of the GRB X-ray afterglows in the energy
range from 0.2 to 10 keV; and the UVOT (Ultriviolert/Optial Telesope) is used
to detet an optial afterglow after Swift has slewed toward a GRB. This satellite
was launhed in November 2004 and is still in operation. The major breakthroughs
from Swifts up to this date inlude:
(1) established a ompletely new view of the early X-ray afterglow with several
well-dened phases: after the prompt emission there is a rapid deline phase, whih
is followed by a shallow deay phase ombined with X-ray ares, and then is the
normal deay phase. Moreover, Swift has deteted the existene of the ahromati
breaks, ausing some issues of the jet break interpretation of the break phase of
X-ray afterglows.
(2) deteted GRBs with high-redshift, e.g., GRB 050904 with z=6.29 (Prie et
al. 2006), GRB 080913 with z=6.7 (Shady et al. 2008). These detetions provide
a unique way of probing the Universe when the rst stars were formed. Combined
with the observation by Hubble and Spitzer, Swift
(3) rst observed the afterglows of short hard GRBs (GRB 050509b, Hjorth et
al. 2005).
(4) the disovery of GRB 060614 alled for a rethink of the GRB lassiation.
GRB 060614 is a burst with T90 = 104s other properties like short bursts. The
lassiation of GRBs should based on their afterglows, host galaxies, not only their
durations of prompt emission (e.g., Zhang 2006).
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Figure 1.1: Some former and urrent GRB detetors. First row (left to right):
Vela 5B (1969-1979), Ginga (1987-1991), CGRO/BATSE (1991-2000); seond row:
Konus-Wind (1994- ), BeppoSAX (1996-2003), HETE-2 (2000- ); third row: INTE-
GRAL (2002- ), Swift (2004- ), Fermi (2008- ).
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 Current Missions
In addition to the Swift satellite, there are also many present missions to study
GRBs. The present long-baseline GRB IPN, i.e., the third IPN, inludes Ulysses
in 1992, Konus-wind in 1994, Rossi XTE in 1995, HETE-2 in 2000, Mars Odgssey
in 2001, RHESSI in 2002, INTEGRAL in 2002, Swift in 2004, MESSENGER in
2004, Suzaku in 2005, AGILE in 2007 and Fermi in 2008. On the other hand,
BATSE-CGRO (1991-2000), SROSS-C2 (1994-2001?), SZ-2 (2001), NAER (1996-
2001), BeppoSAX (1996-2003) and SZ-2 (2001) have eased operations today. Here
I list some signiant missions in this subsetion.
 Konus-Wind
The joint Russian-Amerian Konus-Wind experiment is presently arried out
onboard the NASA's Wind spaeraft, whih was launhed in November 1994
and mainly to study the 'solar wind'. The Konus experiment on Wind satellite,
provides omnidiretional and ontinuous overage of the entire sky in the hard
X- and gamma-ray domain. Konus also provides the only full-time near-Earth
vertex in the present IPN projet. Konus-Wind has deteted thousands of
GRBs sine 1994 until now.
 INTEGRAL
The European Spae Ageny's International Gamma-Ray Astrophysis Labo-
ratory (INTEGRAL), launhed in 2002, is a suessor to CGRO. It an sim-
ilarly determine a oarse position by omparing gamma ounts from one side
to another. It also possesses a gamma-ray telesope with an ability to deter-
mine positions to under a degree. The siene ahievements of INTEGRAL
has overed many areas in gamma-ray astronomy, the observations of GRBs
made by INTEGRAL over the last years inludes the disovery of the nearby
low energy GRB 031203 (Gotz et al. 2003).
 RHESSI
RHESSI was launhed in 2002 to perform solar studies. However, its gamma
instrument ould detet bright gamma soures from other regions of the sky,
and produe oarse positions through dierential detetors. For instane,
RHESSI observed 58 bursts in 2007 and 34 in the rst 9 months in 2008.
 AGILE
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This X-ray and Gamma ray astronomial satellite, launhed in April 2007
and equipped with sienti instruments apable of imaging distant elestial
objets in the X-ray and Gamma ray regions of the eletromagneti spetrum,
is adding data to the third IPN.
 Fermi
The Fermi Gamma-ray Spae Telesope is a spae observatory being used to
perform gamma-ray astronomy observations from low Earth orbit. Its main
instrument is the Large Area Telesope (LAT), with whih astronomers mostly
intend to perform an all-sky survey studying of gamma radiation high-energy
soures and dark matter. Another instrument, the Gamma-ray Burst Monitor
(GBM), is being used to study GRBs.
1.2 A Review of GRB Models
Gamma-ray bursts have been an enigma sine their disoveries forty years ago.
What are the nature of progenitors and the proesses leading to formation of the
entral engine apable of produing these huge explosion? The rst GRB model was
published (Colgate 1968) even before the disovery of these burst events by Vela in
1969. This model suggested that transient prompt gamma-rays and X-rays would
be emitted as Doppler-shifted Plank radiation from the relativistially expanding
outer layers of supernovae. Klebesadel et al. (1973) disussed the possibility that
GRBs are assoiated with some partiular supernovae whih are not bright in the
optial band (Thorne 1968) in the rst observation paper of GRBs. However, it
was not until 25 years later when BeppoSAX ould detet the onnetion between
GRB 980425 and SN 1998bw. Hawking (1974) showed that blak holes would reate
and emit partiles like photons and evaporate themselves. In this point of view,
gamma-ray bursts ould provide the diret evidene of the existene of blak holes.
However, today we know this physial opinion ould not explain most GRBs, after
we aumulated suient observation evidene of bursts.
Although GRBs were rst onsidered at osmologial distanes from super-
novae, Galati models beame more popular at later time, partiularly after the
detetions of ylotron absorption and emission lines by Konus and Ginga (Mazets et
al. 1981; Murakami et al. 1988). More than one hundred GRB Galati models had
been published before 1990s. The early observations (1st IPN, Ginga, et.) led to
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onsidering neutron stars with strong magneti elds as ideal andidates for GRBs
soures. Moreover, the neutron star models were also reinfored by the disoveries
of SGR.
However, on the other hand, Pazy«ski and a few other astronomers pointed
out again the idea that gamma-ray bursts ould be at osmologial distanes like
quasars, with redshifts around 1 to 2 (Pazy«ski 1986; Goodman 1986). The energy
needed was omparable to the energy typially released by a supernovae. Their os-
mologial model was based on the evidenes of GRBs isotropy spatial distribution
and deviation of the intensity distribution from the -3/2 law, both of whih were
still ontroversial in 1980s, but ruially onrmed by BATSE-CGRO in 1990s. The
observation results by BATSE in mid-1990s strongly suggested that the bursts origi-
nate at osmologial distane. Thanks to BeppoSAX and the disovery of afterglows
with redshifts, the osmologial nature of GRBs has been well established sine 1997.
BeppoSAX with the multi-wavelength observations on the afterglows raised re-
searhers interests in explaining the lighturve and spetrum using various radiation
proesses during and after bursts; and the models of GRB progenitors and entral
engines beame less than before. Currently, the most widely-aepted model for
the origin of most observed long GRBs is alled the ollapsar" model (Woosley
1993), in whih the ore of an extremely massive, low-metalliity, rapidly-rotating
star ollapses into a ompat objet. On the other hand, short hard GRBs are
ommonly believed to be aused by star-neutron star (NS-NS) or neutron star-blak
hole (NS-BH) mergers.
In this setion, I give a brief review of the GRB models for forty years sine 1969.
I still rst introdue the Galati models of GRBs, whih have been demonstrated
as wrong for years. However, we should keep in mind one there was a period of
time most researhers agreed the idea that GRBs ame from the Milky Way, and we
need to know the reason why they hold on this idea. Their idea was based on the
observation results in 1970s and 1980s. Astrophysis theoretial models are always
based on the observations, although usually observations ould be inomplete or
even have mistakes. Also, the physial proesses and radiation mehanisms pointed
out in these former models might explain other phenomena even if they annot
explain GRBs today.
Table 1.1 lists part of the history models of GRBs sine Colagate (1968). The
models before 1993 (espeially Galati Models before the BATSE era) has been
listed in Nemiro (1993). We mainly fous on the model whih disuss the origin
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of GRB energy and the objets to produe GRBs, not the energy propagation ways
and radiation mehanisms in GRB prodution proess.
No. Author Year Plae Desription
1. Colgate 1968 COS SN shoks stellar surfae in distant galaxy
2. Colgate 1974 COS Type II SN shok brem, IC sat at stellar surfae
3. Steker et al. 1973 DISK Stellar superare from nearby star
4. Steker et al. 1973 DISK Superare from nearby WD
5. Harwit et al. 1973 DISK Reli omet perturbed to ollide with old galati NS
6. Lamb et al. 1973 DISK Aretion onto ompat objets from are in ompanion
7. Zwiky 1974 HALO NS hunk ontained by external pressure
8. Grindlay et al. 1974 SOL Iron dust grain up-satters solar radiation
9. Breher et al. 1974 DISK Direted stellar ares on nearby stars
10. Shlovskii 1974 DISK Comet from system's loud strikes WD/NS
11. Bisnovatyi- et al. 1975 COS Absorption of neutrino emission from SN
12. Bisnovatyi- et al. 1975 COS Thermal emission when small star heated by SN shok
13. Bisnovatyi- et al. 1975 COS Ejeted matter from NS explodes
14. Paini et al. 1974 DISK NS rustal starquake glith
15. Narlikar et al. 1974 COS White hole emits spetrum that soften with time
16. Tsygan 1975 HALO NS orequake exites vibrations, hanging E,B-elds
17. Chanmugam 1974 DISK Convetion inside WD produes ares
18. Prilutski et al. 1975 COS Collaspe of supermassive body in AGN
19. Narlikar et al. 1974 COS WH exites syn emission and IC sat
20. Piran 1975 DISK IC sat deep in ergosphere of Kerr BH
21. Fabian 1976 DISK NS rustquake shoks NS surfae
22. Chanmugam 1976 DISK ares from magnetized WD via MHD instability
23. Mullan 1976 DISK Thermal radiation from ares near magnetized WD
24. Woosley et al. 1976 DISK Carbon detonation from areted matter onto NS
25. Lamb et al. 1977 DISK Mag grating of aret disk around NS auses sudden aretion
26. Piran et al. 1977 DISK Instability in aretion onto Kerr BH
27. Dasgupta 1979 SOL Charged intergal rel dust grain enters sol sys.
28. Tsygan 1980 DISK WD/NS surfae nulear burst auses hromospheri ares
29. Ramaty et al. 1981 DISK NS vibration heat atm to pair produe, annihilate, syn ool
30. Newman et al. 1980 DISK Asteroid from interstellar medium hits NS
31. Ramaty et al. 1980 HALO NS ore quake aused by phase transition, vibrations
32. Howard et al. 1981 DISK Asteroid hits NS, B-eld onnes mass, reates high temp
33. Mitrofanov et al. 1981 DISK Helium ash ooled by MHD waves in NS outer layers
34. Colgate et al. 1981 DISK Asteroid hits NS, tidally disrupts, heated, expelled along B lines
35. van Buren 1981 DISK Asteroid enters NS B-eld, dragged to surfae ollision
36. Kuznetsov 1982 SOL Magneti reonnetion at heliopause
37. Katz 1982 DISK NS ares from pair plasma onned in NS magnetosphere
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38. Woosley et al. 1982 DISK Magneti reonnetion after NS surfae He ash
39. Fryxell et al. 1982 DISK He fusion runaway on NS B-pole helium lake
40. Hameury et al. 1982 DISK e-apture triggers H ash triggers He ash on NS surfae
41. Mitrofanov et al. 1982 DISK B indued ylo res in rad absorp giving rel e-s, IC sat
42. Fenimore et al. 1982 DISK BB X-ray IC sat by hotter overlying plasma
43. Lipunov et al. 1982 DISK ISM matter aum at NS magnetipause then suddenly arets
44. Baan 1982 HALO Nonexplosive ollapse of WD ito rotating, ooling NS
45. Ventura et al. 1983 DISK NS aretion from low mass binary ompanion
46. Bisnovatyi- et al. 1983 DISK Neutron rih elements to NS surfae with quake, undergo ssion
47. Bisnovatyi- et al. 1984 DISK Thermonulear explosion beneath NS surfae
48. Ellision et al. 1983 HALO NS orequak & uneven heating yield SGR pulsations
49. Hameury et al. 1983 DISK B-eld ontains matter on NS ap allowing fusion
50. Bonazzola et al. 1984 DISK NS surfae nu explosion auses small sale B reonnetion
51. Mihel 1985 DISK Remnant disk ionization instability auses sudden aretion
52. Liang 1984 DISK Resonant EM absorp during magneti ares gives hot syn e-s
53. Liang et al. 1984 DISK NS magneti elds get twisted, reombine, reate ares
54. Mitrofanov 1984 DISK NS magnetosphere exited by starquake
55. Epstein 1985 DISK Aretion instability between NS and disk
56. Shlovskii et al. 1985 HALO Old NS in Galati halo undergoes starquake
57. Tsygan 1984 DISK Weak B-eld NS spherially aretes, Comptonizes X-rays
58. Usov 1984 DISK NS ares result of magneti onvetive-osillation instability
59. Hameury et al. 1985 DISK High Landau e-s beamed along B lines in old atm of NS
60. Rappaport et al. 1985 DISK NS & low mass stellar ompanion gives GRB + optial ash
61. Tremaine et al. 1986 DISK NS tides disrupt omet, debris hits NS next pass
62. Muslimov et al. 1986 HALO Radially osillating NS
64. Sturrok 1986 DISK Flare in the magnetosphere of NS aelerates e-s along B-eld
65. Pazy«ski 1986 COS Cosmo GRBs: rel e−e+ opt thk plasma outow indiated
66. Bisnovatyi- et al. 1986 DISK Chain ssion of superheavy nulei below NS surfae during SN
67. Alok et al. 1986 DISK SN ejets strange mat lump raters rotating SS ompanion
68. Vahia et al. 1988 DISK Magnetially ative stellar system gives stellar are
69. Babul et al. 1987 COS energy released from usp of osmi string
70. Livio et al. 1987 DISK Oort loud around NS an explain SGRs
71. MBreen et al. 1988 COS G-wave bkgrd makes BL La wiggle aross galaxy lens austi
72. Curtis 1988 COS WD ollapse, burns to form new lass of stable partiles
73. Melia 1988 DISK Be/X-ray binary sys evolves to NS aretion GRB with reurrene
74. Ruderman et al. 1988 DISK e−e+ asades by aligned pulsar outer-mag-sphere reignition
75. Pazy«ski 1988 COS Energy released from usp of osmi string (revised)
76. Murikami et al. 1988 DISK NS & aretion disk reetion explains GRB spetra
77. Melia 1988 DISK Absorption features suggest separate older region near NS
78. Blaes et al. 1989 DISK NS seismi waves ouple to magnetosphere ALfen waves
79. Tromenko et al. 1989 COS Kerr-Newman white holes
80. Sturrok et al. 1989 DISK NS E-feild aelerates eletrons whih then pair asade
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81. Fenimire et al. 1988 DISK Narrow absorption features indiate small old area on NS
82. Rodrigues 1989 DISK Binary member loses part of rust
83. Pineault et al. 1989 DISK Fast NS wanders though Oort louds, fast WD bursts only optial
84. Melia et al. 1989 DISK Episodi eletrostati ael and Comp sat from rot high-B NS
85. Tromenko 1989 COS Dierent types of white, "grey" holes an emit GRBs
86. Eihler et al. 1989 COS NS-NS binary ollide, oalese
87. Wang et al. 1989 DISK Cylo res & Raman sat ts 20, 40 keV dips, magnetized NS
88. Alexander et al. 1989 DISK QED mag resonant opaity in NA atmosphere
89. Melia 1990 DISK NS magnetospheri plasma osillations
90. Ho et al. 1990 DISK Beaming of radiation neessary of magnetized NS
91. Mitrofanov et al. 1990 DISK Interstellar omets pass through dead pulsar's magnetosphere
92. Dermer 1990 DISK Compton sat in strong NS B-eld
93. Blaes et al. 1990 DISK Old NS arets from ISM, surfae goes nulear
94. Pazynski 1990 COS NS-NS ollision auses neutrino ollisions, drives super-Ed wind
95. Zdziarski et al. 1991 COS Sat of mirowave bakground photons by rel e-s
96. Pineault 1990 DISK Young NS drifts through its own Oort loud
97. Tromenko et al. 1991 HALO White hole supernova gave simulatanous burst of GW from 1987A
98. Melia et al. 1991 DISK NS B-eld undergoes resistive tearing, aelerates plasma
99. Holomb et al. 1991 DISK Alfven waves in non-uniform NS atmosphere aelerate partiles
100. Haensel et al. 1991 COS Strange stars emit binding energy in grav rad and ollide
101. Blaes et al. 1991 DISK Slow interstellar aret onto NS, e- apture starquakes
102. Frank et al. 1992 DISK Low mass X-ray binary evolve into GRB sites
103. Woosley et al. 1992 HALO Areting WD ollapsed to NS
104. Dar et al. 1992 COS WD arets to form naked NS, GRB, osmi rays
106. Hanami 1992 COS NS-planet magnetospheri interation unstable
107. Mészáros et al. 1992 COS NS-NS ollision produes anisotropi reball
108. Carter 1992 COS Normal stars tidally disrupted by AGN BH
109. Usov 1992 COS WD ollapses to form NS, B-eld brakes NS rotation instantly
110. Naryan et al. 1992 COS NS/BH-NS merge gives optially thik reball
111. Bzainerd 1992 COS Syn emission from AGN jets
112. Mészáros et al. 1992 COS NS/BH-NS have neutrinos ollide to gamms in lean reball
113. Cline et al. 1992 DISK Primordial BHs evaporating ould aount for short bursts
114. Frank et al. 1992 DISK Low mass X-ray binary evolves into GRB sites
115. Eihler et al. 1992 HALO Hgih vel halo pulsars arete after being kiked from disk
116. Eihler et al. 1992 HALO WD mergers yield GRBs
117. Blaes et al. 1992 GAL old NS aretes from mol loud, R-T instab at rust
118. Melia et al. 1992 COS Crustal adjustments by extragal radio pulsars
119. Shramm et al. 1992 COS Conversion of NS to strange star lose to AGN
120. Hojman et al. 1993 HALO NS popul at MW halo bdry expeted by hydro density jump
121. Thompson et al. 1993 COS Sudden NS onvetion with high B drives e-pairs, gammas
122. Smith et al. 1993 DISK e-beams ael by E-eld near NS with high B
123. Fatuzzo et al. 1993 COS Alfven waves ael partiles whih upsat soft photons
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124. Bisnovatyi- 1993 GAL Absorption by loud of heavy elements around NS
125. MBreen et al. 1993 COS Relativisti jets from oooned AGN
126. Woosley 1993 COS Spinning W-R star ollapse, ollaspar model
127. Kundt et al. 1993 GAL Spasmodi NS aretion auses beamed ooling sparks
128. Cheng et al. 1993 GAL NS glith reignites magnetosphere of dead pulsar
129. Media et al. 1993 COS NS strutural readjustments explain both SGRs and GRBs
130. Thompson 1994 COS Compton upsattering by mildly relativisti Alfvén turbulene
131. Cheng et al. 1996 COS Conversion of NSs to stranger stars (detailed)
132. Ma et al. 1996 COS Phase transion of NS, super-giant glith
133. Katz 1997 COS Dierent rotation pulsars, BH-thik disk model
134. Pazy«ski 1998 COS Star-Formation, Collaspar & BZ eet
135. Kluzniak 1998 COS Dierential rotating magnetar, buoyant instability
136. Dai et al. 1998 COS Dierential rotating stranger stars
137. Vietri et al. 1998 COS Supranova model
138. Spruit 1999 COS GW and buoyany instab in magnetized NS in X-ray binaries
139. MaFadyen 1999 COS Collaspar model (detailed simulation)
140. Popham et al. 1999 COS Numerial model of hyperareting BHs
141. Ruderman et al. 2000 COS WD ollapses to a dierent rotating NS (advaned)
142. Wheeler et al. 2000 COS UMHDW jet from NS drives shoks and generates GRBs
143. Ouyed et al. 2001 COS Quark-Nova, aretion onto quark stars
144. Fryer et al. 2001 COS Collapsar ours for massive metal-deient rst generation stars
145. MaFadyen et al. 2002 COS "Type II ollaspar", delayed BH forms by fallbak of materials
146. Konigl et al. 2002 COS An assoiation of PWBs with GRBs failitate ollimation
147. Thompson et al. 2004 COS Magnetars spin down aeted by neutrino-ooled wind
148. MaFadyen 2005 COS BH disk in binary systems to produe X-ray ares
149. Dar 2005 COS Beamed spike of burst ares of SGRs as SHBs
150. Pazynski 2005 COS Quark stars, surfae helps to produe ultrarelativisti outow
151. Metzger et al. 2007 COS Extended emission of short bursts from protomagnetar spin-down
152. Lu et al. 2008 COS Tidal disruption of a star by an IMBH
153. Zhang et al. 2008 COS Hyperareting onto neutron stars as the entral engine
155. Kumar et al. 2008 COS Fall-bak aret of the stellar envelope produe the X-ray light
Table 1.1: A list of GRB models from 1968 to the end of 2008,
whih inludes more than 150 models. The models before 1993 has
been listed in Nemiro (1993). Here COS" refers to a osmologial
distane, DISK" refers to the disk of our Galaxy, HALO" refers
to the halo of our Galaxy.
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1.2.1 Galati Models
In this subsetion, I introdue various types of Galati GRB models. A shorter
brief review an be found in Vedrenne & Atteia (2009). Here I try to give a more
detailed review.
 Stellar Flares
GRBs were rst onsidered as ares from stellar or ompat objets just after
their disovery. Steker & Frost (1973) suggested the possibility that GRBs are
due to the stellar superares from nearby stars or white dwarfs, as they thought
supernovae model showed by Colgate (1968) was not able to explain the observation
data of GRBs. Then Berher & Morrison (1974) followed them to onsider the
stellar ares providing the energy of bursts with direted beams of inverse Compton
sattering to provide γ-rays; Vahia et al. (1988) ompared GRBs with solar hard
X-ray ares and suggested GRBs originate from solar like ativity. On the other
hand, ares on ompat objets were more ommonly suggested,as the they ould
be muh hotter, denser with several orders of magnitude higher energy than the
stellar ares. Some researhers disussed that GRBs are thermal (Mullan 1976)
or synhrotron radiation (Chanmugan 1974, 1976) from ares on magneti white
dwarfs, whih are aused by onvetive instabilities under ertain onditions. Liang
(1984), Liang et al. (1984) and Usov (1984) disussed ares of neutron stars with
magneti elds from 1012 to 1014G. Neutron star ares ould be the results of twist
and reombination of magneti elds or onvetive-osillation instability.
These authors mentioned above all onsidered ares are aused by instabilities
(e.g. onvetive instability) inside normal or ompat objets, and the energy of
GRBs is provided by the magneti elds. Areting proess will probably also ause
ares, but we onsider this situation in the aretion models. However, are model
is diult to explain the temporal struture of GRBs with variability on time sales
∼ 0.1 s, unless the energy propagation and radiation mehanism are well studied.
 Starquakes
Paini & Ruderman (1974) rst proposed that GRBs are emitted due to the
magnetospheri ativity related to glithes from a population of old, slowly spin-
ning neutron stars. The starquake and glith model have greatly beneted from
observations of energeti glithes in the Crab and Vela radio pulsars sine they were
rst observed in 1969 (Pines et al. 1974). The glithes and their theoretial mod-
els allowed a better understanding of the oupling between the superuid ore and
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the neutron star rust. Tsygan (1975) disussed that GRBs from neutron star vi-
brations exited by orequakes. Fabian et al. (1976) suggested that based on the
loal hypothesis, up to 1039 ergs of elasti energy might be released in a neutron
star rustquake via sound wave transformation into a surfae shok aused by the
rustquake. Later Ramaty et al. (1980) proposed a vibrating neutron star in the
Large Magellani Cloud with a energy of 1038 erg is the orgin of GRB 790505, whih
was laimed to be observed in a supernova remnant. Ellison & Kanzanas (1983)
elaborated on this model by examining the overall energeti and harateristi of
the shoks produed by the neutron star orequake. The temperature in the shok
ould be suient high to produe γ-rays. The starquake models were last rened by
Blaes et al. (1989) by onsidering the eet of neutron star seismi waves oupling
to the magnetospheri Alfvén waves with the limit of magneti elds strength.
The lak of gamma-ray bursts observation in oinidene with the glithes in
the radio pulsars (e.g., Vela and Crab pulsar) was a problem of the starquake model.
Paini & Ruderman (1974) argued that gamma-ray bursts might only be deteted
from the nearby pulsars. Another problem was that the birth rate of galati neu-
tron stars is muh less than the GRB rate. As a possible explanation, we need eah
neutron star to produe at least 103 bursts during its lifetime. However, no repeti-
tions were deteted. Blaes et al. (1989) disussed that the elasti energy stored by
the neutron star rust, whih is suient for a single burst, should be replenished
to supple many bursts. However, the elaborate mehanism was not established.
 Aretion onto Neutron Stars
Aretion onto neutron stars was ommonly onsidered as the soures of GRBs
before the BATSE era. Various aretion proesses were suggested with dierent
eets: aretion materials, suh as omets, asteroids, planets around the star,
ould diretly impat onto the star surfae; or aretion materials may form a disk
around the ompat objet, as usually mentioned in a binary system, or the dis-
rupted omets, asteroids or planets by tidal fore. GRBs ould ome from the
instability-indued aretion from disks, sudden and single aretion, or thermonu-
lear outbursts in the surfae layer of neutron stars via areting nulear ues. Here
I introdue these various seneios as follows.
Lamb et al. (1973) suggested the binary environment that GRBs may origi-
nate from ourrenes of aretion onto ompat objets in binary systems, where
aretion matter ould be provided by ares from stellar ompanions. The funtion
of stellar ares in the binary senario of their work is quite dierent from that in
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Steker & Frost (1973), who showed the possible that GRBs are from ares diretly.
Later Lamb et al. (1977) studied the magnetospheri instabilities of neutron star
in the ase of spherially symmetri aretion, whih an produe bursts variability
(∼ 0.1− 1 s) and durations (∼ 1− 100 s). Aretion instabilities were also studied
by Mihel (1985) and Epstein (1985). On the other hand, based on deep sky surveys
in the X-ray and optial wavelengths, Ventura et al. (1983) gave the upper limit of
X-ray luminosity of GRBs for Galati model (< 1031 ergs s−1), and showed that the
ompanion of a GRB would have to be a low mass objet if GRBs are from binary
systems. Following their work, Rappaport & Joss (1985) pointed out that optial
ashes may be assoiated with GRBs and be deteted by ground-based telesopes
2
.
The evolution of low mass X-ray binaries was disussed by Frank et al. (1992), who
rened the binaries with short orbital periods (∼ 10hr) as the possible sites of some
GRBs.
In the binary model, the soure of aretion matter is from the stellar om-
panion, and GRBs are usually produed from the aretion instability. Another
aretion model, whih was rst proposed by Harwit & Salpeter (1973), proposed
that the areted material onto a neutron star omes from a omets, an asteroid a
planet or interstellar matter, and the sudden aretion auses the gamma-ray tran-
sient event. However, the frequeny of omet impat on the ompat objet diretly
is muh lower than the GRB events (Guseinov & Vanýsek 1974). Tidally disrupted
omet and rain down falling" proess was then studied by Tremaine & ytkow
(1986). Pineault and Poisson (1989) onsidered the senario that a neutron star
wanders though a omet ould, whih is not the neutron star's own, but belongs to
another unrelated star. They predited that GRBs are provided in the star forma-
tion rate, where usually have dense omet louds; and omet areting onto a white
drawft may ause a "optial ash". On the other hand, the ollision between an
asteroid and a neutron star was also studied as the possible mehanism to provide
bursts (Newman and Cox 1980; Howard et al. 1981; Colgate and Petshek 1981;
van Buren 1981). The asteroid ould interat with the strong magneti eld near
the neutron star surfae, then to be disrupted, heated and dragged onto the neutron
star; the kinemati energy of asteroid is radiated via Alfvén wave. However, the
probability of asteroid or planet ollision is even muh lesser than omet ollision.
Besides the aretion instability and sudden ollision senario, the thermonu-
2
However, X-ray and optial afterglow had not been deteted for deades until the BeppoSAX
era.
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lear model was studied rst by Woosley & Taam in 1976. Magnetized neutron
stars may arete hydrogen and helium at 10−10M⊙yr−1 from a ompanion or dense
loud or nebula, and aumulate these nulear fuels in the polar aps of ∼ 1010 m2.
Compression ours and fusion reations make hydrogen bursts through CNO yle,
and a arbon shell is formed and ooled via neutrino emission. When the density
at the base of the arbon layer reah ∼ 2× 109g m−3, this arbon layer annot be
ooled eiently, whih leads to arbon detonations within a timesale of ∼ 1ms.
The energy released in this thermonulear runaway is then transported up to the
atmosphere via instabilities and onvetion mehanisms, and be ooled by emitting
neutrinos and gamma-rays in times < 1s. Mitrofanov & Ostryakov (1981) showed
that thermonulear energy ould be transported via MHD waves (e.g., Alfven wave)
in strong magneti elds. Later Woosley & Wallae (1982) onsidered He ash
with the temperature ∼ 108 K on the neutron star surfae as the energy of bursts,
and γ-ray emission omes diretly from the magnetially onned photosphere and
from relativisti eletrons aelerated by magneti reombination. He ash proess
and energy transportation in the magneti elds were next disussed by Fryxell &
Woosley (1982) and Hameury et al. (1982). Moreover, Blaes et al. (1990) intro-
dued a pynonulear model: GRBs are from neutron stars areting interstellar gas
at a rate ∼ 1010 g s−1. The slow aretion rate auses hydrogen and helium to burn
through pynonulear reations, and the metastable layers of rust lying deep below
the stellar surfae provides the nulear energy and nally produes GRBs.
Thermonulear model had been previously used with suess to explain type-I
X-ray bursts or rapid X-ray transients. For these various phenomena the are-
tion rate and the magneti elds strength of the neutron star play a deisive role.
Similarly, the novae attributed to white dwarfs are also explained by thermonulear
runaways, after aumulation of a ertain amount of matters. Therefore, the ther-
monulear model was used to be onsidered as the "better" explanation for GRBs
for years. On the other hand, the absene of optial or X-ray ounterparts of the
GRBs also presents the serious diulty for this model
3
.
 Aretion onto Blak Holes
Although GRBs were usually onsidered as assoiating with outburst ativities
of the neutron stars in 1970s and 1980s, areting blak holes were also pointed out
as the possible soures of GRBs in 1970s by Piran and Shaham (1975, 1977). They
3
Please note, ounterparts mentioned here do not mean afterglows but the GRB-like events
radiate optial or X-ray transients.
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proposed that γ-rays are produed during the ourrene of instabilities in aretion
of matter onto rapidly rotating blak holes, when the infalling X-ray photons, whih
are produed in the X-ray binary systems, are Compton sattered by tangentially
moving eletrons deep in the ergosphere of the rotating blak hole via the Penrose
mehanism. This model requires GRBs to be assoiated with X-ray binaries, but no
observation evidene shows suh assoiation. On the other hand, the disovery of
ylotron lines by Konus and Ginga greatly suggested the magnetized neutron stars
as the gamma-ray bursters. It was not until BATSE ear areting blak hole model
was reonsidered in the ollaspar senario, when neutrino annihilation proess or
Blandford-Znajek eet instead of Pernose mehanism are more ommonly studied
as the mehanisms to provide the energy and of GRBs.
 Collapse of White Dwarfs
Baan (1982), Woosley and Baron (1992) disussed the senario that GRBs are
from the ollapse of white dwarfs. An areting white dwarfs may be pushed to
the Chandrasekhar mass and explodes to probe a Type Ia supernova. However,
when the ore evolves to a high density & 1010g m−3 prior to arbon ar neon
ignition, the white dwarf ould ollapse diretly to a neutron star without nulear
explosions. Baan (1982) suggested that a GRB is due the the initial rapid ooling
of the surfae of the newly formed neutron star. However, in most ases the ooling
lighturve annot explain the temporal proprieties of GRB lighturves. Woosley and
Baron (1992) disussed the proess of neutrino emission and annihilation during the
ollapse with wind 0.005M⊙ s−1, and showed that aretion-indued ollapse of a
white dwarf annot be aompanied by a GRB at osmologial distane, while suh
ollapses might be deteted with γ-ray transient emissions within our Galaxy. Later
aretion-indued ollapse model was reonsidered for GRB model in osmologial
distane, as researhers studied another ollapse proess: neutron star ollapse to a
blak hole.
1.2.2 Cosmologial Models
Cosmologial GRB models have been reviewed by many authors (e.g., Piran 2005;
Mészáros 2006; Woosley & Bloom 2006; Nakar 2007). However, we distinguish the
onepts of GRB progenitors" and GRB entral engines". The GRB progenitors
evolve to beome GRB entral engines in a short period of time, and the entral
engines diretly provide the energy of GRBs. For example, a ollapsar or a massive
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ollapse star without immediate supernova explosion is a GRB progenitor in the
ollapsar senario, while the diret entral engine is the new formed areting blak
hole system. The ompat objet binaries and their mergers are the progenitors
of short-bursts, while the diret entral engines are also also the areting blak
holes. In some models, on the other hand, the progenitors are the same as the
entral engines, suh as the old magnetar and neutron star model. In this setion
we fous on the GRB progenitor models, not the entral engines. Therefore we do
not mention the areting blak holes
4
, but disuss the magnetars.
 AGN Models
Based on the reball senario and internal shok model, the GRB short time
variability time sale is determined by the ativity of the "inner engine", and δt ∼
1ms disussed a ompat stellar soure. However, large sale models suh as AGN
models had also been disussed. MBreen & Metalfe (1988) suggested that the
lensed GRB soures are probably BL La objets. The utuations in the position
of a BL La objet originating in a stohasti bakground of gravitational wave
intensies the image of this soure and give rise to GRBs. Later MBreen et al.
(1993) suggested gravitational lensing as the important tests of the theory that the
GRB soures are loated at osmologial distane. However, it is quite doubtful
whether the gravitational wave stohasti utuation eet ould explain the radio
of GRBs ourrenes. Carter (1992) studied proess of a normal stellar being tidally
disrupted by AGN enter blak hole, whih would give rise to GRBs; and Brainerd
(1992) onsidered synhrotron emission from AGN jets as the radiation mehanism
of GRBs. Yes, there are many similar physial aspets between AGN and GRB
models. However, there is no observation that GRBs are assoiated with AGNs,
and no repeating and transient GRBs are deteted from the AGN, whih might be
expeted to have repeating bursts in theory.
 NS-NS and NS-BH Mergers
Neutron star binary mergers (NS-NS) or neutron star-blak hole mergers (NS-
BH) our inevitably when binary systems spiral into eah other as a result of
damping of gravitational radiation. The Galati merger rate is of the order of 10−6−
10−5 yr−1, or 200-3000 Gp−3yr−1, whih is suient to explain the bursts rate. GRB
is suggested not produed during the merger proess diretly, but by the aretion
proess in the new-formed aretion disk-stellar massive blak hole system, whih is
4
The mergers between a neutron star and a blak hole is a exeption. The blak hole/neutron
star binary is a GRB progenitor.
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the ommon outome of both NS-NS and NS-BH mergers and the diret engines of
GRBs. The possibility of two neutron star mergers as a GRB energy soure was rst
mentioned by Pazy«ski (1986), Goodman (1986) and Goodman et al. (1987), who
disussed 1053ergs as the binding energy of a neutron star(NS), and the neutrino-
antineutrino annihilation proess may our in the merging irumstanes. Eihler
et al. (1989) disussed the oalesing neutron stars with nuleosynthesis of the
neutron-rih heavy elements and aompanied neutrino bursts in detail. Pazy«ski
(1990) onsidered that neutron star mergers ould produe a super-Eddington wind,
aelerate it to a relativisti veloity, and release energy via neutrino annihilation
during a few seonds. Next Pazy«ski (1991) also disussed the binary system of
a spinning stellar mass blak hole and a neutron or a strange star at osmologial
distanes as the possible GRB progenitor. Narayan et al. (1992) suggested magneti
Parker instability as well as neutrino annihilation as two dierent mehanisms to
provide the energy for the bursts, whih as the results of NS-NS or NS-BH mergers.
On the other hand, the Blandford-Znajek mehanism Blandford & Znajek 1977)
for extrating the spin energy of the stellar massive blak hole was also mentioned
as the possible MHD proess to provide energy of GRBs (Nakamura et al. 1992,
Hartmann & Woosley 1995).
However, there are several problems should be pointed out for the NS-NS (NS-
BH) model. Some have been explained but others are still unanswered. First of
all, the idea that GRBs energy are produed via νν¯ → e−e+ → γγ mentioned
above was used to be ritiized as not an eient soure of GRBs (e.g. Jaroszynski
1996). Mészáros & Rees (1992a, 1992b) suggested that e−e+ pair reball must be
anisotropi, beause the merger proess and tidal heating generate a radiation-driven
wind, and blow o energy matter before the e−e+ pair plasma aquires a high Lorentz
fator exept along the binary rotation axis, where the baryon density is low and an
ultrarelativisti pair plasma ould esape. The seond problem is about the typial
photon signature time sale of the merger or the aretion proess. Narayan et al.
(2001) showed that the areting neutrino-dominated aretion disk formed after
merger is unlikely to produe long bursts
5
. In other words, ompat objet mergers
ould only explain short GRBs. This idea has been ommonly aepted today.
5
However, if the aretion disk system is formed in the environment of ollaspar, the aretion
matter is provided by the stellar envelope, and the aretion time-sale is determined by the fallbak
time-sale of the ollapsar. Therefore, the aretion time-sale for ollapsar is muh longer than
the disk formed via mergers.
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However, an additional problem for the short GRBs is the disrepany between the
inferred lifetime distribution of the merging systems and the reent observed lifetime
distribution of short bursts. The type of NS-NS systems in our Galaxy has a typial
lifetime of ∼ 100Myr, while the distribution of short bursts is usually at least several
Gyr old (Nakar 2007).
 Collapsar Model
The ollapsar model is one of the popular model for long GRBs after the dis-
overy of GRB-supernovae assoiation. Collapsars are rotating massive stars whose
iron ore eventually ollapses to form a blak hole and a thik disk around that hole.
This model was rst onsidered as the "failed Type Ib supernovae" (Woosley 1993):
stars heavier than 35 ∼ 40M⊙ are thought to lose their hydrogen envelope before
dying, and the relatively bigger iron ores prevent the stars from explosion. The
unsuessful outgoing shok after the iron ore rst ollapse leads the areting ore
further ollapses to a blak hole, surrounded by a neutrino-ooled dense disk.A pair
reball is generated by neutrino annihilation and eletron-neutrino sattering, and
provides enough energy to a GRB. However, the disovery of GRB-supernovae as-
soiation showed the relation between GRBs and the ollapses of massive stars, and
required the "failed supernovae" to beome "suessful supernovae (hypernovae)".
The energy of supernovae is onsidered to be provided by the outows from the
aretion disks. MaFadyen & Woosley (1999) disussed the ontinued evolution of
rotating helium star using a 2-D hydrodynamis simulation. A ompat disk ould
form when the stellar speial angular momentum j satised 3×1016 ≤ j ≤ 2×1017.
The gravitational binding energy of the aretion system an be eiently released
by neutrino or MHD proesses, and provides the energy of a relativisti jet and
then the GRB phenomena. Later MaFadyen et al. (2001) suggested a new type of
ollapsar (Type II ollaspar), wherein the enter blak hole forms after some delay,
owing to the fallbak of material that initially moves outwards, but fails to ahieve
esape veloity. On the other hand, The standard ollapse, whose blak hole forms
promptly due to the unsuessful outgoing shok, is alled as Type I ollapsar. The
aretion rate in Type II ollapsars is lower than that in Type I ollapsars, and the
jet should be produed via MHD proesses only for suh low aretion rate. Fryer
et al. (2001) disussed a third type of ollapsar, whih ours for extremely massive
metal-deient stars (∼ 300M⊙) existed in the rst generation stars. These ollapses
ould produe a 1054ergs jet and beome the possible soures of some high-redshift
GRBs. Furthermore, Zhang, Woosley et al. (2003, 2004) examined the propagation
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and breakout of relativisti jets produed in the ollapsar aretion proess thought
the massive Wolf-Rayet stars using 2-D and 3-D simulations. The jet propagation
and breakout produes a variety of high-energy transients, ranging from X-ray ares
to lassial GRBs.
However, ollapsar model also faes some problems. For example, it requires
an unusually larger amount of angular momentum in stellar inner regions ompared
to the ommon pulsars. Woosley & Heger (2006) suggested the very rapid rotating
massive stars might result from mergers or massive transfer in a binary, and single
stars that rotate unusually rapidly on the main sequene. However, suh stars
might still retain a a massive hydrogen envelope and produe Type II, not Type I
supernovae. Yoon & Langer (2005) onsidered the evolution of massive magneti
stars where rapid rotation indues almost hemially homogeneous evolution. Fryer
& Heger (2005) and Fryer et al. (2007) disussed that single stars annot be the
only progenitor for long bursts, but binary progenitors an math the GRB-SNe
assoiation observational onstraints better. I will disuss the ollapsar model more
detailed in 1.3.
 Magnetar Model
Magnetized neutron stars and magnetars as the soures of osmologial GRBs
was st disussed by Usov (1992), who onsidered that suh NSs are formed by
aretion-indued-ollapse of highly magnetized WDs with surfae magneti elds
∼ 109 G. These new formed rapidly rotating NSs or magnetars would lose their
rotational kineti energy atastrophially on a timesale of seonds or less via ele-
tromagneti or gravitational radiation. An eletron-positron (e−e+) pairs plasma
would be reated by the unstable strong eletri elds whih is generated by the
rotation of the magneti elds. This e−e+ plasma ows away from the NS at rela-
tivisti speeds and may produe GRBs. Dunan & Thompson (1992) also suggested
that GRBs are powered by AIC magnetars with their vast reservoirs of magneti
energy. They disussed that the strong dipole magneti elds in magnetars, whih
ould reah to ∼ 3 × 1017 G in priniple, an be generated by vigorous onve-
tion and the α − Ω dynamo mehanism during the rst few tens of seonds after
the NS formation. Klu¹niak & Ruderman (1998) disussed a "transient magnetar"
model. The energy stored in the dierential rotation is extrated by the proesses
of wounding up and ampliation of toroidal magneti elds. Magneti buoyany
drives magneti elds aross the NS surfae, making NS to be a transient magnetar
and release the magneti energy via reonnetion. Suh proess an repeat several
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times in the NS. Ruderman et al. (2000) estimated the buoyany timesale of eah
time is of the order 10−2 s, whih may assoiate with the temporal lighturve stru-
ture of GRB prompt emissions. The surfae magneti multipoles (∼ 1017 G) in
the "transient magnetar" phase is suppressed by surfae shearing from dierential
rotation and provide the energy of sub-bursts. Spruit (1999) onsidered the similar
buoyany mehanism to produe GRBs, while he suggested the NS in an X-ray bi-
nary environment, spin up by aretion, loss angular momentum via gravitational
wave radiation, and generate strong dierential rotation. Dai et al. (2006, see also
Gao & Fan 2006) suggested the similar magneti ativity to produe the early after-
glow phenomena suh as X-ray ares. Reently Metzger et al. (2008) argued that
extended emission of short-hard GRBs (e.g. GRB 060614) is form the spin-down of
magnetars.
A neutrino-driven thermal wind is dominated during the Kelvin-Helmholtz
(KH) ooling epoh after the NS formation, lasting from few seond to tens of
seonds depending on the strength of surfae elds. After that, magneti or Poynt-
ing wind beomes dominated (Wheeler et al. 2000; Thompson 2003; Thompson et
al. 2004). While a Poynting ux dominated ow may be dissipated in a regular
internal shoks. Usov (1994) and Thompson (1994) disuss a sheme in whih the
energy is dissipated from the magneti eld to the plasma and then via plasma
instability to the observed γ-rays outside the γ-rays photosphere at ∼ 1013 m.
At this distane the MHD approximation of the pulsar wind breaks down and in-
tense eletromagneti waves are generated. The partiles are aelerated by these
eletromagneti waves to Lorentz fators of 106 and produe the non thermal spe-
trum. Wheeler et al. (2000) onsidered the magnetar senario with the generation
of ultra-relativisti MHD waves (UMHDW), not the traditional Alfvén waves. If a
UMHDW jet is formed it an drive shoks propagating along the axis of the initial
matter jet formed promptly during the proto-NS phase. The shoks assoiated with
the UMHDW jet ould generate GRBs by a proess similar in the ollapsar senario.
The origin of ollimated relativisti jets form magnetars was onsidered by Königl &
Granot (2000) by analogy to pulsar wind nebulae (Begelman & Li 1992), that the in-
teration of wind from the spinning-down magnetar with the surrounding star ould
failitate ollimation. Buiantini et al. (2007, 2008, 2009) presented semi-analyti
alulations and relativisti MHD simulations to show the magnetized relativisti
jets formation and propagation. However, they only arried out low Lorentz fator
less than 15 in their simulations. Jets from magnetars may be aelerated to higher
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Lorentz fator ∼ 100− 103 at large radius several tens of seonds after ore boune
(Thompson et al. 2004; Metzger et al. 2007). Therefore, long-term simulations of
magnetized jets propagation is still needed in the future.
 Quark Stars and Strange Stars
A quark star or strange star is a hypothetial type of exoti star omposed of
quark matter, or strange matter. These are ultra-dense phases of degenerate matter
theorized to form inside partiularly massive neutron stars. However, the existene
of quark stars has not been onrmed by astrophysial observations. The quark
stars or strange stars have been onsidered as the GRB progenitors sine Shramm
& Olinto (1992), who rst briey disussed the possibly of onversion of neutron
stars to strange stars, i.e., hadrons to quarks as the origin energy soure of GRBs.
Cheng & Dai (1996) disussed the phase transition in the low-mass X-ray binaries
environment, while Shramm and Olinto (1992) lose to an AGN. The thermal
energy released in the phase ∼ 1052 ergs transition is mainly ooled by neutrino
emission, and reball is produed by the proess of γγ → e−e+ (Cheng & Dai
1996). On the other hand, Ma & Xie (1996) disussed the phase transition proess
to produe the quark mass ore and a super-giant glith of the order ∆Ω/Ω ∼
0.3, whih ould provide suient energy for GRBs in osmologial distane and
SGRs in Galati distane. Following the neutron model of Kluzniak and Ruderman
(1998), Dai & Lu (1998b) disussed the dierentially rotating strange stars with the
buoyany instability as the soures of GRBs. Ouyed et al. (2002a, 2002b) suggested
a model (quark-nova) in whih the engine both for short and long bursts is ativated
by the aretion onto a quark star, whih is formed in the ore of a neutron star.
Later the proess of "quark-nova explosion" (e.g. Ouyed et al. 2007, 2009), i.e.,
the ejetion of the outer layer of the neutron star was studied, while the interation
between the quark-nova ejet and the ollapsar enveloped is showed to be possible to
produe both GRBs. However, it is questionable today whether a single model ould
explain both short bursts and long bursts, whih have quiet dierent proprieties and
loated in dierent host galaxies. Pazy«ski and Haensel (2005) showed that the
surfae of quark stars ould ats as a membrane and allows only ultrarelativisti
matters to esape, and generate outows with large bulk Lorentz fators (> 300).
The outome of most quark star and strange star models is the release of a
large amount of energy within a short time, whih an provide the GRBs energy
in osmologial distane. However, the main problem today is that the existene of
quark stars has not been proofed. Most models shows the properties and ativities
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of quark stars, but seldom predits the "key phenomena" for GRBs, whih ould
distinguish between the quark star ativity and other ompat star ativity. It is
probably we need to determine the existene of quark stars in other astrophysis
elds and then go bak to see the observation eets of them in GRBs.
 Non-standard Physial Models
Astronomers usually like to hoose theoretial models whih are based on on-
rmed physis laws and theories. Models that inorporate astronomial objets
whih are not know to exist are not enouraged at least today. Few astronomer
will believe these models until the related speulation physis theories are widely
aepted and the very observational features predited by the models an be on-
rmed. Reent developed physis theories ould no doubt prompt the development
of theoretial astrophysis, whih is atually part of physis. However, astrophysis
should always based on the observation events rst, not on physis theories, other-
wise we will be probably get lost". In addition to the models of ollapsar, ompat
objets mergers, magneti elds ativities and other ommonly aepted astrophys-
ial proesses, there are also several speulative GRB models whih are treated less
seriously in urrent state.
A white hole is the theoretial time reversal of a blak hole. Narlikar et al.
(1974) rst proposed that X-ray and γ-ray transient may from while holes. The
spetrum of while hole emission, whih satises a power law of index -3, should soft
with time and hange to be the spetrum of X-ray and γ-ray bursts. Tromenko
(1989) studied the struture of Kerr-Newman white hole in detail, and showed the
appliation in astrophysis, whih inlude explaining GRBs. Moreover, a osmi
string is a hypothetial 1-dimensional (spatially) topologial defet in various elds
predited in theoretial physis. Babul et al. (1987, revised by Pazy«ski in 1988)
showed that the usps of superonduting osmi strings may be possible soures of
very intense and highly ollimated bursts of energy. Cline & Hong (1992), on the
other hand, onsidered the possibility of deteting Galati "primordial blak holes"
(PBH) by short-hard GRBs, as PBHs evaporating (Hawking 1974) ould aount
for short-hard bursts with duration of several milliseonds.
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1.3 Progenitor I: the Collapsar Model
1.3.1 Basi Collapsars Senario
In this setion 1.3, we investigate the ollapsar senario in detail. We lassify
ollapsars into two types based on their dierent ways to form the enter blak holes.
Moreover, we also disuss a third variety of ollapsar ours in the rst generation
massive stars with high redshift and very low metalliity. The lassiation is based
on Woosley, Zhang, & Herger (2002).
Type I Collapsar
A standard (Type I) ollapsar is one where the blak hole forms promptly in a
Wolf-Rayet star, a blue supergiant, or a red supergiant. There never is a suessful
outgoing shok after the iron ore rst ollapses. A star of 30 M⊙ on the main
sequene evolved without mass loss would have a helium ore of the size 10-15 M⊙.
Larger stars that ontinued to lose mass after exposing their helium ore might
also onverge on this onguration, depending on metalliity and the mass-loss rate
hosen. The iron ore in suh a star would be between 1.5 and 2.3 M⊙, depending
upon how onvetion and ritial reation rate are treated. As the ore ollapses,
mass begins to arete from the mantle. If neutrino energy deposition is unable to
turn the aretion around, the hot protoneutron star grows. Typially the aretion
rate is ∼ 0.5M⊙s−1. In a few seonds the ore has lost enough neutrinos, and grown
to suient mass that it ollapses to a blak hole. Material from the mantle and
helium ore ontinue to arete at a rate that delines slowly with time, roughly as
t−1, and depends on the unertain distribution of angular momentum in the star.
The disk forms on a free-fall time sale, 446ρ1/2 ∼ 1s for the stellar mantle, but will
ontinue to be fed as the rest of the star omes in. The polar region, unhindered
by rotation, will ollapse rst on a dynami time sale (∼ 5s), while the equatorial
regions evolve on a visous time sale that is longer. The disk is geometrially thik
and typially has a mass inside 100 km of several tenths of a solar mass.
MaFayden & Woosley (1999) explored in partiular the fate of a 14 M⊙ he-
lium ore from a 35M⊙ main sequene star using a two-dimensional hydrodynamis
ode. The evolution of the massive star an be onsidered in three stages. First
is transient stage lasting roughly 2 s, during whih low angular momentum mate-
rial in the equator and most of the material within a free fall time along the axes
falls through the inner boundary. A entrifugally supported disk forms interior to
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roughly 200(j16/10)
2
km, where j16 ≡ j/(1016) m2 s−1. The density near the hole
and along its rotational axis drops by an order of magnitude. The seond stage is
haraterized by a quasi-steady state in whih the aretion delivers matter to the
hole at approximately the same rate at whih it is fed at its outer edge by the ol-
lapsing star. For 3 ≤ j16 ≤ 20, the disk forms at a radius at whih the gravitational
binding energy an be eiently radiated as neutrinos or onverted to beamed out-
ows by MHD proesses (i.e., BZ proess), and deposit energy in the polar regions
of the enter blak hole. The third stage is the explosion of the star. This ours
on a longer timesale. Energy deposited near the blak hole along the rotation axes
makes jets that blow aside what remains of the star within about 10◦ − 20◦ of the
poles, typially ∼ 0.1M⊙. The kineti energy of this material pushed aside is quite
high, a few 10
51
ergs, enough to blow up the star in an axially driven supernova,
or so-alled hypernova. The properties of the relativisti jet whih produe a GRB
and other high energy transients was studied in detail by Aloy et al. (2000), Zhang
et al. (2003) and Zhang & Woosley (2004). In supergiant stars, ollapsar model
predits the jet breakout also produes X-ray transients instead of GRBs with Type
II supernova (MaFadyen, Woosley & Heger, 2001).
Type II Collaspar
A variation on this theme is the "Type II ollapsar", wherein the blak hole
forms after some delay- typially a minute to an hour, owing to the fallbak of
material that initially moves outwards, but fails to ahieve esape veloity. The time
sale for suh an event is set by the interval between the rst outgoing shok and the
GRB event. The fallbak material onto the ollapsed remnant is about 0.1− 5M⊙,
and turn the ollapsed remnant into a blak hole surrounded by a aretion disk.
The aretion rate, ∼ 0.001− 0.01M⊙ s−1, is inadequate to produe a jet mediated
by neutrino annihilation but is similar to what has been invoked in MHD models for
GRBs. Type II ollapsars should be ommon events, probably more frequent than
Type I. They are also apable of produing powerful jets similar as Type I ones that
might make GRBs. Unfortunately their time sale may be, on the average, too long
for the typial long, soft bursts. If the GRB-produing jets is launhed within the
rst 100 s or so of the initial supernova shok, it still emerges from the star before
the supernova shok has gotten to the surfae, i.e, when the star is still dense enough
to provide ollimation. Their aretion disks are also not hot enough to be neutrino
dominated and this may aet the aretion eieny. Table 1.2 (i.e., Table 3 in
MaFadyen, Woosley & Heger 2001) outlines the diverse phenomena resulting from
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Parameters Type I Type II
Blak hole formation timesale (s) Prompt, τ ≤ 1 Delayed, 30-3000
M˙(M⊙ s−1) 0.1 0.0001-0.01
τaccretion(s) ≈ 10 30-3000
No H envelope (Wolf-Rayet star) tengine > tbo, GRB+Type Ib/ SN tengine > tbo, long GRB+Type Ib/ SN
Small H envelope (Blue supergiant) tengine < tbo, Type II SN; XRT tengine ≥ tbo, long GRB+Type II SN
Large H envelope (Red supergiant) tengine ≪ tbo, Type II SN; XRT tengine ≤ tbo, Type II SN; XRT
Table 1.2: The diverse phenomena resulting from Type I and Type II ollapsar
ourring in stars with with varying radii. All ollapsar SNe are predominantly
jet-powered and therefore asymmetri (MaFayden, Woosley, & Heger 2001).
the two ollapsar types ourring in stars with varying radii, where tengine is the
duration of GRB entral engine, and tbo is the time of jet breakout.
Type III Collapsar
A third variety of ollapsar ours for extremely massive metal-deient star
(above ∼ 300M⊙) that may have existed in the early universe. For non-rotating
stars with helium ore masses above 137 M⊙ (main sequene mass 280 M⊙), it is
known that a blak hole forms after the pair instability is enountered. It is widely
suspeted that suh massive stars existed in abundane in the rst generation after
the Big Bang at red shifts ∼ 5 − 20. Fryer, Woosley & Heger (2001) onsidered
the omplete evolution of two zero-metalliity stars of 250 and 300 M⊙. Despite
their large masses, we argue that the low metalliities of these stars imply negligible
mass loss. Evolving the stars with no mass loss, but inluding angular momentum
transport and rotationally indued mixing, the two stars produe helium ores of 130
and 180 M⊙. Explosive oxygen and silion burning is unable to drive an explosion
in the 180 M⊙ helium ore, and it ollapses to a blak hole. For this star, the
alulated angular momentum in the preosupernova model is suient to delay
blak hole formation. After the blak hole forms, aretion ontinues through a
disk. The mass of the disk depends on the adopted visosity but may be quite large,
up to 30 M⊙ when the blak hole mass is 140 M⊙. The aretion rate through
the disk an be as large as 1 − 10M⊙ s−1. The interation of the 1054 erg jet with
surrounding irumstellar gas may produe an energeti γ-ray transient, but given
the probable redshift and the onsequent timesale and spetrum, this model may
have diulty explaining typial GRBs. The long, hard X-ray ashes rather than
lassial GRBs are expeted for these Type III ollapsars.
Aording to Woosley, Zhang & Heger (2002), the Type I and II ollapsar
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model whih produe GRBs requires the star loses its hydrogen envelope before
death, beause no relativisti jet an penetrate the envelope in less than the light
rossing time whih is typially 100 s for a blue supergiant and 1000 s for a red one.
Therefore, the Wolf-Rayet stars lost their hydrogen envelope are most likely to be
the andidates of GRBs soures. Fryer, Woosley & Hartmann (1999) disussed the
possible stellar progenitors to form a blak hole with an aretion disk whih satises
the GRB prodution environment. The hydrogen envelopes an be removed both
from single stellar wind or binary ompanions. After ommon envelope evolution,
whih unovers the helium ore, the primary star ollapses into a blak hole. As
a result, binary systems should also be added into the ollapsar model. There are
three possible senarios leading to ollapsar formation.
Senarios A:
Single-star ollapsar formation senario. Wolf-Rayet winds blow o the hydro-
gen mantle of a rotation massive star, leaving behind a massive helium ore, whih
then ollapses to a blak hole. The helium ore must have a mass ≥ 10M⊙ to insure
that the ore immediately forms a blak hole without any supernova explosion.
Senarios B:
Dominant ollapsar formation senario. Common envelope drives o the hy-
drogen mantle of a rotation massive star. The helium ore ollapses to form a GRB.
The system may then go on to form a WD/BH or BH/NS binary.
Senarios C:
Collapsar senario from the merger of a double helium binary. In this phase, the
two stars have nearly the same mass and the seondary evolves o the main sequene
before the primary ollapses, forming a double helium star binary. Then the helium
merge, produing a attened helium ore, whih then powers the ollapsar.
Moreover, several additional senarios were introdued later. If the ommon-
envelope phase in He-He binary merger ours after helium burning (ase C mass
transfer in binary theory), we also it "helium ase C" senario. Other models inlude:
Senarios D:
"Brown merger" senario. Two stars in the binary have nearly equal masses
and hene the ompanion evolves o the main sequene before the more massive
star ollapse. This senario is termed due to the work by Bethe & Brown (1998),
who disussed equal-mass stellar binaries.
Senarios E:
The progenitor interats in a luster. The luster environment, whih many
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be more ommon in low-metalliity systems, enhanes mergers, and well produe
massive, rapidly spinning ores.
In the next setion we will disuss the requirements of ollapsar models based
on the reasonable physis proesses to produe GRBs as well as reent observations.
Figure 1.2 shows the rst three senarios to form ollapsars.
1.3.2 Angular Momentum and Metalliity
The ollapsar model requires an unusably large angular momentum in the inner
regions of the massive progenitor stars lost their hydrogen envelope to from a disk
around a blak hole of several solar mass. The spei angular momentum
j =
2GM
33/2c
[1 + 2(3rlso/rg − 2)1/2] ≃ 1016 − 1017cm2s−1 (1.1)
where M is the gravitational mass of the blak hole, rlso is the radius of the last
stable irular orbit, and rg = GM/c
2
. Wolf-Rayet (WR) stars with a very rapidly
rotating ore are good andidates for the progenitor. On the other hand, milliseond
pulsars, whih are more than one order of magnitude faster than he fastest observed
pulsars, have a angular momentum j ∼ 1015R−210 P−11 cm2s−1 with R10 = R/107m as
the pulsar radius and P1 = P/10
−3
s as the spin period. This angular momentum is
still 1-2 orders of magnitude lower than the ones that make ollapsars. Reent stellar
evolution models whih inlude angular momentum transport from the ore to the
hydrogen envelope by magneti torques (Spruit 2002) lead naturally to rotation rates
of pulsars in the range 10-15 ms, just what is needed for ommon pulsars result from
the deaths of read supergiants (RSGs). However, the magneti toques mehanism
indiates the most single stars end up with ores rotate muh slower than the ones
in rapidly ollapsars that lost their hydrogen envelopes. The problem is, if typial
massive star death produes ommon pulsars, what speial irumstane produe a
GRB?
Magneti torques are signiant even when the envelope is removed. It oming
from elds generated by the dierential rotation have a tendeny to enfore rigid
rotation. Angular momentum is extrated from the inner ore when it ontrats
and is transported to the outer layers whih are spun up. Moreover, these magneti
torques brake the ore when extensive mass loss slows down the rotation of the
outer layers. Herger, Woosley & Spruit (2005) have found that magneti torques
derease the nal rotation rate of a ollapsing iron ore by about a fator of 30 ro
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Figure 1.2: Three Senarios A (upper left), B (upper right), C (lower gure) of
ollapsar formation proposed by Fryer, Woosley and Hartmann (1999).
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50. Furthermore, even without magneti torques and even if the envelope of the star
has been lost, the vigorous mass loss of typial WR stars still arries away lots of
angular momentum. It has been known for some time that if the magneti torques
are negligible, whih is to say muh weaker than estimated by Spruit (2002), it is
easy to give GRB progenitors the neessary angular momentum; but then one must
invoke another mehanism to slow down from 1016− 1017 m2 s−1 to typial pulsars
with rotation period ≥ 15ms.
Woolsey & Heger (2006) onsidered two ways to solve the problem. The rst
assumes that a fration of WR stars have a mass loss whih is not standard, for
instane with a derease of up to a long GRBs are produed at high redshift where
the metalliity Z is muh lower than in the solar system. Under these low metalliity
onditions it is known that WR stars have a lower mass loss rate. The mass-loss
rate of metal-deient WR stars sales loser to Z0.86. Another positive eet ex-
peted in WR stars with low metalliity is that they should rotate faster (Meynet &
Maeder 2005). Finally, the mass loss anisotropies by stellar winds inuene the loss
of angular momentum. These anisotropies may result from mass-losses ourring
predominantly at the poles, and help in reduing the loss of angular momentum
beause the loss of polar mass takes away less angular momentum than isotropi
mass-loss. As a result, the GRB progenitors might be the few O and B stars with
high rotational veloity (∼ 400km s−1) representing a few perent of this population.
Moreover, beause of the likely dependene of mass loss on metalliity, GRBs will
be favored in regions of low metalliity. On the other hand, Yoon & Langer (2005)
showed that the hydrogen envelopes retained due to the weakness of the stellar winds
at low metalliity may not be a problem, beause suh low Z stars ould beome
helium stars not by ejeting their hydrogen envelopes but burning the hydrogen into
helium under through hemially homogeneous evolution. For low enough metalli-
ity, this type of evolution an lead to retention of suient angular momentum in
CO ores in the range from 10 M⊙ to 40 M⊙ to produe GRBs aording to the
ollapsar senario.
Both single-star models by Yoon & Langer (2005) and Woosley & Heger (2006)
have made strong preditions about the low metalliity requirement of the progen-
itors. However, observations show that GRBs our in environments with a range
of metalliities from 1/100th solar to solar. The mean metalliity may be a high as
1/3-1/2 solar. Although we are unlikely to develop an observation tehnique that
will permit a diret metalliity measurement of a GRB progenitor today, we are
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able to infer the metalliity of gas near the GRB progenitor by a few omplemen-
tary approahes, for examples, by observing absorption line spetrosopy of GRB
afterglows, or emission-line spetrosopy of H II regions within the GRB host galaxy
(Fryer et al. 2007). The present set of metalliity measurements from ≈ 10 GRB
afterglow spetra exhibit a large dispersion of values from ≈ 1/100 solar (Chen et
al. 2005) to nearly solar metalliity (Castro et al. 2003) with an average metalliity
of 1/3-1/2 solar. These observations strong onstraint on single-star models. In ad-
dition to the metalliity observation, the supernovae assoiated with GRBs that are
bright enough to be studied in detail are almost Type I supernovae until now
6
. If
this result is universal, most progenitor model must lose not only its hydrogen enve-
lope but most of its helium envelope as well. The single-star models, whih produe
He-rih (Type II) supernovae, do not t the existing data of GRB-SN assoiation
as well. Furthermore, studying the progenitors of Type Ib/ sypernovae may also
provide some insight into the progenitors of long GRBs. Evidene is growing that
Type Ib/I supernovae preferentially our in high-metalliity systems. Figure 1.3
shows the fration of ollapsing stars that form Type II and Tpe Ib/ supernovae
as a funtion of metalliity (Heger et al. 2003). Note that single nonrotating stars
produe Ib/ supernovae only at metalliities above 0.02 solar. But we expet these
supernovae to have weak shoks and hene every very little nikel. Without the
high shok temperature and the radioative nikel to power the light urve, these
supernovae will be dim. Strong Ib/I supernovae are not produed at all until the
metalliity rises above solar! This onlusion ould also be maintained for rapidly
rotating stars. As a result, the above mentioned argues strongly show that the
single-star models at low metalliity, annot explain all the long bursts. As the date
get better, the limitations on single-star models will beome more strit.
Therefore, we should also onsider binary systems as the long GRB progenitors,
as suggested by Fryer et al. (1999). For many binary progenitor models, the binary
omponent is used to remove the hydrogen envelope without the angular momentum
loss that ours in wind mass loss. Also, the binary models tend to t the metal-
liity onstraints well. Several binary progenitors an math the solid observational
onstraints and also have the potential to math the trends that we are urrently
6
Thus far, the only ve well-observed ases of SNe assoiated with GRBs or XRFs: SN
1998bw/GRB 980425, SN 2003dh/GRB 030329, SN 2003w/GRB 031203, SN 2006aj/XRF 060218,
and SN 2008D/XRF 080109. All of these SNe expet for SN 2008D are of Type I. However, XRF
080109 is muh less energeti with E ≈ 2× 1046 ergs.
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Figure 1.3: Single-star supernova rate as a fration of total number of ollapsing
stars as a funtion of metalliity alulated using the stellar models (Heger et al.
2003; Fryer et al. 2007). Three lasses of Type II SNe in this gure inlude normal
Type II SNe (Type II), Type II SNe with weak SN explosions (Type II weak), and
Type II SNe that have lost most of their hydrogen envelope (Type IIL); and two
lasses of Type Ib/ SNe are normal Ib/ SNe and weak Ib/ SNe. If single stars
dominate the Ib/ rate, these models predit only weak Type Ib/ SNe below solar
metalliity.
Senario Angular Momentum Metalliity Trend Surrounding Assoiated Supernovae
Environment
Classi single Low? Rate peaks ∼ 0.1Z⊙ High wind, Low wind H-rih to He-rih
Mixing single Good Z < 0.1Z⊙ Low wind All He-rih
Classi binary Low? Rate↑ Z ↓ Tends to low wind He-rih, He-poor
Tidal binary Good? Rate↑ Z ↓ Tends to low wind He-rih, He-poor
Brown merger Good? Rate↑ Z ↓ Tends to low wind He-rih, He-poor
Explosive ejetion Good? Rate↑ Z ↓ Shell within 1 p He-poor
He merger High Rate↑ Z ↓ Tends to low wind He-rih, He-poor
He ase C Good? Rate↑ Z ↓ Tends to low wind He-rih, more He-poor
Cluster Good? Rate↑ Z ↓ Tends to low wind He-rih?
Table 1.3: Dierent senarios of ollapsar progenitors (Fryer et al. 2007)
1.3. Progenitor I: the Collapsar Model 46
seeing the observations mentioned above. Table 1.3 is the list of all the progenitors
studied and their basi preditions from Fryer et al. (2007).
1.3.3 Jet Formation, Propagation and Breakout
In ollapsing massive stars, as a onsequene of the in-fall into the blak hole of the
matter whih was initially situated along the rotational axis and of the stagnation
of matter in the equatorial disk, a favorable geometry for jet outow develops.
Energy is dissipated in the disk around a blak hole by neutron annihilation or MHD
proesses suh as Blandford-Znajek (BZ) proess, whih an power polar outows,
relativistially expanding bubbles of radiation, and pairs and baryons foused by
density and pressure gradients into jets.
MFadyen & Woosley (1999) showed that for a reasonable but optimisti val-
ues, the total neutrino energy emitted by the disk during 20s of aretion proess is
3×1053 ergs, and the total energy deposited by neutrino annihilation was 1.4×1052
ergs. For less optimisti assumptions regarding, the initial Kerr parameter and the
neutrino transport, the emitted energy was as low as 1.4 × 1053 ergs and the de-
posited energy ≤ 1 × 1051 ergs. But these numbers are obtained for the partiular
model onsidered by the authors. A typial fator-of-10 unertainty an be due to
the sensitivity of the model to the aretion rate and to the Kerr parameter hara-
terizing the initial angular momentum of the blak hole, but also to the unertainty
in the neutrino eienies. The neutrino annihilation eienies will be disussed
in 2.7. more detailed. Anyway, after a fration of a seond, the energy to mass
ration in these jets beame very large ≤ 1022 ergs s−1, orresponding to a large
asymptoti relativisti Lorentz fator. The problem of "baryoni ontamination" is
irumvented beause the energy deposition blows a bubble of low density. Momen-
tum and energy from the annihilating neutrinos ontinues to be deposited in this
bubble even as the baryon fration beomes small. The pressure gradient in the
bubble has a omponent pointing away from the polar axis that tends to exlude
gas from the polar region. This energy is naturally direted outward along the axis.
However, laking a full speial relativisti alulation of the entire event, the jet
propagation annot be aurately determined in MaFadyen & Woosley (1999).
The propagation of relativisti jet through the ollapsing rotating massive star
were studied by Aloy et al. (2000), Zhang et al. (2003, 2004). They did not disuss
how jet form during the ollapse proess, but fous on its propagation. Aloy et
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al. (1999) have realulated the 14 M⊙ ollapsar model of MaFadyen & Woosley,
using a 3-D and fully relativisti ode. The relativisti jet forms as a onsequene
of an assumed energy deposition (1050−1051 ergs s−1) within a 30◦ one around the
rotation axis. The jet ow is strongly beamed (few degrees) spatially inhomogeneous
and time-dependent. The jet is able to reah the surfae of the stellar progenitor
(typially R ∼ 3×1010 m) intat. At breakout, the Lorentz fator of the jet reahes
Γ ∼ 33. After breakout the jet aelerates into the irumstellar medium, whose
density is assumed to derease exponentially and then beome onstant, ρext = 10
−5
g m
−3
. Outside the star, the ow begins to expand laterally also (v ∼ c), but the
beam remains very well ollimated. At a distane of 2.54 R∗, where the simulation
ends, about 2s after shok breakout, the Lorentz fator has inreased to Γ=44 in
the ore of the jet whih is now highly ollimated (∼ 1◦). At that time the jet has
reahed 7.5 × 1010 m, whih is 102 to 104 smaller than the distane at whih the
reball beomes optially thin. and the values of Lorentz fator Γ are still far from
those required for the reball model.
Zhang, Woosley & MaFadyen (2003) and Zhang, Woosley & Heger (2004)
go farther in the jet-stellar envelope interation simulations. While the simulation
stops when the bulk Lorentz fator Γ reahes 44 in the work of Aloy et al. (2000),
Zhang, Woosley & MaFadyen (2003) piked up the alulation when the jet, whih
presumably began in a region ∼ 30 km in size, has already reahes a radius of
2000 km and do not onsider what has gone on inside. Eah jet is parameterized
by a radius where it is introdued and by its initial Lorentz fator, opening angle,
power, and internal energy. In agreement with Aloy et al. (2000), Zhang, Woosley
& MaFadyen (2003) found that relativisti jets are ollimated by their passage
through the stellar mantle. Starting with an initial half-angle of up to 20◦, they
emerge with half-angles that, though variable with time, are around 5◦. Interation
of these jets with the star and their own ooons also auses mixing that sporadially
deelerates the ow. The mixing instabilities along the beams surfae is hiey
responsible for the variable Lorentz fator needed in the internal shok model and
for the omplex light arrives in many GRBs. Moreover, the jet is shoked deep inside
the star following a brief period of adiabati expansion; and this shok onverts most
of the jet's kineti energy into internal energy. Eventually, the jet aelerates and
breaks free of the star with very large internal energy. Conversion of the remaining
internal energy gives terminal Lorentz fators along the axis of ∼ 100− 200. Table
1.4 list the jet models of Zhang, Woosley & MaFayden (2003) with dierent initial
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Model E˙a θb0 Γ
c
0 f
d
0
(×1051 ergs s−1) (deg)
JA 1.0 20 50 0.33
JB 1.0 5 50 0.33
JC 0.3 10 5 0.025
W1 0.8 3 10 0.06
W2 0.8 3 50 0.33
Table 1.4: Parameterized initial onditions for jet propagation inside a star from
radius ≈ 2000 km (JA, JB, JC) and in the stellar wind after breakout (W1, W2)
from Zhang, Woosley & MaFayden (1999):
a
Energy deposition rate for eah jet;
b
Initial half-angle;
c
Initial Lorentz fator;
d
Initial ratio of kineti energy to total
energy, whih exludes the rest mass. They did not onsider the proess of jet
formation
parameters. Jet propagations is studied in two steps. inside the star and in the stellar
wind environment after breakout. Both steps the jet is speied by six parameters
as shown in Table 1.4. Figure 1.4 and Figure 1.5show the seleted alulation results
(JA & W1) of bulk Lorentz fator from these models. Beause of the large radio of
internal to kineti energy in both the jet (≥ 80%) and its ooon, the opening angle
of the nal jets after breakout is signiant greater than at breakout. Figure 1.5 is
an example of Lorentz fator at t=10 and t=35 after the jets break out of the star
and propagate in the star wind. A small amount of material emerges at large angles,
with a Lorentz fator still suiently large to make a weak GRB. This suggests a
unied senario whih an explain various types of high-energy transients from X-
ray ashes to lassi GRBs, depending on the angle at whih at standard ollapsar is
observed. Later Zhang, Woosley & Heger (2004) used new 2-D and 3-D simulations
to further studied the relativisti jet propagation and breakout in massive WR stars
and improved their former results. The highly relativisti jets are (3◦−5◦, Γ ≥ 100)
is surrounded by a ooon with moderately relativisti ejeta (Γ ∼ 15) that expands
and beome visible at large polar angles (∼ 10◦). As a results, XRFs and GRBs
should be dierent expressions of the sam basi phenomenon from ollapsars.
Another way to produed γ-ray and X-ray transients related with ooon was
proposed by Mészáros & Rees (2001) and Ramirez-Ruiz, Celotti & Rees (2002).
Most of the energy output during the period that the jet through the stellar ore
1.3. Progenitor I: the Collapsar Model 49
Figure 1.4: Density struture in the loal rest frame for model JA at (a) t=2.1 s
and (b) 7.2 s. In (a), only the entral region of the star is shown. The radius of the
star is 8× 1010 m (Zhang, Woosley, MaFadyen 2003).
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Figure 1.5: Bulk Lorentz fator for model W1 at (a) t=10 s and (b) t=35 s after
the jets start to propagate in the stellar wind. The initial opening angle is 3
◦
. At
t=35 s, the opening angle is ∼ 15◦. Beause the power and Lorentz fator derease
gradually after 10 s, the tail of the jet has muh more lateral expansion (Zhang,
Woosley, MaFadyen 2003).
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goes in a ooon of relativisti plasma surrounding the jet. This ooon material
subsequently forms a bubble of magnetized plasma that takes several hours to ex-
pand, subrelativistially, through the envelope of a massive star. Mészáros & Rees
(2001) showed that the shok waves and magneti dissipation in the esaping bubble
an ontribute a nonthermal UV/X-ray afterglow, and also exite Fe line emission
from thermal gas, in additional to the standard jet deeleration power-law afterglow.
Ramirez-Ruiz et al. (2002) also disussed that a rebrightening aused by the o-
oon photospheri emission might appear with energy greater than 1050 ergs. If the
relativisti jet ames less energy and inertia than the ooon plasma itself, it will
start to deelerate at a smaller radius than the ollimated ooon reball, and the
afterglow would be dominated by the emission of the ooon material. On the other
hand, if the jet produed by the aretion maintains its energy for muh longer than
it takes the jet head to reah the surfae of the helium envelope, the relativisti jet
is likely to ontain substantially more energy than the o-axis ooon material.
Besides jet and ooon's propagation and breakout, in Nagataki et al. (2007)
and Nagataki (2009), jet formation proess in ollapsars is studied. Nagataki et al.
(2007) investigated the dynamis of ollapsar using 2-D MHD simulations (Newto-
nian ZEUS-2D ode) that generates a jet, taking aount of realisti equation of
state (ontribution of eletrons, positrons, radiation and ideal gas of nulei), neu-
trino ooling and heating proesses, magneti elds, and gravitational fore from the
entral blak hole and self-gravity. It is founded that neutrino heating proesses (νν¯
pair annihilation and νeν¯e aptures on free nuleons) are not so eient to launh
a jet in the Newtonian senario. On the other hand, a jet ould be launhed by Bφ
elds that are amplied by the winding-up eet. However, Tagataki et al. (2007)
showed that the radio of total energy relative to the rest mass energy in the jet at the
nal stage of simulations suggest the bulk Lorentz fator of the jet Γ will not reah to
as several hundreds, therefore the jet will not be a GRB jet. Later Tagataki (2009)
developed a 2-D general relativisti MHD (GRMHD) ode to further investigate the
formation of relativisti jets from a ollapsar. He adopted a model from Woosley &
Heger (2006), whih orresponds to a 12 M⊙ star initially with 1% of solar metal-
liity and relatively large iron ore of 1.82 M⊙. Eets of magneti elds are taken
into aount with the vetor potential Aφ ∝ max(ρ/ρmax − 0.2, 0)sin4θ, where ρmax
is the peak density in the progenitor. This magneti struture is initially introdued
in Fishbone-Monrief's solution with magneti elds (Gammie et al. 2003). On the
other hand, he did not onsider the neutrino emission and heating proesses. Based
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Figure 1.6: Contour of the plasma β (pgas/pmag) at t = 1.773 s in logarithmi sale
(Nagataki 2009).
on these onsiderations, it is shown that a jet is launhed from the enter of the pro-
genitor. Figure 1.6 shows the ontours of the plasma β(= pgas/pmag) in logarithms
sale at t = 1.773 s. The plasma β is low in the jet region but high in the aretion
disk region. The jet is a Poynting ux jet surrounded by a funnel-wall jet. However,
even at the nal stage of the simulation with a time evolution of 1.773 s, the bulk
Lorentz fator of the jet is still low, and the total energy of the jet is as small as
∼ 1048 ergs. Sine the energy ux per unit rest-mass ux is ∼ 100 at the bottom of
the jet, Tagataki (2009) suggested it is still possible the jet Lorentz fator to be high
enough when it propagates outwards. Also, a long duration of the ollapsar ativity
ould still make the total energy of jet large enough to ∼ 1050−1051 ergs. Moreover,
in this GRMHD simulations, jet is launhed mainly by the magneti eld amplied
by the gravitational ollapse and dierential rotation around the blak hole, rather
than the Blandford-Znajek mehanism. Therefore, more detailed simulations with a
time evolution ∼ 10 s should be operated for determining the jet formation senario.
On the other hand, it is interesting to desribe the ollapsar model as an entire on-
sistent senario from the progenitor to the jet and ooon breakout. What is the role
played by magneti elds in angular momentum transportation and jet formation
and propagation? As Tagataki (2009) studied Poynting ux jet rather than baryoni
jet, it is still interesting to simulate the propagation of suh magnetized jets.
1.3. Progenitor I: the Collapsar Model 53
GRB/SN z Eiso(γ) ESN M(
56
Ni) SN type Referenes
(1049 ergs) (1052 ergs) (M⊙)
980425/1998bw 0.0085 0.06-0.08 2-3 0.5-0.7 I-BL Iwamoto et al. (1998)
030329/2003dh 0.1685 1070 2-5 0.3-0.55 I-BL Stanek et al. (2003), Mazzali et al. (2003), et
031203/2003lw 0.1005 2.94±0.11 2-3 0.5-0.7 Ib-BL Malesani et al. (2004), Gal-Yam et al. (2004), et.
060218/2006aj 0.0335 5.9±0.3 0.025 0.2±0.04 I Soderberg et al. (2006b), Mazzali et al. (2006)
080109/2008D 0.00649 ∼ 0.002 0.3-0.6 0.05-0.1 Ib Soderberg et al. (2008), Mazzali et al. (2008)
Table 1.5: Physial Properties of onrmed GRB-SNe assoiation events up to 2008.
1.3.4 GRB-SNe Assoiation
GRB-SN (XRF-SN) assoiation greatly show the linking between the GRBs and
the ollapse of massive stars in star formation regions. Woosley & Bloom (2006)
reviewed the evidene for and theoretial impliations of this assoation detailed
7
.
As GRB-SN assoiation is one of the key evidene to support the ollapsar model,
I also give a brief review in this setion.
There are at least ve examples of GRB-SN or XRF-SN assoiation had been
onrmed spetrosopially. Table 1.5 gives the properties of these GRB(XRF)-SN
events. The rst ase of GRB-SN assoiation was GRB 980425, whih has been asso-
iated with SN 1998 bw. GRB 980425 triggered detetors on broad both BeppoSAX
and BATSE (Kippen, 1998). At high energies, it was seemingly unremarkable (Kip-
pen 1998; Galama et al. 1998) with a typial soft spetrum (Epeak ≈ 150keV) and
moderate duration (△T ≈23 s). GRB 980425 arose from the redshift z = 0.085
galaxy, and has Rγ,iso = 8.5 ± 0.1 × 1047 ergs if assuming isotropi emission. This
energy is more than three orders of magnitude fainter than the majority of long-
duration GRBs. Any ollimation would imply an even smaller energy release in
GRBs. The evolution of SN 1998bw was unusually at all wavelengths. The disov-
ery of prompt radio emission just a few days after the GRB (Kulkarni et al. 1998,
see Figure ** in detail) was novel. Almost irrespetive of modeling assumptions,
the rapid rise of radio emission from SN 1998bw showed that the time of the SN
explosion was the same as the GRB to about one day. The brightness temperature
several days after the GRB suggested the radio photosphere moved relativistially
with Γ ≥ 3. The total supernova kineti energy is as large as ∼ 2 − 5 × 1052 ergs
more than ten times the previous know energy of supernova. So the explosion is
7
However, their review was written before the disovery of XRF 060218/SN 2006aj and XRF
080109/SN 2008D.
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alled a 'hypernova'. Suh a C+O star is the stripped ore of a very massive star
that has lost both of its hydrogen and helium envelopes.
The rst truly solid evidene for a assoiation between ordinary GRBs and
SNe ame with the detetion of the low-redshift (z = 0.1685, Greiner et al. 2003)
GRB 030329 and its assoiated supernova, SN 2003dh. Shortly after its disovery
(the brightest burst HETE-2 ever saw), the afterglow of the GRB was very bright
(R ∼ 13mag). If faded slowly, undergoing several major rebrightening events in the
rst few days (Burenin et al., 2003; Greiner et al. 2003, et.). Given the low redshift,
several spetrosopi ampaigns were initiated. Spetra of the afterglow, 6.6 and 7.7
days after the GRB, showed a deviation from a pure power-law and the mergene of
broad SN spetral feature. Figure 1.7 shows the evolution of the GRB 030329/Sn
2003dh spetrum from Stanek et al. (2003). Spetrapolarimetri observations at
later times showed that the SN light was somewhat polarized (P < 1%) indiating
mild asymmetry in the subrelativisti ejeta. Given the broad spetral features,
indiating high veloities (≥ 250000km s−1; Stanek et al. 2003), and apparent
absene of hydrogen, helium and strong Si II λ6355 absorption, a lassiation as
Type I-BL was natural.
The assoiation of XRF 080109 with SN 2008D is the rst GRB-SN event
whih shows a Type Ib supernova. The unabsorbed peak X-ray luminosity of XRF
080109 (or alled X-ray outburst by Soderberg et al. 2008) is LX,p ≈ 6.1× 1043ergs
s
−1
whih the uene is fX ≈ 2 × 1046ergs (Soderberg et al. 2008). The peak
luminosity of the XRF(XRO) is about 2 orders of magnitude brighter than ULX
outbursts, and about 3 orders of magnitude brighter than Type I X-ray bursts, whih
additionally have blakbody spetra. In omparison to other GRBs/XRFs, the value
of EX is about three orders of magnitude lower. Therefore, the properties of XRF
080109 are distint from those of all know X-ray transients. These properties an be
explained as the breakout of the supernova shok through a dense wind surrounding
the ompat (∼ 1011 m) progenitor star. Moreover, SN 2008D also showed several
unusual features inluding (i) an early narrow optial peak (ii) disappearane of the
broad lines typial of SN I hypernovae and (iii) development of helium lines as in
SN Ib (Mazzali et al. 2008). Detailed analysis shows that SN 2008D was not a
normal supernova. Its explosion energy E ≈ 6× 1051ergs and ejeted mass ∼ 7M⊙
are intermediate between normal SNe Ib and hypernovae. SN 2008D is probably
among the weakest explosions that produe relativisti jets.
Besides the above examples showed in Table 1.5, there are other GRBs whose
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Figure 1.7: 1.Evolution of the GRB 03029/SN 2003 spetrum, from April 1.13 UT
(2.64 days after the burst) to April 8.13 UT (9.64 days after the burst). The early
spetra onsist of a power-law ontinuum with narrow emission lines originating
from H II regions in the host galaxy at a z = 0.168. Spetra taken after April 5
show the development of broad peaks in the spetra harateristi of a supernova
(Stanek et al. 2003).
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Figure 1.8: An "optial bump" on the afterglow of GRB 980326 (Bloom et al. 1999).
Models of SN 1998 bw at dierent redshifts are shown.
late-time deviations from the power-law deline typially observed for optial af-
terglows have been seen in a number of ases, and these bumps in the light urves
have been interpreted as evidene of supernovae. A report of a red emission "bump"
following GRB 980326 (Bloom & Kulkarni, 1999), was interpreted as due to a o-
inident SN at about a redshift of unity (see Figure 1.8). Without a spetrosopi
redshift for GRB 980326 and multi-band photometry around the peak of the bump,
the absolute peak brightness and type of the purported SN ould not be known. The
available date were also onsistent with a dust eho (Esin & Blandford, 2000), or
dust re-radiation (Waxman & Draine, 2000) from material surrounding the GRB. A
subsequent reanalysis of the afterglow of GRB 970228 revealed evidene for a bump
whih appeared to be the same absolute magnitude as SN 1998bw with similar rise
time (Reihart, 1999; Galama et al. 2000). Similar reports of bumps were made
(Sahu et al., 2000; Fruher et al., 2000; Björnsson et al., 2001; Lazzati et al., 2001;
Castro-Tirado et al., 2001; Sokolov, 2001; Berger et al., 2001; Gorosabel et al., 2005;
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GRB/SN z Peak T apeak SN likeness Referenes
[mag℄ [day℄ designation)
XRF 020903 0.25 MV = −18.6± 0.5 ∼ 15 I-BL Soderberg et al. (2005)
GRB 011121/2001dk 0.365 MV=-18.5 to -19.6 12-14 I(IIn?) Bloom et al. (2002), et.
GRB 050525a 0.606 MV ≈ −18.8 12 I Della Valle et al. (2006)
GRB 021211/2002lt 1.00 MV = −18.4 to -19.2 ∼ 14 I Della Valle et al. (2004)
GRB 970228 0.695 MV ∼ −19.2 ∼ 17 I Galama et al. (2000)
XRR 041006 0.716 MV =-18.8 to -19.5 16-20 I Stanek et al. (2005), et.
XRR 040924 0.859 MV = −17.6 ∼ 11 I Soderberg et al. (2006a)
GRB 020405 0.695 MV ∼ −18.7 ∼ 17 I Prie et al. (2003)
Table 1.6: Properties of good andidate SNe assoiated with GRBs, X-Ray Flashes,
and X-Ray Rih GRBs, up to mid 2005 (Woosley & Bloom 2006).
Masetti et al., 2005), but mone as signiant and with as lear ut assoiation to
SNe as GRB 980326 and GRB 970228.
Conerted multi-epoh ground-based and spae-based observing ampaigns fol-
lowing several GRBs strengthened the notation that late-time bumps were indeed
SNe. For example, the SN 0f GRB 011121 showed a spetral rollover during peak
around 4000Å, nominally expeted of ore-ollapse SNe in the photospheri phase.
Garnavih et al. (2003) showed evidene that the brightness and olor evolution
resembled 1998S and Type IIn; on the other hand, Bloom et al. (2002) showed on-
sisteny with a I-like urve interpolated between the faint and fast 1994I and the
bright and slow 1998bw. Zeh et al. (2004) published an important photometri study
of bumps in GRBs, tting 21 of the best sampled afterglows and nding evidene of
9 bumps. Statistially signiant evidene for bumps are found in 4 GRB afterglows
(990712, 991208, 011121, and 020405) while 5 have marginal signiane (970228,
980703, 000911, 010921, and 021211). All of these GRBs had bumps laimed prior
to the Zeh analysis. Zeh et al. (2004) emphasize that all GRBs with z ≤ 0.7 appear
to have bumps, whih of ourse, would be expeted if all long-duration GRBs have
assoiated SNe. However, bump detetion does not neessarily imply a SN dete-
tion. There are, in fat, important ases where multi-band photometry has urves
of GRB990712 and XRF 030723, for example, do not appear onsistent with a su-
pernova. Table 1.6 shows the properties of good andidate supernovae assoiated
with GRBs, XRFs and XRR (X-ray rih GRBs) up to 2005.
The ollapsar model suggested the supernova and the GRB derive their energies
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from dierent soures. The supernova, and the
56
Ni to make it bright, are produed
by a disk "wind" (MaFadyen & Woosley, 1999; Kohri et al. 2005). This wind is
subrelativisti with a speed omparable to the esape veloity of the inner disk, or
about 0.1. On the other hand, Nagataki et al. (2006) studied that
56
Ni produed
in the jet of the ollapsar is not suiently to explain the observed amount of a
hypernova when the duration of the explosion is ∼10 s, whih is onsidered to be
the typial timesale of explosion in the ollapsar model. This result also suggest
that the suient
56
Ni is provided from the aretion disk outow.
We should keep in mind there are at least some GRBs do not have assoiated
supernovae. Woosley & Bloom (2006) disussed some extrinsi biases whih against
deteting the assoiated SNe: for example, poor loalizations of bursts from their
afterglows dramatially hamper the ability for large aperture telesope to disover
emerging SNe; fainter SNe are expeted from bursts that our near the line-of-sight
through the Galaxy, or in espeially extintion-riddled regions of their host, whih
diminished the sensitivity of the supernova observations; the host galaxies of GRBs
may still ontaminate the light of GRB SNe at late times. However, Fynbo et al.
(2006) and Watson et al. (2007) disussed that no supernova emission assoiated
the two nearby long-duration bursts 060505 at z=0.089 and 060614 at z=0.125,
otherwise the assoiated supernovae should down to limits hundered of times fainter
than the arhetypal SN 1998bw, and fainter than any type I SN ever observed.
Sine the luminosity of a SN is roughly proportional to the total amount of
56
Ni
produed in the explosion it would mean that some GRBs produed very little
56
Ni
(< 0.007M⊙). This would be explained as the ase for Type II ollapsar (Fryer,
Young, & Hungerford 2006); or it is possible that suh GRBs without SNe are from
low-mass, long-lived progenitors whih might be similar to those produing short
GRBs.
1.4 Progenitor II: Merges of Compat Stars
1.4.1 Binary Evolution and Mergers Rate
Mergers of ompat objets as the soures of short-hard GRBs have been studied for
years (Pazynski 1986, 1990; Eihler et al. 1989). In the ollapsar model, whih is a
good andidate for long-duration GRBs, a spinning blak hole with a aretion disk
is formed. Mergers of ompat objets an also lead to the formation of a stellar-
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mass blak hole. The blak hole would be unable to swallow the large amount
of angular momentum present in the binary system. The debris from the tidally
disrupted ompat objet forms a transient aretion disk or tours, and ultimately
falls into the blak hole and release a fration of the gravitational binding energy.
This hyperareting disk senario is similar to the entral engine suggested for long
GRBs, and naturally explain the similarity between these two phenomena.
Compat objets related to short-hard GRBs an be lassied to several types:
neutron stars (NS-NS) mergers, blak hole-neutron star (BH-NS) mergers, blak
hole helium star (BH-He) mergers, blak hole white dwarf (BH-WD) mergers and
merging white dwarfs binary (WD-WD). The binaries formation senario always
begins with two massive stars, whih evolve to dierent types of binaries. Here we
provides various senarios for forming NS/NS, BH/NS and BH/He based on the
review by Fryer, Woosley & Hartmann (1999)
8
.
NS/NS Senarios
 Senario NS/NS-a: "Standard" double NS formation senario. The more
massive star (primary) evolves o the main sequene, overlls its Rohe lobe,
and transfers mass to its ompanions. The primary then evolves to the end
of its life, forms a NS in a SN explosion. Next this system passes through an
X-ray binary phase, whih then evolves through a ommon envelops phases in
the standard model. The neutron star spirals into the massive ompanion and
forms a NS/BH binary, whih nally evolves to a lose NS/NS binary, after
the explosion of the helium star.
However, farther alulations reveal that, during the ommon envelope phase,
the NS aretes at the Bondi-Hoyle rate and ollapse to form a blak hole
(Chevalier 1993, 1996; Brown 1995; Bethe & Brown 1998; et.). As a result,
this "standard" senario for NS/Ns systems may in fat form BH/NS binaries.
 Senario NS/NS-b: "Brown" mehanism for NS/NS binaries (Brwon 1995).
The initial binary system is omprised of two massive stars of nearly equal
mass. The seondary evolves o the main sequene before the explosion of
the primary as a supernova. The two stars then enter a ommon envelope
phase with two helium ores orbiting within one ombined hydrogen envelope.
After the hydrogen envelope is ejeted, rst one helium star, then the other,
8
In my paper I use NS-NS, BH-NS and BH-WD to mention the merger proesses, while NS/NS,
BH/NS and BH/He to mention the binary systems before mergers.
1.4. Progenitor II: Merges of Compat Stars 60
Figure 1.9: Two Senarios NS/NS-b, NS/NS- for neutron star binary formation
from Fryer, Woosley and Hartmann (1999). Senario NS/NS-a, whih evolves
through the ommon envelope phase, is unlike to form NS/NS binary system (Bethe
& Brown 1998).
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explodes. if the kiks kiks imparted to the NSs during the supernova explosion
do not disrupt the binary, a NS/SN system an form.
 Senario NS/NS-: Kik senario for double NS binaries. The system avoids
any ommon envelope phase but requires that the NS formed in the explosion
of the seondary reeive a kik that plaes it into an orbit that will allow
the two NSs to merge within a Hubble time. However, to aviod a ommon
envelope phase, the presupernova orbital separation must be > 1AU . The
range of kik magnitudes and diretions that will produe a small orbit. This
ase is probably rare ompared to other senarios.
Figure 1.9 shows the senarios to form NS/NS binary systems.
BH/NS Senarios
 Senario BH/NS-a: "Standard" BH/NS binary formation senario. The pri-
mary, with a mass greater than the limit for blak hole from fallbak MBH ≈
25M⊙, evolves o the main sequene, overll its Rohe lobe, and transfers mass
to its ompanion. After the end of its life, the primary forms a BH, and pos-
sibly, a supernova explosion. Then a binary onsisting of a BH and a massive
star passes through an X-ray binary phase if this system does not suer from
large kiks. Next the binary system evolves through a ommon envelope, and
the BH spiral into the massive seondary and ejets the seondary's hydrogen
envelope. The BH/NS binary nally forms after the seondary's supernova
explosion.
 Senario BH/NS-b: This senario is similar to the NS/NS-a senario. The
neutron star gains too muh matter during ommon envelop phase and ol-
lapses into a BH. This formation senario produes a binary onsisting of a
low-mass BH (∼ 3M⊙) and a NS.
 Senario BH/NS-: Kik senario for BH/NS binaries. Just as with the NS/NS
system, a BH/NS binary an form under a third mehanism, avoiding any
ommon envelope evolution for appropriate kik magnitudes and diretions.
However, as the NS/NS kik formation senario, the probability of this kik
senario is somewhat rare.
BH/WD Senarios
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 As WD/BH binary merge, the white dwarf is tidally disrupted and most of
its matter is onverted into an aretion disk around the BH. The aretion
of this disk matter onto the BH may drive a GRB. The energy from neutrino
annihilation proess is negligible for most ases in WD-BH megers (Popham
et al. 1999). The timesale of aretion for disk formed in BH-WD mergers is
in the range of long-duration GRBs, but the rate of BH-WD merger is even
lower than NS-NS and BH-NS mergers. Therefore, BH/WD mergers are not
likely to be the leading auses of most GRBs. BH/WD binary may begin with
a binary onsisting of a primary with mass great than MBH mentioned above
and a low-mass (< 10M⊙) ompanion, or it an also from neutron star system
with low-mass (< 10M⊙) ompanions senario.
Table 1.7 provides a list of various rate estimates for some of these possible
short-hard GRBs progenitors based on the review Lee & Ramirez-Ruiz (2007), and
ompared them to the rate of SNe events. However, there are many fators to
ause the unertain of these rates, suh as the supernova kiks, the mass ratio
distribution in binaries, mass limit for BH formation, stellar radii and ommon
envelope evolution and so on (e.g. Fryer et al. 1999; Clark et al. 1979; Lipunov et
al. 1987; Phinney 1991; Tutukov e& Yungelson 1993; Lipunov et al. 1995; Bloom
et al. 1999; Belzynski et al. 2001, 2002, 2006).
The mergers rate and typial lifetime of NS/NS binaries are estimated based on
the observed system in our Galaxy or theoretial population synthesis. The urrent
detetion of NS/NS binaries in our Galaxy depends on at least one of the ompanions
being a reyle pulsar. The sample of observed NS/NS binaries is still small today.
We have only three NS/NS binaries examples: PRS B1913+16, PSR B1934+12 and
PSR J0737-3039. The rst alulations of the Galati NS-NS merger rate, whih
were based on two systems (PRS B1913+16 & PSR B1934+12), showed the rate is
between 10−6 to 10−5 per yr per galaxy (Phinney 1991; Narayan, Piran & Shemi
1991). The disovery of the relativisti third binary pulsar PSR J0737-3039 makes
the Galati mergers rate inreased to 1.7×10−5−2.9×10−4yr−1 at 95% ondene
and the loal universe mergers rate to be 200-3000 Gp
−3
yr
−1
(Kalogera et al. 2004).
On the other hand, population synthesis showed the NS-NS mergers rate span over
two orders of magnitude, whih inlude the range inferred from observed Galati
binaries. Bethe & Brown (1998) suggested that the produtions and mergers rate
of low-mass BH and NS should be an order of magnitudes greater than NS-NS
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Progenitor Rate (z = 0)
NS-NS 1-800
BH-NS 0.1-1000
BH-WD 0.01-1000
BH-He ∼ 1000
NS AIC 0.1-100
WD-WD 3000
SN Ib/ 60000
SN Ia 150000
SGRBs 10(4π/Ω)
Table 1.7: Estimated progenitors of SGRBs and their plausible rates in yr
−1
Gp
−3
.
The rates for these various ourrenes are plauged by a variety of unertainties in
many aspets. The observed rates of Type (Ia+Ib/) events given here provide a
generous upper limit (Lee & Ramirez-Ruiz, 2007).
mergers. They arried a assumption that the semimajor axes of binaries of heavy
main sequene stars are distributed as da/a, and that this distribution extends out
to a = 2× 108km, or to orbital periods as long as 100 days.
The rate of BH-NS mergers ould only be evaluated via population synthesis.
Bethe & Brown (1998) onluded the BH-NS mergers rate is ∼ 10−4 yr−1 galaxy−1,
whih was in a fator of ∼ 10 more merging than the ommonly though before
them (∼ 10−5 yr−1 galaxy−1). Evaluating the fration of binaries that survive both
supernovae is important to an upper limit on the loal rate of ompat objets
mergers. However, this fration depends mostly on the distribution of the supernova
kik veloity, whih is not well onstrained. Aording to the review of short-hard
GRBs (SGRBs) by Nakar (2007), the upper limit on the loal rate of short-lived
NS-NS and NS-BH binaries (τ ≤ 1 Gyr) mergers is ∼ 1000 Gp−3 yr−1 (Cappellaro
et al. 1999), and an upper limit of 104 Gp−3 yr−1 on the loal mergers rate of
long-lived binaries (τ ≥ 4 Gyr) ould be obtained by relating it to the rate of ore-
ollapse SNe at redshift 0.7 (Dahlen et al. 2004). While the urrent observations
point toward a lift time of progenitors of SGRBs is dominated by several Gyr old,
the upper limit of the SGRBs must be ∼ 104 Gp−3 yr−1 if they are the results of
mergers of ompat binaries. On the other hand, the observed BATSE loal rate of
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SGRBs is ∼ 10 Gp−3 yr−1 (Nakar, Gal-Yam & Fox 2006), then the SGRBs rate
due to mergers must be in the range (Nakar 2007)
10 ≤ ℜSGRB=merger ≤ 104Gpc−3yr−1, (1.2)
and the atual SGRBs loal rate may be evaluated as (Nakar, Gal-Yam & Fox 2006)
ℜSGRB ≈ 40f−1b
(
Lmin
1049ergs/s
)−1
Gpc−3yr−1, (1.3)
where f−1b is the beaming fator (the fration of the total solid angle into whih
the prompt γ-rays are emitted) with 1 ≪ fb ≤ 100, Lmin is the lower uto of the
luminosity funtion (φ(L) ∝ L−2, L > Lmin).
Several groups of researhers have estimated the progenitor lifetime of SGRBs
diretly based on their host galaxy types, and showed that their lifetime is about
several Gyr. Zheng & Ramirez-Ruiz (2007) onsidered that the onstraints of the
SGRB progenitors lifetime an be derived from separating the host galaxies into
early and late types. The onvolution of the split star formation history and a give
lifetime distribution predits the fration of short-hard GRBs in eah host type.
Zheng & Ramirez-Ruiz (2007) suggested at least half of the short GRB progenitors
that an outburst within a Hubble time have lifetimes greater than 7 Gyr. Gal-Yam
et al. (2008) analyzed new and arhival observation of the elds of well-loated IPN
SGRBs. They ompared the distribution of SGRBs host types to that of Type Ia
SNe. SGRBs apparently our in host galaxies of all types, as do SNe Ia. However,
ompared to SNe Ia, SGRBs appear to favor earlier type hosts. Even if the shorter
values derived for the typial Sn Ia delay time is adopted (∼ 1 Gyr), the progenitors
appear to require a larger delay time, of order several Gry old.
On the other hand, the observed NS/NS systems in our Galaxy represent a
population with a typial lifetime of ∼ 100 Myr. A binary with total mass 10M1M⊙
mass radio QM and period Pd in a nearly irular orbit will merge in
τ = 1× 109P 8/3d M−5/31 (1 +QM)(1 + 1/QM)yr (1.4)
Therefore for a merger to our with a Hubble time, spiral-in most have redued to
orbital period to ≤ 1 day. The merger rate derived based on the observed Galati
soures is dominated by PSR 0737-3039 (Nakar 2007), whih has a period of 2.4
hours and will merge in about 85 Myr (Burgay et al. 2003). Therefore, this method
predit that the lifetime distribution of NS/NS binaries is dominated by short-
lived systems ≪ 1 Gyr. Sine both the observed SGRB sample and the Galati
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NS.NS sample are small today, it is somewhat early to make a determined onlusion
about the lifetime of short GRBs and Galati NS/NS systems. However, if further
observations support the result that the observed Galati binaries are representative
of the osmologial NS/NS population, and most short GRBs are atual as old as
several Gyr, then the andidates of progenitors for most short GRBs should only be
BH/NS rather than NS/NS binaries.
1.4.2 NS-NS Merger Simulations
We followed Nakar (2006) and Lee & Ramirez-Ruiz (2007) to review the NS-NS and
BH-NS merger simulations in 1.4.2 and 1.4.3. Moreover, we also disuss the reent
NS-NS and BH-NS simulation results after 2007.
The numerial studies of merging binaries began in the 1980s and 1990s, with
omputations of the gravitational wave emission and determinations of the stabil-
ity and dynamis of the system at separations omparable with the stellar radius
under various simplifying approximation (Oohara & Nakamura 1989, 1990, 1992;
Nakamura & Oohara 1989, 1991; Zhuge et al. 1994, 1996; Shibata et al. 1992, 1993;
Shibata 1997; Wilson et al. 1996; Marronett et al. 1998; Mathews et al. 2000; et.).
The thermodynamial evolution of the uid during mergers, with the potential for
eletromagneti energy release and GRBs was also onsidered by various groups
(Davies et al. 1994; Janka et al. 1996; Ruert et al. 1996, 1997, 2001; Rosswog et
al. 2003). These studies used Newtonian or Post-Newtonian gravity with additional
terms inluded in the equation so motion to mimi gravitational radiation reation
by various methods suh as Lagrangian Smooth Partile Hydrodynamis (SPH) and
Eulerian Pieewise Paraboli Method (PPM).
For double NSs, synhronization during spiral-in is impossible beause the vis-
osity in neutron star matter is too small (Kohanek 1992) and so they merge with
spin frequenies lose to zero ompared with the orbital frequeny (i.e., irrotational
ase). Contat ours at subsoni veloities and a shear larger then develops at
the interfae. Modeling this numerially is extremely diult, beause the larger is
unstable at all wavelength s and vorties develop all along it (Faber & Rasio 2000),
possibly amplifying the magneti eld to extremely large values very quikly. The
mass ratio in double NS binaries is quite lose to unity, so a fairly symmetrial
remnant would be a natural and expeted outome. However, in general even small
departures from unity an have important onsequene in the inner struture of the
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nal objet: the lighter star is disturbed and spread over the surfae of its massive
ompanion, whih an remain largely undisturbed (Rasio & Shapiro 1994; Rosswog
et al. 2000). The nal onguration now onsists of a supra-massive neutron star
surrounded again by a thik shok-heated envelop and hot torus similar to that
formed in BH-NS mergers, in the range of 0.03-0.3M⊙. The enter of the remnant
is rapidly, and in many ases, dierentially rotating, whih an have a profound
impat on its subsequent evolution. A narrow funel along the axis of symmetry is
relatively baryoni free and may serve as a potential site for launhing a GRB jet
(Ruert & Janka 1998, 1999).
In addition to Newtonian and Post-Newtonian simulations, General Relativisti
alulations have also been studied (Shibata & Ury	u 2000; Oehslin, Rosswog &
Thielemann 2002), and reently progressed even further, going beyond the adoption
of a simple polytropi pressure-density relation (Shiabata et al. 2005, 2006; Oehslin
& Janka 2006). The outome is preditably ompliated and depends sensitively on
the total mass of the system and the initial mass ratio. For example, Shibata
& Taniguhi (2006) use a full general simulations with a hybrid equation of state
(EOS) that mimis a realisti sti EOS, for whih the maximum allowed old mass
of spherial neutron stars Msph is larger than 2M⊙. ALso ,they foused on binary
NSs of the ADM mass (Arnowitt, Deser & Misner 1962) M ≥ 2.6M⊙. For an ADM
mass larger than a threshold mass Mthr, the merger results in prompt formation of
a blak hole irrespetive of the mass ratio QM with 0.7 ≤ QM ≤ 1, but the disk
mass steeply inreases with dereasing the value of QM for given ADM mass and
EOS for QM < 0.7. Here the value of Mths is about 1.3 ∼ 1.35Msph, depending
on EOS. For M < Mthr, the outome is a hypermassive neutron star (HMNS) of a
large elliptiity. Figure 1.10 is the results in Shibata & Taniguhi (2006). Kiuhi
et al. (2009) reently studied longterm GR simulation from NS/NS binary with a
large initial orbital separation to the formation of disk+BH system.
Besides studies on unmagnetized NS-NS mergers, full GRmagneto-hydrodynamis
(GRMHD) simulations are indeed neessary to model suh NS-NS systems with
strong magneti elds. The rst two GRMHD odes apable of evolving the GRMHD
equations in dynamial spaetimes were developed by Duez et al. (2005) and Shi-
bata & Sekiguhi (2005). Later they used these odes to study magneti elds in
HMNSs, whih are possible transient remnants of binary NS-NS mergers (Duez et
al. 2006a, 2006b; Shibata et al. 2006). Seular angular momentum transport due
to magneti braking and the magnetorotational instability results in the ollapse
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Figure 1.10: Summary about the outome after the merger. "HMNS", "GW", "B-
eld" and "J-transport" are hypermassive neutron star, gravitational wave emis-
sion, magneti eld, and angular momentum transport, respetively. "Small disk",
"massive disk" and "heavy disk" imply that the disk mass is Mdisk ≪ 0.01M⊙,
0.01M⊙ ≤Mdisk ≤ 0.03M⊙, andMdisk ≥ 0.05M⊙, respetively (Shibata & Taniguhi
2006).
of an HMNS to a rotating blak hole, aompanied by a gravitational wave burst.
The nasent blak hole is surrounded by a hot, massive torus undergoing quasista-
tionary aretion and a ollimated magneti eld. Reently, Anderson et al. (2008)
and Liu et al. (2008) have sued GRMHD odes to study the magnetized NS-NS
mergers diretly. Anderson et al. (2008) showed that the aligned magneti elds
delay the full merger of the stars ompared to the unmagnetized ase. Liu et al.
(2008) showed that the eets of magneti elds during and short after the merger
phase are signiant but not dramati. The most important role of magneti elds
is long-term, seular evolution of the newly formed disk+BH or HMNS system.
1.4.3 BH-NS Merger Simulations
Mergers of a blak hole and a neutron star (BH-NS) is the seond lass of mergers.
Pazy«ski (1991) and Narayan et al. (1992) also suggested that the merger of a
neutron star with a preexisting blak hole of several solar masses might produe
GRBs. In the dominant formation senario of binaries onsisting of a BH and
NS, the BH is formed via hyperritial aretion during a ommon-envelop phase
(Bethe & Brown 1998). The resulting BH has a very low mass (∼ 3M⊙) and a NS.
Figure 1.11 shows the Newtonian dynamial evolution of a merging BH-NS binary,
during whih the NS (modeled as a polytrope) is tidally disrupted and an aretion
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disk promptly forms (Lee & Klu¹niak 1999a, 1999b; Lee 2000, 2001). The general
onlusion of this body of work, whih inludes a mok radiation reation fore to
aount for gravitational wave emission, is that when the orbital separation is of
the order of a few stellar radius, the star beomes greatly deformed due to tidal
eets, and the system beomes dynamially unstable. for stellar omponent with
relatively sti EOS (Γ > 5/2), the instability is due to a strong steepening of of
the eetive potential beause of tidal eets mass loss leads to an expansion and
Rohe lobe overow, further aelerating the proess sand leading to a runaway in
whih disruption ours. All of the features antiipated in the work of Lai et al.
(1993, 1994) onerning the stability of the binary are apparent, and are also seen
in the Rasio & Shapiro (1995). The main additional result in terms of the dynamis
is that ongurations that are stable in priniple up to Rohe lobe overow are
de-stabilized by the mass transfer proess itself, and fully merge as well within a
few orbital periods. It is also lear that in the presene of gravitational radiation
reation, the system enters a dynamial infall at small separations that no amount
of mass transfer an revert. Qualitatively, the result is largely independent of the
mass ratio, the assumed initial ondition in terms of NS spin, both tidally loked
and irrotational ases, and the assumed ompressibility. Quantitatively, the details
are dierent, and are primarily reeted in the nal disk mass and the gravitational
waves. Anyway, after a few initial orbital periods, a BH ofM ∼ 3−5M⊙, surrounded
by a thik and hot debris disk (torus) with Mdisk ∼ 0.01 − 0.1M⊙ approximately
4 × 107m aross is all that remains of the initial ouple (Lee & Kluzniak 1999a,
1999b; Lee 2000, 2001; Duez et al. 2002).
It is important to note that the debris disks are formed in only a few dynamial
timesale about a few milliseond, whih is pratially instantaneous onsidering
their later, more leisurely evolution. The possibility that a fration of the NS in a
BH-NS binary would survive the initial mass transfer episode and produe yles
of aretion was explored at long timesales by Davies et al. (2005). This was
motivated by the fat that numerial simulations employing relatively sti equations
of state at high binary mass ratios Lee 2000; Rosswog et al. 2004) showed that this
might atually our. However, this is most likely not the ase, as the required
EOS was unrealistially sti and gravity was essentially omputed in a Newtonian
formalism. More reent alulations with pseudo-Newtonian potentials and the use
of General Relativity onsistently fail to reprodue this behavior for a range of
ompressibleness in EOS (Rosswog 2005; Lee et al. 2005; Faber et al. 2006a,
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Figure 1.11: The tidal disruption of a NS by a BH in a binary (Lee & Ramirez-Ruiz,
2007) Eah olumn depits the interation for a given value of the adiabati index
Γ in polytrope EOS. Logarithmi density ontours of density (with the lowest one
at log (g m
−3
) = 11), are shown in the orbital plane. All three ases initially had
idential mass ratios, QM = 0.31.
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2006b). Instead, the neutron star is promptly and fully disrupted soon after the
onset of mass transfer.
While Newtonian simulations seen to give a qualitatively orret piture of the
dynamis in at least some of the NS-NS mergers senarios, it is not lear at all
that they are appliable also in the ase of BH-NS mergers. More importantly, it is
also not even lear how to estimate its eets with simple analytial onsideration.
Computations of the loation of the innermost stable irular orbit (ISCO) in blak
hole systems indiate that tidal disruption may be avoided ompletely, with the
star plunging diretly beyond the horizon, essentially being areted whole in a
matter of a milliseond (Miller 2005). This would prelude the formation of a GRB
lasting 10 to 100 times longer. But we stress that, just as for stability onsiderations
in the Newtonian ase, even if the loation of the ISCO an be a useful guide in
some ases, it annot aurately desribe the dynamial behavior of the system
one mass transfer beings. In pseudo-Newtonian numerial simulation (Rosswog
2005) and post-Newtonian (Prakash et al. 2004), even when a near radial plunge
is observed, the star is frequently distorted enough by tidal fores that long tidal
tails and disk-like strutures an form. The outome is partiularly sensitive to the
mass ratio QM = NNS/MBH. Moreover, the spin of the BH is also very important,
with rotating BHs favoring the reation of disks. Dynamial alulations of BH-
NS systems in pseudo-Newtonian potential that mimi General Relativity eets
typially show that for mass ratios QM ≃ 0.25 it is possible to form a disk, although
of lower mass than previously thought, Mdisk ≈ 10−2M⊙. Faber et al. (2006a,
2006b) presented their results for the dynamial merger phase of a BH-NS binary
for low mass ratio (QM ≃ 0.1) using the onformal atness approximation for GR
for a Shwarzshild BH. WHile a polytropi relation with Γ = 2 was assumed, the
nal outome is learly dependent on the omplex dynamis of mass transfer. Even
though at one point in the evolution most of the stellar material lies within the
analytially omputed ISCO, tidal torques transfer enough angular momentum to a
large fration of the uid, produing an aretion disk with Mdisk ≃ 0.1M⊙ by the
end of the simulation at t ≃ 70 ms. Table 1.8 gives a summary of the disk properties
for dierent progenitors based on the alulations of various groups up to 2006 (Lee
& Ramirez-Ruiz 2007).
Reently, more advaned full relativisti BH-NS simulations were arried out
by Shibata & Ury	u (2007), Shibata & Taniguhi (2008), Duez et al. (2008), Etienne
et al. (2009) and Shibata et al. (2009). Shibata & Taniguhi (2008) studied BH-NS
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Prog. Mdisk/M⊙ Gravity, Method EOS Referenes
BH/NS 0.1-0.3 N, SPH Polytropes Lee & Kluzniak (1999a, 1999b); Lee 2000, 2001
BH/NS 0.03-0.04 PW, SPH Polytropes Lee et al. (2005)
BH/NS 0.26-0.67 N, Grid LS Janka et al. (1999)
BH/NS 0.001-0.1 PW, SPH Shen Rosswog et al. (2004), Rosswog (2005)
BH/NS 0.001-0.1 GR, SPH Polytropes Faber et al. (2006a, 2006b)
NS/NS 0.2-0.5 N, SPH Polytropes Rasio & Shapiro (1992, 1994)
NS/NS 0.4 N, SPH Polytropes Davies et al. (1994)
NS/NS 0.01-0.25 N, Grid LS Ruert et al. (1996, 1997, 2001)
NS/NS 0.25-0.55 N, SPH LS Rosswog et al. (1999, 2000, 2002, 2003), et.
NS/NS 0.05-0.26 GR, SPH Shen Oehislin & Janka (2006)
NS/NS 0.0001-0.01 GR, Grid APR Shibata & Taniguhi (2006)
Table 1.8: Remnant disk masses in ompat mergers of a variety of equations of
state: polytropes, Lattimer & Swesty (LS), Shen et al. (Shen); and various gravity
methods: Newtonian (N), Pazynski & WIita (PW), General Relativity (GR). (from
Lee & Ramirez-Ruiz , 2007)
binaries in a quasi-irular orbit as the initial ondition and adopted EOS with Γ = 2
and the irrotational veloity elds. They found the resulting torus mass surrounding
the BH depends signiant on the initial NS mass and radius: Mdisk ≤ 0.05M⊙ for
RNS = 12km and Mdisk ∼ 0.15M⊙ for RNS = 14.7km. The total released energy is
∼ 1049ergs for NS ompatness ≤ 0.145. Etienne et al. (2009) explained the eets
of BH spins aligned and antialigned with the orbital angular momentum. Only a
small disk Mdisk < 0.01M⊙ forms for the antialigned spin ore a/MBH = −0.5 and
for the most extreme-mass -ratio ase (QM = 0.5). On the other hand, a massive
hot disk Mdisk ≈ 0.7M⊙ forms in the rapidly spinning aligned (a/MBH = 0.75).
Suh a disk ould drive a short-hard GRB.
1.4.4 WD-WD Merger Simulations
WD-WD merger senario (the double-degenerate senario) has been widely studied
as a possible andidate for Type Ia supernova progenitor sine Iben & Tutukov
(1984) and Webbink (1984). On the other hand, it is not likely that WD-WD
mergers ould diretly lead to GRB phenomena. However, researhers have showed
that WD-WD mergers ould also form a neutron star remnant in some ases (Saio
& Nomoto 1985, 1998; Kawai, Saio & Nomoto 1987; Mohkovith & Livio 1990;
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Timmes, Woosley & Taam 1994; Mohkovith, Guerrero & Segretain 1997; King,
Pringle & Wikramasinghe 2001). The newly formed NS, partiularly the magnetar
or highly magnetized NS, ould be the entral engine of GRBs (Levan et al. 2006;
Chapman et al. 2006). We will disuss the magnetar and neutron star models in
1.5.1.
The proess of WD-WD merger itself was rst studied by Mohkovith & Livio
(1989, 1990), using an approximate method. The full SPH simulation have been
arried out by Benz, Thielemann & Hills (1989), Benz, Cameron & Bowers (1989),
Benz, Hill & Thielemann (1989), Benz et al. (1990), Rasio & Shapiro (1995), Seg-
retain et al. (1997), Guerrero et al. (2004); Lorén-Aguilar et al. (2005) Yoon et
al. (2007), Shioya et al. (2007) and Lorén-Aguilar et al. (2009). For example,
Benz, Hills & Thielemann (1989) studied the mergers of two WDs 0.6 + 0.6M⊙ and
0.7 + 0.9M⊙ respetively, using 5000 SPH partiles. Segretain et al. (1997) used
∼ 6× 104 SPH partiles to simulate the oalesene of a 0.9+0.6M⊙ system. Guer-
rero et al. (2004) studied a large range of masses and hemial omponents of the
merging binaries, paying speial attention to the issue of whether or not thermonu-
lear runaway ours during the proess of merging. Lorén-Aguilar et al. (2004)
studied gravitational wave (GW) radiation from a 0.6 + 0.6M⊙ WDs binary, and
reently Lorén-Aguilar et al. (2009) adopted a high-resolution SPH ode with an
improved treatment of the artiial visosity in this algorithm to study the merg-
ing proess again. Figure 1.12 shows the temporal evolution of the density for the
merger of the 0.6+0.8M⊙ WD binary system. The rst step of WDs binary system
evolution in these simulations is more or less the same. The WDs are brought to-
gether by GW radiation, until the less massive, and thus the less dense one ls its
Rohe lobe and begins to transfer mass. However, depending on the initial ondi-
tion, mass transfer (aretion) ould proeed either stably or dynamially unstably,
whih lead to dierent outomes. If the mass transfer proess is stable, mass will
ow at relatively low aretion rates with a period of order ∼ 106 yr. The destru-
tion of the areting WD in a thermonulear explosion ould produe a Type Ia
supernova. On the ontrary, unstable aretion make the whole merging proess to
nish within a few minutes. At suh high aretion rate, the primary WD is believed
to ollapse to form a NS, not to produe a SN Ia. The dierene between the two
ases relies on the ability of the binary system to return enough angular momentum
bak to the orbit. In fat, there are two ompeting proesses. On the one hand,
the donor star is supported by the pressure of degenerate eletrons and, hene, it
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Figure 1.12: Temporal evolution of the density for the oalesene of the 0.6+0.8M⊙
double WD binary system. The positions of the partiles have been projeted onto
the xy plane (left panels) and in the xz plane (right panels). The disk and entral
objet evolution should be arried out in future study (Lorén-Aguilar et al. 2009).
will expand as it loses mass, thus enhaning the mass-transfer rate. On the other,
if orbital angular momentum is onserved the orbit will expand as the donor star
loses mass thus reduing the mass-transfer rate. The preise trade-o between both
physial proesses determines the stability of mass transfer.
Up to this date, almost all the WD-WD merger simulations only adopted SPH
ode and showed that a ompat entral objet surrounded by a hot orona or disk as
the merged onguration. More detailed simulation should be arry out to alulate
the evolution of the disk with its angular momentum transfer and the nal fate of
the entral objet have been done. And of ourse, GR or GRMHD methods will
instead SPH tehniques for the future generation of WD-WD merger simulations.
1.4.5 Gravitational Waves from Merges
Gravitational radiation plays an observable role in the dynamis of many known
astronomial systems. Mergers of ompat binaries (NS-NS, BH-NS, BH-BH) are
expeted to be the rst osmologial soures of GW deteted by ground-based ob-
servations. If short-hard GRBs are generated by NS-NS or BH-NS mergers, then
they are the eletromagneti ounterpart of the most aessible GW soures. In
priniple the mergers are expeted to have three dierent phases of GW emission:
the hirp inspiral signal, the merger signal and the signal from the ringdown of the
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Figure 1.13: Gravitational waveforms observed along the z axis (solid urve) for
NS-BH merger models in Shibata et al. (2009). m0 is the total mass dened by
MBH+MNS. h denotes a gravitational-wave amplitude and D is a distane between
the soure and an observer.
remaining BH. Figure 1.13 shows an example of GW radiation from Shibata et al.
(2009), who studied NS with a polytropi Γ = 2 and the irrotational veloity eld
tidally disrupted and shallowed by the stellar-mass BH. Figure 1.14 shows the three
noise urves (LIGO-I, "wide-band" LIGO-II and "narrow-band" LIGO-II), and the
possible signal from NS and BH binaries in the last few minutes of their inspiral
(Cutler & Thorne 2002). At its urrent LIGO-I an detet a NS-NS merger up to
an average distane of about 15 Mp, and a merger of a NS with 10M⊙ BH up to
about 30M⊙. Next generation observatories, suh as LIGO-II (advaned-LIGO), are
expeted to be ten times more sensitive. LIGO-II would detet mergers between NS
binary up to ∼ 300 Mp, and NS and 10 M⊙ BH to 650 Mp.
1.5 Other Progenitor Models
1.5.1 Magnetized Neutron Star and Magnetar
GRBs were one onsidered from pulsar-like ativities in our Galaxy before 1990s.
The "ylotron features" in the spetra (20-40keV) of several GRBs observed by
KONUS and Ginga seemed to support the onlusion that GRBs are produed by
strongly magnetized (∼ 1.7 × 1012 G) neutron stars with energy releasing rate of
1031 ergs s−1 (see 1.1 in detail). Later, however, BATSE and BeppoSAX onrmed
that GRBs atually ome from osmologial distanes, whih indiate that most
Galati pulsar models were inorret. New osmologial pulsar models involving
muh more energeti pulsar-like ativities (∼ 1050 ergs s−1) require the pulsar to
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Figure 1.14: The noise h˜(f) in several planned LIGO interferometers plotted as
a funtion of gravity-wave frequeny f , and ompared with the estimated signal
strengths h˜s(f) from various soures (Cutler & Thorne 2002).
be a milliseond-rotation-period NS with very high surfae magneti elds up to
Bs > 10
14
G.
Neutron star might be formed via the aretion-indued ollapse (AIC) of WDs
(Nomoto et al. 1979; Canal et al. 1980; Nomoto & Kondo 1991; Usov 1992; Woosley
& Baron 1992; Thompson & Dunan 1995; Klu¹niak and M. Ruderman 1998; Ru-
derman et al. 2000; Dessart et al. 2006), the WD-WD binary merges (see 1.4.4)
and NS-NS binary mergers (see 1.4.3 and Figure 1.6, or Dai et al. 2006; Gao &
Fan 2006) as well as ore ollapse of massive stars.
AIC of Magnetized WDs to NSs
Some WDs in tight binaries an arete enough mass from their ompanions
to initiate implosions as they approah the Chandrasekhar limit. After suh an
implosion begins, there is a ompetition between energy release from nulear fusion
reations, whih at to explode the star, and the growing rate of eletron aptures,
whih removes pressure support and aelerates ollapse. The outome of suh WD
AIC is Type Ia SNe or NSs. Partiularly, NSs ould form when the ore evolves
to suiently high density prior to arbon or neon "ignition" (typially ρ ≥ 1010g
m
−3
), that eletron aptures lead to an underpressure and onsequent ollapse of
the WD (Timmes & Woosley 1992). Figure 1.15 shows the nal fate of areting
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Figure 1.15: The nal fate of areting O+Me+Mg WD (left panel) and C+O WD
(right panel) expeted for their initial mass and aretion rate M˙ (Nomoto & Kondo
1991).
O+Ne+Mg and C+O WDs, whih mainly depends on the mass aretion rate.
Also, the outome for the ase WD mass M ≥ 1.1M⊙ and that of M ≥ 1.1M⊙ are
dierent. (Nomoto 1986, 1987; Nomoto & Kondo 1991). Next we fous on the ase
of suessful NS formation by WD AIC.
Usov (1992) onsidered a WD with a surfae magneti elds Bs to be a few times
of 109 G, whih might exist, for instane, in magneti atalysmi binaries. In the
proess of ollapse, the stellar radius hanges from RWD ≈ 109 m for typial WD
to RNS ≈ 106 m for Ns, and the surfae magneti elds on the newly formed NS
an reah BNS = BWD(RWD/RNS)
2 ∼ 1015 G. Moreover, from angular momentum
onservation during the ollapse proess, the expeted angular veloity of the reated
NS an reah the maximum possible value of NS ΩNS ≈ 104 s−1 for the angular
veloity of WD ΩWD ≈ 10−2 s−1. As a result, the highly magnetized WD ould
form a milliseond magnetar, whih would lose its rotational kineti energy on a
timesale of seond or less by eletromagneti or gravitational radiation. Levan et al.
(2006) disussed that the WDs with magneti elds 109 G doa atual exist, although
they are only in a small fration (∼ 10%) of all WDs (Figure 1.16). Therefore,
it is plausible that the AIC of a WD ould reate a magnetar, whose magneti
elds are organized mainly by ollapse of the WD. Klu¹anik & Ruderman (1998)
and Ruderman et al. (2000), on the other hand, requires a relatively muh lower
magneti elds from WDs BWD ≈ 106 G and BNS ≈ 1012 G for a milliseond-period
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Figure 1.16: The distribution of WD magneti elds seen in mCVs (blak line) and
isolated WDs (red dashed) from Levan et al. (2006) and Chapman et al. (2006).
NS formed by AIC of a WD. The magneti elds an farther amplied by dierential
rotating as well as by the AIC proess.
WD-WD and NS-NS Binary Mergers
Stritly speaking, WD-WD merger to form a NS is another proess of AIC of a
WD. As mentioned in 1.4.4., the less massive star in the WD binary an be tidally
disrupted and begin to transfer mass to the primary. A high aretion rate indued
by dynamial instability make the areting primary to beome a aretion-indued
NS. Levan et al. (2006), Chapman et al. (2006), Chapman, Priddey & Tanvir (2008,
2009) suggested that the senario of WD-WD merger with a magnetar remnant ould
be the progenitor of SGRs, and even be the progenitor of a population of nearby
short GRBs (Tanvir et al. 2005, Salvaterra et al. 2008), whih an be explained as
the extra-Galati SGR giant ares (see also Nakar 2007).
NS-NS merger simulations show that HMNS ould be formed in some ases (see
1.4.3 and Figure 1.11). Dai et al. (2006) rst suggested that, the new-born magneti
HMNSs, whih is formed by NS-NS binary mergers, ould be a long-ativity GRBs
entral engine and produe the X-ray ares after the prompt emission (see also Gao
& Fan 2006).
Formation of Strong Magneti Fields in NS
Besides AIC of WDs and ompat objet mergers, the more ommonly way to
produe NSs is by ore ollapse of massive stars, whih has been studied for deades
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sine Baade & Zwiky (1934). The problem for GRB progenitors in magnetar mor
magnetized NS senario is that, how ould the new-born NS to generate a strong
magneti elds, and extrat the rotating energy of NS via magneti ativities to
produe a GRB? (Another way to produe a GRB is via thermal hyperareting
onto the NS, as studied by Zhang & Dai 2008, 2009a and Metzger, Quataert &
Thompson 2008. However, the NS with its magneti elds is still onsidered the
entral engine to produe the prompt extension emission or the early afterglow suh
as X-ray ares.)
The magneti elds in a magnetar an be as strong as 1015 − 1016 G. Suh
strong elds are generated via three proesses: ollapse of highly magnetized WDs,
ampliation from dierentially rotation and Paker instability inside the NS, and
onvetive dynamo ation during a period of gradient-driven onvetion after NS
formation. Collapse-indued magneti elds, as mentioned before, satised the re-
lation BNS = BWD(RWD/RNS)
2
. In this AIC senario, strong magneti elds is
generated as soon as the NS forms. Dierential rotation and onvetion, on the
other hand, ould amplify the magneti elds by extrating the rotating energy to
eletromagneti energy for a period of time after NS formation (i.e., post-ollapse
evolution of magneti elds). Dierential rotation may be aused for two reasons
(Thompson & Dunan 1993; Ruderman et al. 2000). First, NSs are less entrally
ondensed than the degenerate eletron pressure-supported ores out of whih they
form. For a polytropi EOS, the entral density ρc of a WD is ρc(WD) ≈ 55ρ¯WD,
where ρ¯WD is the initial average WD density. The entral density of a NS satises
ρc(NS) ≈ 5ρ¯NS (Shapiro & Teukolsky 1983). Seond, the angular momentum of
various mass shells are onserved to a rst approximation in the ollapse. As a re-
sult, the entral regions of the newly born NS should initially be spinning muh less
rapidly than most of the mass in that star by a a fator of about 0.2 (Ruderman et
al. 2000). On the other hand, aording to Thompson & Dunan (1993), onvetion
in the NS may be driven by a radial gradient in the lepton number per baryon (Ep-
stein 1979) or by an entropy gradient with the onvetive veloity ∼ 1.3×108 m−1,
after the NS neutrinosphere has shrunk to a radius of 10−20 km. NS onvetion is a
transient phenomenon and has an extremely high magneti Reynold number ∼ 1017.
The onvetive motions are only mildly turbulent on sales larger than the ∼ 102
m neutrino mean free path, but the turbulene is well developed on smaller sales.
If the ratio of mean free path, but the turbulene is well developed on smaller sale.
If the ratio of mean magneti pressure to turbulent pressure equals that observed in
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Figure 1.17: Magneti eld evolution in a dierential rotation NS for three stages
(Klu¹anik & Ruderman 1998): (i) poloidal eld passing through the NS; (ii) toroidal
eld ampliation; (iii) eet of paker buoyany instability. See 1.5.1 for detailed
disussion.
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the upper onvetion zone of the Sun, and the initial rotation period exeeds ∼ 30
ms, the energy for eld ampliation omes mostly from onvetion, not dierent
rotation, and elds as strong as 3 × 1015 G an be generated by onvetion during
the rst few seonds after NS formation. On the other hand, large-sale α − Ω
dynamo ation is possible NS P ≤ 30 ms to generate strong magneti elds. For
NSs with rapid rotation period P ∼ 1 ms, the elds generated by dierential rota-
tion may be strong enough to suppress onvetion in some regions, the wrapping
of elds around the star by the shear motion allows the formation of large sale
magneti struture. Dunan & Thompson (1992) argued that the elds ould reah
to 3×1017(P/1ms)−1 G as the dierential rotation is smoothed by growing magneti
stresses (see also Klu¹niak & Ruderman 1998). When the strength of magneti elds
has been suiently amplied, the Parker buoyany tends to hange the topology
of the elds, drive ux ropes aross the surfae of the star, where they reonnet,
diuse and ejet into the surround medium, and diretly provide the energy of GRBs
(e.g. Dunan & Thompson 1992; Thompson & Dunan 1993; Klu¹anik & Ruderman
1998; Dai & Lu 1998b; Ruderman et al. 2000; Dai et al. 2000).
1.5.2 Supranova Model
Vietri & Stellar (1998, 1999) presented a senario (they alled "supranova model")
for the formation of GRBs ouring when a hypermassive neutron star (HMNS) lose
so muh angular momentum that entrifugal support against self-gravity beomes
impossible and the implodes to a BH about 2-3 M⊙ surrounded by a transient
disk ∼ 0.1M⊙. The HMNS ould be formed diretly in the SN explosion of a ore
with too muh mass and angular momentum to end up in a normal NS (Vietri &
Stellar 1998), or by areting matter onto a normal NS from a lose ompanion
during a low-mass binary phase (LMXB), while the transport of mass and angular
momentum from the seondary makes the NS to beome a HMNS (Vietri & Stellar
1999). The maximum mass for a dierentially rotating HMNS (Cook, Shapiro &
Teukolsky 1994a, 1994b) an reah to ≈ 2 − 3.5M⊙. Then the HMNS lose angular
momentum via the usual magneti dipole radiation or gravitational waves radiation.
Slowly the HMNS ollapses into a BH. Sine the neutrinos inside the HMNS have
short mean free paths, the implosion from HMNS to BH is almost adiabati. A mass
of ∼ 0.1M⊙ in the equatorial belt an easily reah entrifugal equilibrium and forms
a aretion tours or disk. The new formed BH+disk system is similar to the nal
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results of ollapsar and ompat objet mergers evolution. However, the mehanism
of extration of energy from the system in the supranova senario is mainly via the
onversion of Poynting ux into a magnetized relativisti wind, not the baryoni or
neutrino annihilation proess.
The advantage of the supranova model is that, it keeps the environment baryon-
free. The internal shok senario requires a small baryon ontamination ∼ 10−4M⊙
to produe a relativisti jet with the bulk Lorentz fator Γ to be several hundred
(Rees & Mészáros 1992). The powerful wind from a ollapsar may still ontains
lots of baryons, but his is not the ase for the supranova model. The GRB jet
produed via the ollapse of a HMNS does not have to punh a whole through the
stellar envelope, both beause the former SN explosion has swept away the medium
surrounding the remnant, and beause of the lean and silent ollapse of the HMNS
one entrifugal support weakens ritially. The small baryon ontamination is a
natural onsequene of the supranova senario, with typial values of ∼ 10−5M⊙
well below the ∼ 10−4M⊙ upper limit.
The main two diulties of the supranova model are that, the delay between
supernova and the following GRB is quite long in this model; and the unertainty of
the torus mass and the laking of an envelope may not produe long GRBs. Vietri
& Stellar (1998) onsidered the major soure of HMNS angular momentum loss is
through the usual magneti dipole radiation. The timesale between a normal SN
where a HMNS formed and the implosion to a BH is
tsd =
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where the mass in the range ofM ≈ 2−3.5M⊙, equatorial radius Req ≈ 11−18 km,
angular veloity ω ≈ 8000− 12, 000 s−1, and the angular momentum j ≈ 0.6− 0.78.
However, it is lear in the ase of events like GRB 980425 and GRB 030329 that
the supernova and the GRB happened nearly simultaneously-within a few days of
eah other at most (e.g. Hjorth et al. 2003). Therefore, the supranova model,
with the long delay betwen SNs and GRBs, ould probably only explain few GRB
events. Moreover, the main unertainty in this model is the mass of the formed disk
or torus, although Vietri & Stellar estimate a disk Mdisk ∼ 0.1M⊙. The mass of
the remaining disk depends strongly on the EOS and magneti elds strength (e.g.,
Cook, Shapiro & Teukolsky, 1994a, 1994b; Shibata & Shapiro 2002; Shibata 2003;
Shapiro 2004; Duez et al. 2006a, 2006b, Stephens et al. 2008). A HMNS with a
polytropi and soft EOS γ−4/3≪ 1, a massive disk may form after its ollapse into
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a BH. On the other hand, Shibata (2003) showed that a HMNS with γ > 3/2 leaves
a disk Mdisk < 10
−3M⊙. However, strong magneti elds with the MHD angular
momentum transfer make a massive disk towards the equator of a HMNS even with
a sti EOS Γ = 2 (Duez et al. 2006a, 2006b; Stephens et al. 2008). Anyway,
without an remaining stellar envelope ontained around the HMNS, the new formed
BH+disk system ould only produe short GRBs at most. From this point of view,
whether the suprannova senario allows a lifetime ≥ 1 Gyr, as mentioned in 1.4, is
still questionable.
Chapter 2
Blak Hole Aretion Disks,
Aretion Flows and GRB Central
Engines
Most GRB progenitor senarios lead to a formation of a stellar-mass blak hole
and a hyperaretion disk around it. The areting blak hole system is ommonly
onsidered as the diret entral engine of GRBs. In this hapter, we rst disuss
the equations and the lassial solutions of the areting blak hole systems, and
then fous on the hyperareting blak-hole disks, whih ould only be ooled via
neutrino emissions.
2.1 Conservation Equations
Basi Equations
The general mass onservation or ontinuity equation is
∂ρ
∂t
+∇ · (ρv) = 0. (2.1)
Moreover, the general momentum onservation equation with visosity, i.e., the
Navier-Stokes equation is (Landau & Lifshitz, 1959)
∂v
∂t
+ (v · ∇)v = −1
ρ
∇p−∇Φ+ η
ρ
△v+ (ξ + η
3
)∇(∇ · v), (2.2)
where Φ is the gravitational potential, the onstant η and ξ are alled oeients of
visosity. For inompressible uid, the term (ξ + η/3)∇(∇ · v) in the right hand of
equation 2.2 is vanished.
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For aretion disks under axial symmetry assumption, we adopt ylindrial
oordinates (r, ϕ, z), and take ∂/∂ϕ = 0. Three veloity omponents of aretion
ow at a radius r from the entral ompat objet (vr, vϕ, vz) an be divided into
two parts: an toroidal omponent vφ = Ωr with Ω as the disk angular veloity, and
a small poloidal omponent vp = (vr, vz). If we also onsider the disk is in a steady
state, i.e., ∂/∂t = 0. Then the mass onservation equation an be written as
1
r
∂
∂r
(ρrvr) +
∂
∂z
(ρvz) = 0. (2.3)
The three omponents of the momentum equation are (Frank, King & Raine 2002)
vr
∂vr
∂r
+ vz
∂vr
∂z
= (Ω2 − Ω2K)r −
1
ρ
∂p
∂r
+
1
ρ
[
∂σrr
∂r
+
σrr − σϕϕ
r
+
∂σrz
∂z
]
, (2.4)
vr
∂vz
∂r
+ vz
∂vz
∂z
= −Ω2Kz −
1
ρ
∂p
∂z
+
1
ρ
[
1
r
∂(rσrz)
∂r
+
∂σzz
∂z
]
, (2.5)
vr
r
∂(r2Ω)
∂r
+ vz
∂(rΩ)
∂z
=
1
ρ
[
1
r2
∂(r2σrϕ)
∂r
+
∂σϕz
∂z
]
, (2.6)
where ΩK is the Kepler angular veloity ΩK =
√
(GM)/r3 with M being the mass
of entral star, and the nine omponents of stress tensor σ for inompressible uid
are
σrϕ = σϕr = µr
∂Ω
∂r
,
σrz = σzr = µ
(
∂vz
∂r
+
∂vr
∂z
)
,
σϕz = σzϕ = µ
∂(rΩ)
∂z
,
σrr = 2µ
∂vr
∂r
, σzz = 2µ
∂vz
∂z
, σϕϕ = 2µ
vr
r
. (2.7)
The axial symmetry assumption and the disk geometry half-height H ≪ radius r
allows us to take the approximation that the terms vz and ∂/∂z are muh smaller
ompared to other terms in equations (2.4) to (2.6). The the radial omponent of
the momentum equation (2.4) an be simplied as
vr
∂vr
∂r
= (Ω2 − Ω2K)r −
1
ρ
∂p
∂r
+
2
ρr
[
∂
∂
(
µ
∂vr
∂r
)
+ µ
∂
∂r
(vr
r
)]
. (2.8)
The angular momentum equation (2.6) to be
vr
r
∂(r2Ω)
∂r
=
1
ρr2
∂
∂r
(
µr3
∂Ω
∂r
)
. (2.9)
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The z-diretion momentum equation (2.5) be rewritten as
Ω2Kz +
1
ρ
∂p
∂z
≈ 0. (2.10)
For 'thin' disk with z ≪ H , we an set |∂p/∂z| ∼ p/H and z ∼ H , the half-height
of the disk H satises
H ∼= cs
ΩK
. (2.11)
where cs =
√
p/ρ is the isothermal sound speed. Furthermore, the energy balane
in a steady-state disk is established among the heating rate q+, the ooling rate q−
and the advetion rate qadv per unit volume. The heating rate term q
+
is usually
ontributed by loal visous dissipation (Thompson 1972)
q+ = µr2
(
dΩ
dr
)2
. (2.12)
Cooling is mainly via phonon or high-energy partile emissions. The advetion term
qadv is energy ux driven by entropy gradient in the aretion proess. Thus the
loal energy onservation energy is written
qadv = ρvrT
ds
dr
= q+ − q−. (2.13)
where s is the speify entropy and T is the temperature of the disk at radius r.
Conversation equations (2.3), (2.8), (2.9), (2.13) and relation (2.11) are om-
monly used for disks under the assumptions of axisymmetry and 'thin' disk geometry
(e.g., Abramowiz et al. 1988; Narayan & Popham 1993; Narayan & Yi 1994).
α-Presription
The radio of dynami visosity η and the density ρ ,i. e., ν = η/ρ, is alled
the kinemati visosity. We adopt the relation that the kinemati visosity ν is
proportional to the isothermal sound speed cs and the disk half-thikness H , and
write
ν = αcsH. (2.14)
with the visosity parameter α ≤ 1 in most ases. This famous α-presription
was rst adopted by Shakura & Sunyave (1973) from another point of view. More
detailed desription based on mirophysis senario an be seen in many lassial
referenes (e.g., Landau & Lifshitz 1959; Frank et al. 2002). Although MHD simula-
tions beyond α-presription for understanding the physial mehanisms whih may
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generate a visosity in disks have been arried out for years (see Balbus & Hawley
1998 for a review), the α-presription, whih is a muh simpler treatment with lear
physial senario, is still very useful and will ontinue to be used for analyti and
semi-analyti alulations. Now we use the relation µ = νρ = αcsρH in all of our
equations.
Vertially Integrated Equations
A farther reasonable approximation treatment whih ould simplify the group
of partial dierential equations and make them to be dierential equations, is the
"vertial integration" treatment along the z-diretion. The disk may be desribed by
vertially average physial quantities as a funtion of radius r. The surfae density
is
∑
= 2ρH . Thus the equations of ontinuity, radial and angular momentum (2.3,
2.8, 2.9) are
M˙ = −2πrvrΣ, (2.15)
vr
dvr
dr
= (Ω2 − Ω2K)r −
1∑ d
dr
(
Σc2s
)
, (2.16)
vr
r
d(r2Ω)
dr
=
1
Σr2
d
dr
(
Σνr3
dΩ
dr
)
, (2.17)
The angular equation (2.17) an be further integrated. If we take the angular veloity
of the aretion ow Ω ≈ ΩK , then we obtain the angular momentum equation as
νΣ =
M˙
3π
f, (2.18)
where f = 1 − l0/l with l = r2Ω is the spei angular momentum and l0 is the
speial angular momentum onstant at the inner edge of the disk. Usually we an
write f = 1 −√r∗/r with r∗ being the inner edge of the disk (Frank et al. 2002).
Furthermore, ombining equations (2.12) and (2.18) the vertially intergraded loal
visous dissipation rate of a nearly Keplerian disk is
Q+ =
3
8π
GMM˙
r3
f, (2.19)
and the integrated energy equation is
1
2
ΣTvr
ds
dr
=
3
8
GMM˙
8πr3
f −Q−. (2.20)
The fator 1/2 in the left side of equation (2.20) is added beause we only study the
vertially-integrated energy equation over a half-thikness H .
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2.2 Equations for Magnetized Flows
For magnetized aretion ows, we need to onsider the eets of magneti elds on
momentum transfer and energy dissipation. The momentum equation of aretion
ows (2.2) is modied as
∂v
∂t
+ (v · ∇)v = −1
ρ
∇p−∇Φ+ η
ρ
△v+ 1
ρc
J×B, (2.21)
with the added term of Lorentz fore in the right side of the equation. The urrent
density J satises
J =
4π
c
(∇×B), (2.22)
In ylindrial oordinates (r, ϕ, z), the three omponents of Lorentz fore are
1
ρc
(J×B)r = − 1
2ρ
∂
∂r
(
B2ϕ +B
2
z
4π
)
+
Bz
4πρ
∂Bz
∂z
− B
2
ϕ
4πρr
, (2.23)
1
ρc
(J×B)ϕ = BrBϕ
4πρ
+
Br
4πρ
∂Bϕ
∂r
+
Bz
4πρ
∂Bϕ
∂z
, (2.24)
1
ρc
(J×B)r = − 1
2ρ
∂
∂z
(
B2ϕ +B
2
z
4π
)
+
Br
4πρ
∂Bz
∂r
. (2.25)
The right side of equations (2.23), (2.23) and (2.23) need to be added to the right
side of equations (2.4), (2.5) and (2.6) respetively.
The energy equation should inlude Joule dissipation (or Ohmi dissipation) as
well as visous dissipation,
ρvrT
ds
dr
= q+vis + q
+
Joule − q−, (2.26)
where
q+Joule =
4π
c2
ηmJ
2
=
ηm
4π
(
∂Bϕ
∂z
)2
+
ηm
4π
(
∂Br
∂z
− ∂Bz
∂r
)2
+
ηm
4πr2
[
∂
∂r
(rBϕ)
]2
(2.27)
with ηm being the magneti diusivity of the disk. If we dene the Alfvén sound
speeds along the three diretions c2r,ϕ,z = B
2
r,ϕ,z/(4πρ), then the vertially integrated
momentum equations read (Zhang & Dai 2008b)
vr
∂vr
∂r
= (Ω2 − Ω2K)r −
1
Σ
∂
∂r
(Σc2s)
− 1
2Σ
∂
∂r
[Σ(c2z + c
2
ϕ)] +
1√
Σ
cz
∂
∂z
(
√
Σcr)−
c2ϕ
r
, (2.28)
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vr
r
∂(rvϕ)
∂r
+ vz
∂vϕ
∂z
=
1
Σr2
∂
∂r
(
Σνr3
∂Ω
∂r
)
+
crcϕ
r
+
cr√
Σ
∂
∂r
(
√
Σcϕ) +
cz√
Σ
∂
∂z
(
√
Σcϕ), (2.29)
vr
r
∂vz
∂r
= −Ω2Kz −
1
Σ
∂
∂z
(Σc2s)
− 1
2Σ
∂
∂z
[Σ(c2r + c
2
ϕ)] +
1√
Σ
cr
∂
∂r
(
√
Σcz). (2.30)
And the energy onservation equation beomes
1
2
ΣvrT
ds
dr
=
3
8π
GMM˙
r3
f + ηm
[
∂
∂z
(√
Σcϕ
)]2
ηm
[
∂
∂z
(√
Σcr
)
− ∂
∂r
(√
Σcϕ
)]2
+
ηm
r2
[
∂
∂r
(r
√
Σcϕ)
]2
. (2.31)
Lovelae, Wang & Sulkanen (1987) derived similar momentum equations as
(2.28) to (2.31). The magneti elds symmetry requires
Br(r, z) = +Br(r,−z),
Bϕ(r, z) = +Bϕ(r,−z),
Bz(r, z) = −Bz(r,−z).. (2.32)
The r, ϕ, z-omponent equations are
Σvr
∂vr
∂r
= Σ
v2ϕ
r
−ΣGM
r2
− 1
8πr2
∂
∂r
[2Hr2 < (B2ϕ−B2r ) >]+
1
4π
BrBz|z=Hz=−H, (2.33)
M˙
3π
f = Σν +
1
3πΩ
[(r∗
r
)2
< BrBϕ >r=r∗ − < BrBϕ >
]
, (2.34)
(
GMΣ
2r3
)(
 H
0
zρdz/
 H
0
ρdz
)
= p|z=0 −
B2r +B
2
ϕ
8π
, (2.35)
respetively, where < ... > is dened as
< Bξ >=
1
2H
 H
−H
dzBξ(r, z). (2.36)
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2.3 Photon Radiation and Shakura-Sunyaev Solu-
tions
In aretion disks, the vertial energy transfer mehanism may be either radiative
or onvetive, depending on the temperature gradient along the z-diretion. We
will disuss the onvetion eet later in 1.1.4. In this setion we rst onsider the
energy transfer is radiative. The spei ux is
Fν(z) = − 4π
3κνρ
∂Bν(T )
∂z
, (2.37)
where κν is the opaity oeient for a partiular frequeny ν. Here we assume the
radiation eld in the disk has reahed thermal equilibrium in the layer z to z + dz,
and Bν(T ) is the Plank blakbody funtion. Intergrading (2.37) over frequeny we
obtain
F (z) =
 ∞
0
Fν(z)dz = − c
3κRρ
∂
∂z
(aBT
4) = −4cσB
3κRρ
∂
∂z
(T 4), (2.38)
where aB is the radiation onstant while σB the Stefan-Boltzmann onstant, κR
is the Rosseland mean opaity. Hubeny (1990, see also Popham & Narayan 1995)
derived an more elaborate expression for the vertial ux
F (z) =
σBT
4
3(τ/2 + 1/
√
3 + 1/3τa)
, (2.39)
where τ = κRρH and τa = κaρH are the total and absorption optial depths.
The generated dissipation energy in the disk is mainly ooled by thermal photon
emission. Thus we have the ooling rate Q−rad over a half-thikness disk
Q−rad =
 H
0
∂F (z)
∂z
dz = F (H)− F (0). (2.40)
We adopt the simplied energy equation, i.e., energy balane is established between
radiation and visous dissipation
Q−rad = F (H)− F (0) =
4σBT
4
c
3τ
=
 H
0
q+vis(z) = Q
+
vis =
3
8π
GMM˙
r3
f. (2.41)
Tc is the entral temperature at z=0, and we assume Tc ≫ T (H). The main ontri-
bution to the opaity for a normal thermal disk omes from Thompson sattering
on free eletrons, and free-free absorption (Shakura & Sunyave 1973)
σT = 6.65× 10−25m2, σff = 0.11T−7/2nm3g−1, (2.42)
2.3. Photon Radiation and Shakura-Sunyaev Solutions 90
Figure 2.1: Physial senario of Shakura & Sunyavae disk.
For a omplete set of equations we also need thermodynamial equation, or the
expression of pressure, whih inlude both gas pressure and radiation pressure
p = pg + pr =
ρTℜ
µacc
+
4σB
3c
T 4c , (2.43)
where ℜ is the gas onstant, µacc is the mean moleular weight.
Combining equations (2.11), (2.14), (2.18), (2.41), (2.42) and (2.43), we are able
to determine the physial properties of a thin photon radiative disk as funtions of
aretion rate M˙ , entral objet mass M , radius r and inner edge radius r∗. The
analytial solutions were rst derived by Shakura & Sunyaev (1973), who divided
the disk into three regions, and gave dierent solution in dierent region: a) pr ≫ pg,
σT ≫ σff
Σ = 4.6α−1m−1rˆ3/2f−1
T = 2.3× 107(αm)−1/4rˆ−3/4
n = Σ/(2Hmp) = 4.3× 1017α−1m˙−2m−1rˆ3/2f−2
H = 3.2× 106m˙mf
vr = 7.7× 107αm˙2rˆ−5/2f, (2.44)
b) pg ≫ pr, σT ≫ σff
Σ = 1.7× 105α−4/5m˙3/5m1/5rˆ−3/5f 3/5
T = 3.1× 108α−1/5m˙2/5m−1/5rˆ−9/10f 2/5
n = 4.2× 1024α−7/10m˙2/5m−7/10rˆ−33/20f 2/5
H = 1.2× 104α−1/10m˙1/5m9/10r21/20f 1/5
vr = 2× 106α4/5m˙2/5m−1/5rˆ−2/5f−3/5, (2.45)
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b) pg ≫ pr, σff ≫ σT
Σ = 6.1× 105α−4/5m˙7/10m1/5rˆ−3/4f 7/10
T = 8.6× 107α−1/5m˙3/10m−1/5rˆ−3/4f 3/10
n = 3× 1025α−7/10m˙11/20m−7/10rˆ−15/8f 11/20
H = 6.1× 103α−1/10m˙3/20m9/10rˆ9/8f 3/20
vr = 5.8× 105α4/5m˙3/10m−1/5rˆ−1/4f−7/10, (2.46)
where
m =
M
M⊙
, m˙ =
M˙
M˙cr
=
M˙
3× 10−8M⊙yr−1 ×
(
M⊙
M
)
, rˆ =
r
3rg
=
1
m
( r
9km
)
, (2.47)
and the units of surfae density Σ, temperature T , number density n, half-thikness
H and radial veloity vr are g m
−2
, K, m
−3
, m and m s
−1
. The general senario
of the disk struture is summarized in Figure 2.1, whih shows the three regions
having dierent physial properties.
2.4 Aretion Flows with Self-Similar Struture
We swith bak to the basi energy equation (2.13)
qadv = q
+ − q−
where qadv is the advetion transport of energy driven by the entropy gradient. In
last setion 2.1.3, we approximately set qadv ≃ 0. In fat, depending on the relative
magnitudes of the terms in equation (2.13), we may identify three ases of aretion
ows (Narayan, Mahadevan & Quataert, 1998)
 q+ ≃ qq− ≫ qadv, the ooling-dominated ow where all the energy released
by visous stresses is radiated. The S-S thin disk solutions orrespond to this
ase.
 qadv ≃ q+ ≫ qq−, an advetion-dominated aretion ow (ADAF) where al-
most all the visous energy is stored in the gas and is deposited into the entral
BH. For a given M˙ , an ADAF is muh less luminous than a ooling-dominated
ow. Moreover, the eet of onvetion in an ADAF is signiant for su-
iently low visosity parameter α. Convetive ADAF is alled "onvetion-
dominated aretion ow" (CDAF, Narayan et al. 2000).
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 −qadv ≃ q− ≫ qq+, advetion-ooling-balane aretion ow, where energy
generation by visosity is negligible, but the entropy of the inowing gas is
onverted to radiation.
Self-similar treatment is very useful to desribe the properties of various uid
sine Sedov (1969) and Taylor (1950). The analytial ADAF solution based on
self-similar treatment has been derived by Narayan & Yi (1994). The integrated
equations (2.15), (2.16), (2.17) and the energy equation
ΣvrT
ds
dr
=
3 + 3ǫ
2
Σν
dc2s
dr
− 2c2sHvr
dρ
dr
= f
αΣc2sr
2
ΩK
(
dΩ
dr
)2
(2.48)
permit a self-similar solution of the form (Spruit et al. 1987):
ρ ∝ r−3/2, vr ∝ r−1/2,Ω ∝ r−3/2, c2s ∝ r−1 (2.49)
Here ǫ = pr/p is the fration of radiation pressure, and f measures the degree to
whih the ow is advetion-dominated. Thus the self-similar solution of an ADAF
is (Narayan & Yi, 1994)
vr(r) = −(5 + 2ǫ′)g(α, ǫ
′)
3α
vK (2.50)
Ω(r) =
[
2ǫ′(5 + 2ǫ′)g(α, ǫ′)
9α2
]1/2
ΩK (2.51)
c2s(r) =
2(5 + 2ǫ′)
9
g(α, ǫ′)
α2
v2K (2.52)
where
vK ≡
(
GM
r
)1/2
, ǫ′ ≡ ǫ
f
=
1
f
(
5/3− γ
γ − 1
)
, g(α, ǫ′) ≡
[
1 +
18α2
(5 + 2ǫ′)
]1/2
−1 (2.53)
Taking the assumption α2 ≪ 1, the solution (2.50) to (2.52) takes a simple form
v
vK
≈ − 3α
5 + 2ǫ′
,
Ω
ΩK
≈
(
2ǫ′
5 + 2ǫ′
)1/2
,
(
cs
vK
)2
≈ 2
5 + 2ǫ′
(2.54)
In the limit of very eient ooling, f → 0 and ǫ′ → 0, we obtain vr, cs ≪ vK and
Ω → ΩK , whih orrespond the Keplerian aretion ows. In the opposite limit
of an ADAF f → 1, we have the extreme ase Ω → 0 for γ → 5/3 and cs ∼ vK ,
H ∼ cs/vK ∼ vK/ΩK = r, whih orrespond to the spherial Bondi aretion limit.
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Next we disuss the eet of onvetion in ADAFs. The r-diretion integrated
form of angular momentum equation (2.9) read
0 = J˙v + J˙adv = −α c
2
s
ΩK
ρr3
dΩ
dr
+ ρrvrΩr
2, (2.55)
where the visosity next ux
J˙v = −α cs2
ΩK
ρr3
dΩ
dr
. (2.56)
Analogous to the visosity ux and visosity parameter α, Narayan et al. (2000)
introdued the "onvetion parameter" αc and the angular ux due to onvetion
as
J˙c = −αc c
2
s
ΩK
ρr3(1+g)/2
d
dr
[Ωr3(1−g)/2], (2.57)
with the index g desribes the physis of onvetive angular momentum transport.
When g = 1, expression (2.57) beomes
J˙c = −αc c
2
s
ΩK
ρr3
dΩ
dr
, (2.58)
onvetion angular momentum ux is oriented down the angular veloity gradient.
While when g = −1/3,
J˙c = −αc c
2
s
ΩK
ρr
dΩr2
dr
, (2.59)
onvetion angular momentum ux is due to the spei angular momentum gradi-
ent. The r-diretion angular momentum equation reads
0 = J˙v+J˙c+J˙adv = −α c
2
s
ΩK
ρr3
dΩ
dr
−αc c
2
s
ΩK
ρr3(1+g)/2
d
dr
[Ωr3(1−g)/2]+ρrvrΩr
2. (2.60)
We take the diusion onstant Kc as
Kc = αc
c2s
ΩK
, (2.61)
and the energy ux via onvetion is
Fc = −Kcρde
dt
= −αc c
2
s
ΩK
ρT
ds
dr
. (2.62)
Thus the energy transport by onvetion in ylindrial oordinates is r−1d(rFc)/dr.
In this setion we follow Narayan et al. (2000) and adopt the expression r−2d(r2Fc)/dr
in spherial oordinates and obtain the energy equation inluding onvetion as
ρvrT
ds
dr
+
1
r2
d
dr
(r2Fc) = Q
+ = (α + αc)
c2s
ΩK
ρr2
(
dΩ
dr
)2
. (2.63)
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The radial momentum equation (2.8), and new angular momentum and energy
equations (2.60) and (2.62) allow us to obtain the self-similar solutions for ADAF
with onvetion. We take the self-similar struture
ρ = ρ0r
−s, vr = v0vK ,Ω = Ω0ΩK , c
2
s = c
2
0v
2
K , H = c0r, (2.64)
where the index s is equal to 3/2 in normal ADAF struture (e.g., Narayan & Yi
1994), and ρ0, v0,Ω0, c0 is the dimensionless onstant to be determined. Thus we
an derive the relation
Ω20 = 1− (s+ 1)c20 (2.65)
v0 = −3
2
(α + gαc)c
1
0 (2.66)
(
s− 1
γ − 1
)
v0 +
(
s− 1
2
)(
s− 1
γ − 1
)
αcc
1
0 =
9
4
Ω20(α + gαc) (2.67)
Moreover, another mirophysis equation based on the mixing length theory an be
adopted (Narayan et al. 2000)
αc =
l2M
4
√
2(1 + g)2c20
{
(1 + s)[(γ + 1)− (γ − 1)s]
γ
c20 − 1
}1/2
(2.68)
Combining equations (2.65) to (2.67 and taking s = 3/2 (i.e., the ase of normal
ADAF), we have
5− 3γ
γ − 1
[
3
2
α +
(
3
2
g − 1
)
αc
]
c0 =
9
2
(α + gαc)
(
1− 5
2
c20
)
(2.69)
Equations (2.68) and (2.69) an be used to determine αc and α as the funtion of c0.
For g < 2/3, the minimum value of α an be reahed when the sound speed takes
on its maximum value, c20 = 2/5, and the minimum value of α is
αcrit1 =
(
2
3
− g
)
l2M
20
(
5− 3γ
γ
)1/2
> 0. (2.70)
Therefore, the normal ADAF self-similar solution an not exist when g < 2/3 and
α satises 0 < α < αcrit1 at the same time. What happens if α < αcrit1? If α is
small and g < 2/3, the visous ux is unable to ope with the with inward ux due
to onvetion, and there is no onsistent aretion solution. However, a ompletely
dierent solution is possible if g < 0. Equation (2.69) ould also be satised if
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s = 1/2, α = −gαc and v0 = 0. The new self-similar solution is referred as a
"onvetive envelope" solution or "onvetion-dominated aretion ow" (CDAF).
We obtain
α = −gαc = − gl
2
M
9
√
2c20
[
3(γ + 1)
4γ
c20 − 1
]1/2
, (2.71)
and the maximum value of α for CDAF solution
αcrit2 = −gl
2
M
12
(
3− γ
γ
)1/2
. (2.72)
We list the dierent solutions with the range of parameters α and g following
Narayan et al. 2000:
 g > 2/3, ADAF solution for α ≤ 1
 0 < g < 2/3, ADAF solution for α ≥ αcrit1
 g < 0, ADAF solution for α ≥ αcrit1; CDAF solution for α > αcrit2.
Figure 2.2 shows the variation of αc as a funtion of α for various adiabati index
and g = −1/3. We note that, sine αcrit2 > αcrit1, the self-similar solution is not
unique for αcrit1 < α < αcrit2, and both ADAF and CDAF solutions exist in this
ase.
Self-similar solutions for ADAF with large-sale magneti elds have also been
studied (e.g.,Shadmehri 2004; Shadmehri & Khajenabi 2005; Akizuki & Fukue 2006;
Shadmehri & Khajenabi 2006; Ghanbari, Salehi & Abbassi 2007; Zhang & Dai
2008b; Bu, Yuan & Xie 2009). The physial properties of magnetized ows are
dierent to that without magneti elds. For example, Akizuki & Fukue (2006)
examined the eets of toroidal magneti elds and mass-loss from the disk. They
found that the disk beomes thik due to the magneti pressure, and the radial
infalling veloity and rotation beomes fast. Zhang & Dai (2008b) also disussed
the self-similar solutions for CDAFs with large-sale elds. We will disuss these
results in 3 in details.
2.5 NDAFs and Neutrino-Cooled Disks I: Formulae
If the areting matter has a suiently high temperature and density, the photon
optial depth is enormous and radiation annot esape. However, it an ooled by
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Figure 2.2: Variation of the onvetive parameter αc as a funtion of the visosity
parameter α for three values the adiabati index γ (Narayan et al. 2000).
neutrino emission, leading to a neutrino-dominated aretion ow (NDAF, Popham,
Woosley & Fryer 1999).
Neutrino-ooled aretion disk around BH has been onsidered as the entral
engine of GRBs. Both proesses of massive star ollapses or ompat objet mergers
lead to the formation of BH + neutrino-ooled disk systems. These disk are typially
ompat, with the bulk of the mass residing with 4×107 m of the BH (∼ 3−5M⊙)
and temperature (109K ≤ T ≤ 1011K), density (109 g m−3≤ ρ ≤ 1011 g m−3),
and a huge aretion rate up to ∼ 1M⊙ s−1. The aretion timesale of these disks
tacc ∼ Mdisk/M˙ is short, from tens of milliseonds after mergers to tens of seonds
after ollapses.
Neutrino Cooling Rates and Optial Depths
The generated visosity an be ooled via neutrino emission via various ooling
proesses, inluding absorption proesses suh as eletron-positron pair annihila-
tion, eletron-positron apture rate by nuleons, nuleon-nuleon bremsstrahlung,
plasmon deay into neutrinos, and sattering proesses suh as neutrino-nuleon
sattering and neutrino-eletron sattering.
The rates of eletron-positron pair annihilation into neutrinos are (Burrows &
Thompson 2004)
q−e−e+→νeν¯e = 2.56× 1033T 911f(ηe) ergs m−3 s−1, (2.73)
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q−e−e+→νµν¯µ = q
−
e−e+→ντ ν¯τ = 1.09× 1033T 911f(ηe) ergs m−3 s−1, (2.74)
where T11 = T/10
11
K,
f(ηe) =
F4(ηe)F3(−ηe) + F4(−ηe)F3(ηe)
2F4(0)F3(0)
(2.75)
and
Fn(ηe) =
 ∞
0
xn
ex∓ηe + 1
dx. (2.76)
The eletron-positron apture rate by nuleons (or, the URCA reation) is rep-
resented by the sum of three terms:
qeN = qp+e−→n+νe + qn+e−→p+ν¯e + qn→p+e−+ν¯e, (2.77)
with
qp+e−→n+νe =
G2FC
2
V (1 + 3g
2
A)
2π3~7c6
np
 ∞
Q
dEeEe
√
E2e −m2ec4(Ee−Q)3
1
e(Ee−µe)/kBT + 1
,
(2.78)
qn+e−→p+ν¯e =
G2FC
2
V (1 + 3g
2
A)
2π3~7c6
nn
 ∞
mec2
dEeEe
√
E2e −m2ec4(Ee+Q)3
1
e(Ee+µe)/kBT + 1
,
(2.79)
qn→p+e−+ν¯e =
G2FC
2
V (1 + 3g
2
A)
2π3~7c6
nn
 Q
mec2
dEeEe
√
E2e −m2ec4(Q−Ee)3
(
1− 1
e(Ee−µe)/kBT + 1
)
,
(2.80)
where the onstants GF = 1.463 × 10−49 ergs m−3, C2V = 0.947, axial vetor gA =
1.26, Q is dened as (mn−mp)c2, and np and nn are the number density of protons
and neutrons in the ows.
The nuleon-nuleon bremsstrahlung rate through n + n → n + n + ν + ν¯ is
represented by
q−brems = 3.4× 1033T 811ρ1/313 ergs m−3 s−1, (2.81)
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in the degeneray regime of nuleons, and
q−brems = 1.5× 1033T 5.511 ρ213 ergs m−3 s−1, (2.82)
in the nondegeneray regime of nuleons (Hannestad & Raelt 1998). Here ρ13 =
ρ/1013 g m−3.
Plasmon deay into neutrino through γ˜ → νe + ν¯e is estimated as (Ruert et
al. 1996)
q−plasmon = 1.5× 1032T 911γ6pe−γp(1 + γp)
(
2 +
γ2p
1 + γp
)
ergs m
−3
s
−1, (2.83)
where γp = 5.656 × 10−2[(π2 + 3η2e)/3]1/2. However, in most ases, both the n − n
bremsstrahlung and plasmon deay are less important than URCA and e−e+ pair
annihilation in a NDAF. Thus, the absorption optial depths for three dierent types
of neutrino an be alulated by (e. g., Popham et al. 1999; Kohri et al. 2005)
τa,νe =
(q−eN + q
−
e−e+→νeν¯e + q
−
brems + q
−
plasmon)H
4(7/8σBT 4)
≈ (q
−
eN + q
−
e−e+→νeν¯e)H
4(7/8σBT 4)
(2.84)
τa,νµ,τ =
(q−e−e+→νµν¯µ + q
−
brems)H
4(7/8σBT 4)
≈
q−e−e+→νµν¯µH
4(7/8σBT 4)
(2.85)
Furthermore, the neutrino sattering proesses inlude elasti sattering o
bakground nuleons, νi=e,µ,τ+{p, n} → νi=e,µ,τ+{p, n}. The total νi−p sattering
ross setion (Burrows & Thompson 2004)
σp =
σ0
4
(
εν
mec2
)2
[(CV − 1)2 + 3g2A(CA − 1)2], (2.86)
and the transport ross setion is
σtrp =
σ0
6
(
εν
mec2
)2
[(CV − 1)2 + 5g2A(CA − 1)2], (2.87)
where σ0 = 1.705 × 10−44 m2, εν is the average neutrino energy. The total νi − n
sattering ross setion is
σn =
σ0
4
(
1 + 3g2A
4
)
, (2.88)
and the transport ross setion is
σtrn =
σ0
4
(
1 + 5g2A
6
)
, (2.89)
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Neutrino-eletron sattering rate is given by Tubbs & Shramm (1975) for ele-
trons with dierent physial properties: (a) relativisti, nondegenerate eletrons:
σeνe =
3
8
σ0
εν
mec2
kBT [(CV + CA)
2 + (CV − CA)2/3], (2.90)
(b) relativisti degenerate eletrons, and high energy neutrinos εν ≫ εF (Fermi
energy of degenerate eletrons):
σeνe =
3
32
σ0
ενεF
mec2
[(CV + CA)
2 + (CV − CA)2/3], (2.91)
() relativisti degenerate eletrons, and low energy neutrinos εν ≪ εF
σeνe =
1
32
σ0
(
εν
mec2
)2(
εν
εF
)
[(CV + CA)
2 + (CV − CA)2/3], (2.92)
As a result, the neutrino sattering optial depth, whih is ontributed by neutrino-
nuleon sattering and neutrino-eletron, is given by
τs,νi(e,µ,τ) = H [σp,νinp + σn,νinn + σe,νi(ne− + ne+)] (2.93)
Using the formulae of neutrino optial depths (2.84), (2.85) and (2.93) above,
the total neutrino ooling rate per unit area is (Popham & Narayan 1995; Di Matteo
et al. 2002)
Q−ν =
∑
i=e,µ,τ
(7/8)σBT
4
(3/4)[τνi/2 + 1/
√
3 + 1/(3τa,νi)]
(2.94)
where the total optial depth of the neutrino is τνi = τa,νi + τs,νi. Formula (2.94) is
designed to operate in both the optially very thin and optially very thik limits.
Thermodynamis
The ooling term in energy equation (2.20) has two ontributions: neutrino
emission (see formula 2.94) and photodisintegration of α-partiles
Q− = Q−ν +Q
−
photodis, (2.95)
where
Qphotodis = 6.8×1038 ergs m−3 s−1ρ
(
A
4
)−1(
B
28.3Mev
)( vr
m s
−1
)(dXnuc/dr
m
−1
)
(2.96)
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with A being the mass number of the nuleons, B being the binding energy of the
nuleons (=28.3 Mev for
4
He) and Xnuc being the mass fration of free nuleons
Xnuc = min{1, 295.5ρ−3/410 T 9/811 exp(−0.8209/T11)}. (2.97)
The eet of photodisintegration an be negleted in the region with suiently
high temperature and rare α-partiles Xnuc ≈ 1.
The advetion term in energy equation (2.20) is (Di Matteo et al. 2002; Liu et
al. 2007)
Qadv = ρvrHT
ds
dr
≈ ξvrH
r
T
(
4
3
aBT
4 +
3
2
ρℜ1 + 3Xnuc
4
+
4
3
uν
T
)
, (2.98)
where ξ ∝ −dlns/dlnr an be approximately taken as equal to 1. Another expression
of Qadv an be seen in Zhang & Dai (2008a) that
Qadv ≈ M˙T
4πr2
[ℜ
2
(1 + Ye)
(
1 + 3Xnuc
4
)
+
4
3
g∗
aT 3
ρ
+
4
3
uν
T
]
, (2.99)
where Ye is the radio of eletron to nuleon number density, the parameter g∗ = 2
for photons and g∗ = 11/2 for a plasma of photons together with relativisti e−− e+
pairs.
The total pressure in the disk is
p = pe + prad + pgas + pv. (2.100)
The pressure pe is ontributed by eletrons and positrons pe = pe− + pe+ with
pe± =
1
3
m4ec
5
π2~3
 ∞
0
x4√
x2 + 1
dx
e(mec2
√
x2+1∓µe)/kBT + 1
, (2.101)
where µe is the hemial potential of the eletron gas. The radiation pressure is
prad = aBT
4/3, (2.102)
while Popham et al. (1999), Narayan et al. (2001), Di Matteo et al. (2002) took
prad = 11aBT
4/12, whih inlude the ontribution of relativisti e− − e+ pairs. We
alulate the pressure of e− − e+ pairs in the term of Pe, not Prad. Moreover, The
gas pressure, an be written as
pgas = ρℜT
(
1 + 3Xnuc
4
)
, (2.103)
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as ideal gas pressure is still a good approximation in the neutrino-ooled disks. A
more elaborate expression onsidered the series orretion is (Janiuk et al. 2007)
pi(p,n) =
2
√
2
3π2
(mic
2)4
(~c)3
β
5/2
i [F3/2(ηi, βi) + βiF5/2(ηi, βi)/2], (2.104)
where βi = kT/mec
2
, ηi = µi/kBT with µi being the hemial potential, and
Fk(ηi, βi) is the inomplete Fermi-Dira integral for an index k. The pressure of
neutrinos pν = uν/3, on the other hand, an be negleted in neutrino-ooled disks
for most ases.
Charge Equilibrium and Chemial Equilibrium
The harge equilibrium requires
np =
ρYe
mB
= ne− − ne+ , (2.105)
where
ne∓ = 8π
(mec
h
)3  ∞
0
x2dx
dx
e(mec2
√
x2+1∓µe)/kBT + 1
, (2.106)
The hemial equilibrium requires
np(Γp+e−→n+νe + Γp+ν¯e→n+e+ + Γp+e−+ν¯e→n)
= nn(Γn+e+→p+ν¯e + Γn→p+e−+νe + Γn+νe→p+e−) (2.107)
We dene a oeient K equal to G2FC
2
V (1 + 3g
2
A)/2π
3
~
7c6, then the transition
reation rates from neutrons to protons and from protons to neutrons are
Γp+e−→n+νe = K
 ∞
Q
dEeEe
√
E2e −m2ec4(Ee −Q)2fe−, (2.108)
Γp+e−←n+νe = K
 ∞
Q
dEeEe
√
E2e −m2ec4(Ee −Q)2(1− fe−), (2.109)
Γn+e+→p+ν¯e = K
 ∞
mec2
dEeEe
√
E2e −m2ec4(Ee +Q)2fe+ , (2.110)
Γn+e+←p+ν¯e = K
 ∞
mec2
dEeEe
√
E2e −m2ec4(Ee +Q)2(1− fe+), (2.111)
Γn→p+e−+νe = K
 Q
mec2
dEeEe
√
E2e −m2ec4(Q− Ee)2(1− fe−), (2.112)
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Γn←p+e−+νe = K
 Q
mec2
dEeEe
√
E2e −m2ec4(Q− Ee)2fe−, (2.113)
where fe∓ = {exp[(Ee−µe)/kBT ] + 1}−1. If the neutrinos are perfetly thermalized
and have an ideal Fermi-Dira distribution, we an simplify equation (2.107) as(
nn
np
)
Eq
= exp
{
µe −Q
kBT
}
(2.114)
for the neutrino-opaque limit and (Yuan 2005)(
nn
np
)
Eq
= exp
{
2µe −Q
kBT
}
(2.115)
for the neutrino-transparent limit
1
. A ombined form for both neutrino-opaque and
transparent ases an be given by (Lee et al. 2005; Liu et al. 2007)
ln
(
nn
np
)
Eq
= f(τν)
{
2µe −Q
kBT
}
+ [1− f(τν)]
{
µe −Q
kBT
}
(2.116)
Let us give a brief summary in this setion. We have list all the formulae and
equations for determining the struture of neutrino-ooled disks as funtions of a-
retion rate M˙ , entral BH mass M˙ , and the radius r ompletely. The aretion
disks satises the onservation equations (2.15), (2.16), (2.18) and (2.20). The total
neutrino ooling rate is expressed as formula (2.94), while formulae (2.73) to (2.93)
show how to alulate various ooling proesses and neutrino optial depths. Pho-
todisintegration is showed as formula (2.96), while advetion ux an be estimated
using formula (2.98) or (2.99). The total pressure is ontributed by four terms as
showed in equation (2.100), with formulae (2.101) to (2.104) disuss eah type of
pressure. Finally, we need the harge and hemial equilibrium equations (2.105)
and (2.107), with density equation (2.106) and transition rates formulae (2.108) to
(2.113).
Eets of Highly Strong Magneti Fields
Now we disuss the neutrino-ooled disk with highly strong magneti elds ≥
1014 G. Suh ultrahigh magneti elds may be generated by ampliation proesses
in disks suh as dierential rotation, or diretly form the entral BH. Strong magneti
elds ould hange the disk physial properties signiantly. The eet of magneti
elds on marophysial onservation equations have been disussed in 2.1.2 (see
1
Beloborodov 2003 derived the relation (nn − np)/(nn + np) = 0.487(2µe − Q)/(kBT ) for the
neutrino-transparent limit.
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Xie et al. 2007 and Lei et al. 2008 for more disussion). Here er mainly fous on
mirophysis. The main modiation in the ase of strong magnetized disk omes
from the available phase spae for the eletrons. The phase spae for B = 0 should
be replaed as
2
h3

d3p −→
∞∑
n=0
gnL

eBm
h2c
dpz, (2.117)
where the free degree gnL = 1 for n = 1 and gnL = 2 for n ≥ 1. Thus the energy of
eletron is
E =
√
p2zc
2 +m2c4 + 2nLeB~c, (2.118)
whih is the form of "Landau nL-level of energy". The eletron number density
reads
ne∓ =
∞∑
n=0
gnL
 ∞
−∞
dp
eBm
h2c
fe∓, (2.119)
and the harge equilibrium ondition satises
ρYe
mB
=
∞∑
n=0
gnL
 ∞
−∞
dp
eBm
h2c
(fe− − fe+). (2.120)
The pressure of eletrons and positrons is modied as
Pe∓ =
∞∑
n=0
gnL
 ∞
−∞
dp
eBm
3h2
p2c√
p2c2 +m2c4 + 2nLeBm~c
fe∓ . (2.121)
The various neutrino ooling rates should also be modied under in strong magneti
elds environment. We give the examples of the e− − e+ apture rate, whih is the
most important ooling term in neutrino-ooled disks:
qp+e−→n+νe =
G2FC
2
V (1 + 3a
2)
8π3~6c5
eBz(mec
2)4
∞∑
n=0
gnLnp

ε(ε− q)3dε√
ε2 − 1− 2nLeBm~c
fe−,
(2.122)
qn+e−→p+ν¯e =
G2FC
2
V (1 + 3a
2)
8π3~6c5
eBz(mec
2)4
∞∑
n=0
gnLnp

ε(ε+ q)3dε√
ε2 − 1− 2nLeBm~c
fe+,
(2.123)
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qn→p+e−+ν¯e =
G2FC
2
V (1 + 3a
2)
8π3~6c5
eBz(mec
2)4
∞∑
n=0
gnLnp

ε(q − ε)3dε√
ε2 − 1− 2nLeBm~c
(1−fe−),
(2.124)
The above equations allows us to solve the struture of neutrino-ooled disks
with ultrahighly magneti elds.
2.6 NDAFs and Neutrino-Cooled Disks II: Solutions
Analytial Solutions
Popham, Woosley & Fryer (1999) rst studied the struture of neutrino-ooled
disks with huge aretion rate from 0.01M⊙ s−1 to 10.0M⊙ s−1. They simplied the
formulae of neutrino ooling emission (2.73), (2.77) in last setion as
qνν¯ ≈ 5.0× 1033T 911 ergs m−3 s−1 (2.125)
for pair annihilation, and
qeN ≈ 9.0× 1033ρ10T 611Xnuc ergs m−3 s−1 (2.126)
for the apture of pairs on nuleons. Thus the neutrino ooling rate over a half-
thikness disk an be written as
Q−ν = (qνν¯ + qeN)H. (2.127)
Moreover, the pressure of eletrons is assumed mainly due to relativisti degenerate
eletrons; Pe ∝ (ρeY )4/3 with Ye being xed as 0.5. Based on these simpliations,
Narayan, Piran & Kumar (2001) derived the analytial solutions of NDAFs. They
took the disk mass (mdM⊙) and the outer radius (routRS, RS is the Shwarzshild
radius of the entral BH). GRBs ould only be produed when the disk is small
enough, i.e., rout < 118α
−2/7
−1 m
−1
3 m
3/7
d with α−1 = α/0.1, m3 = M/(3M⊙) and
m˙ = M˙/M⊙ s−1, beause small disk an be suiently ooled via neutrino emission
and areted most of its mass into the entral BH. On the other hand, large aretion
disk with its CDAF struture are unlikely to produe GRBs sine very little ooling
mass reahes the BH. When the outer radius satises 26.2α
−2/7
−1 m
−46/49
3 m
20/49
d <
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rout < 118α
−2/7
−1 m
−1
3 m
3/7
d , gas pressure dominates in the NDAF. As a result, the
temperature, aretion timesale and aretion rate of the disk are
T11 = 0.548α
1/5
−1m
−1/5
3 r
−3/10,
tacc = 2.76× 10−2α−6/5−1 m6/53 r4/5out ,
m˙ = 36.2α
6/5
−1m
−6/5
3 mdr
−4/5
out . (2.128)
When rout < 26.2α
−2/7
−1 m
−46/49
3 m
20/49
d , eletron degeneray pressure takes over from
gas pressure and the disk quantities are
T11 = 0.800α
1/6
−1m
−13/42
3 m
1/21
d r
−5/12,
tacc = 2.82× 10−3α−1−1m13/73 m−2/7d r3/2out ,
m˙ = 355α−1m
−13/7
3 m
9/7
d r
−3/2
out . (2.129)
However, these solutions are derived based on the assumption that the areting gas
is neutrino optially thin. Sine the NDAF may beome neutrino optially thik
when r < 20.5α
−4/17
−1 m
−110/119
3 m
46/119
d . Inside the radius, neutrino transport should
be onsidered.
The aretion timesale tacc is sensitive dependene on the visosity parameter
α. However, the aretion timesale is unlikely to be suiently long to explain long
GRBs, beause the above disussions are based on the senario that the disk or debris
torus is formed after mergers immediately without supplementary feeding material.
If the aretion disk an be fed by fallbak of material after the ollapse of a massive
star, as in the ollapsar model, then the timesale of the burst id determined by
fallbak, not aretion. Suh a disk an produe long GRBs. On the other hand, as
showed in numerial alulations, a disk with a xed huge hyperaretion rate may
ontains dierent regions suh as onvetion-dominated region, neutrino-dominated
and gas-pressure-dominated or degeneray-pressure-dominated region at the same
time. This senario is dierent to that in Narayan et al. (2001) that a disk is either
CDAF or NDAF, depending on its size and total mass.
Kohri & Mineshige (2002) used semi-analytial method to study NDAFs with
high surfae density Σ ≥ 1020 g m−2, whih is realized when about a solar mass of
areting matter is ontained within a disk of size ∼ 5×106 m. Eletron degeneray
pressure dominates over gas and radiation pressure. This result is onsistent with
that in Narayan et al. (2001). On the other hand, Kohri & Mineshige (2002) also
showed the disrepanies between their results and those in Narayan et al. (2001).
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Region p Q+vis Q
−
ν T − Σ relation M˙ − Σ relation
I pgas αΣTr−3/2M1/2 Q
−
rad ∝ Σ−1T 4 α1/3Σ2/3r−1/2M1/6 α4/3Σ5/3rM−1/3
II prad αΣ
−1T 8r3/2M−1/2 Q−rad ∝ Σ−1T 4 α−1/4Σ0r−3/8M1/6 α−1Σ−1r3/2M−1/2
III prad αΣ
−1T 8r−3/2M−1/2 Q−adv ∝ αΣ−3T 16r11/2M−5/2 α0Σ1/4r−1/2M1/4 αΣr1/2M1/2
IV pd,rel αΣ
9/7Tr−27/14M9/14 Q−adv ∝ αΣT 2r−1/2M−1/2 α0Σ1/7r−5/7M4/7 αΣ9/7r15/14M−5/14
V pd,rel αΣ
9/7Tr−27/14M9/14 Q−ν ∝ η9eT 9Σ1/7r9/7M−3/7 Σ4/7r−6/7M2/7 αΣ9/7r15/14M−5/14
Table 2.1: T −Σ and M˙−Σ relations in various regions. Here p shows the dominant
type of pressure. pd,rel is the eletron relativisti degeneray pressure (Kohri &
Mineshige 2002).
For example, the relation prad ≫ pgas is always realized in the nondegenerate eletron
region at T ≥ mec2/kB, while Narayan et al. (2001) showed pgas > prad in this region.
More elaborate numerial alulations (e.g., Kohri et al. 2005) support the analytial
result of Kohri & Mineshige (2002). Table 2.1 gives the ve ases for T − Σ and
M˙ − Σ relations from Kohri & Mineshige (2002).
Zhang & Dai (2008a) also obtained a group of analytial solutions both for
ADAF we do not onsider the eet of onvetion) and NDAF region in a disk with
xed aretion rate. The disk region for a radiation-pressure-dominated ADAF is
r6f
1/5 > 2.28m−3/5m˙6/5d α
−2
−1,
r6f
−7/3 < 74.6 (1 + Ye)
−8/3m7/3m˙−2/3d α
2/3
−1 ,
r6f
−7/3 < 74.6 (1 + Ye)
−8/3m7/3m˙−2/3d α
2/3
−1 , (2.130)
where the notations in these relations are slightly dierent to those in Narayan et al.
(2001): M˙ = 0.01m˙dM⊙ s−1, M = 1.4mM⊙, r = 106r6 m. Also, the gas-pressure-
dominated ADAF region satises
r
47/22
6 f
−20/11 > 128 (1 + Ye)
−26/11m29/22m˙10/11d α
−21/11
−1 ,
r6f
−7/3 > 74.6 (1 + Ye)
−8/3m7/3m˙−2/3d α
2/3
−1 . (2.131)
The neutrino-ooled dominated region, where satises Qadv < Q
−
ν is
2
r
47/22
6 f
−20/11 < 128 (1 + Ye)
−26/11m29/22m˙10/11d α
−21/11
−1 , (2.132)
2
In this thesis, neutrino-ooled aretion ows inlude both ADAFs and NDAFs, beause both
ADAFs and NDAFs are ooled by neutrino emissions. In analytial solutions we onsider Qadv >
Q−ν for ADAF ase and Qadv < Q
−
ν for NDAF ase respetively.
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and the gas-pressure-dominated NDAF is the region where
r6f
−20/33 > 3.18Y 80/33e (1 + Ye)
−36/11m1/3m˙20/33d α
−38/33
−1 ,
r6f
−20/33 < 6.90α−38/33−1 f
20/33m1/3m˙
20/33
d (1 + Ye)
−28/33. (2.133)
Finally, we derived the region where is degeneray-pressure-dominated NDAF
r6f
−7/3 > 8.07× 193m7/3m˙−2/3d α2/3−1 Y −44/3e (1 + Ye)12 α−38/33−1 ,
r6f
−7/3 > 174m7/3α2.3−1m˙
−2/3
d Y
−8/3
e , (2.134)
whih ould only be satised for very large radius.
On the other hand, for a xed radius r, we ould obtain the range of m˙d for
two types of aretion ows with various dominated pressure. More details about
the analytial solutions of neutrino-ooled disk will be disussed in 3.3.1.
Numerial Solutions
Numerial methods have been arried out to study the neutrino-ooled disks
rst by Popham et al. (1999), then by Di Matteo et al. (2002), Lee & Ramirez-Ruiz
(2002), Lee et al. (2004, 2005), Janiuk et al. (2004, 2007), Kohri et al. (2005), Gu et
al. (2006), Chen & Beloborodov (2007), Liu et al. (2007), Shibata et al. (2007), et.
Their numerial outomes are slightly dierent with eah other, due to the dierent
simpliations and energy transport forms.
Popham, Woosley & Fryer (1999) adopted the onservation equations based
on Kerr geometry, but used simplied equations of neutrino emission and pressure
mentioned above. They did not onsider the eet of neutrino opaity. The disk
is advetion-dominated outside about 108 m, and neutrino-dominated inside. Di
Matteo et al. (2002) followed Kohri & Mineshige (2002) to disuss various neu-
trino ooling proesses, and foused on the eet of neutrino opaity at high M˙ .
They found that, for M˙ ≥ 1M⊙ s−1, neutrinos are suiently trapped that energy
advetion beomes the dominant ooling mehanism in the ow. Thus the neu-
trino luminosity would derease for high aretion rate, and νν¯ annihilation above
the neutrino-ooled disk is an ineient mehanism. Similar to Popham et al.
(1999), they mainly onsidered the ontribution of relativisti degeneray pressure
pe ∝ (ρYe)4/3 in the term of eletron pressure, and x Ye to be 0.5 in their alula-
tions. Gu et al. (2006), on the other hand, argued that in the optially thik region
advetion does not neessary dominate over neutrino ooling beause the advetion
fator fadv = Qadv/Q
+
vis is relevant to the geometrial depth rather tan the optial
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Figure 2.3: ontours of matter density ρ10 = ρ/10
10
g m
−3
, temperature T11 =
T/1011 K, the degeneray parameter ηe and the dominant ooling proess in the
radius-aretion rate parameter plane (kohri et al. 2005).
depth of the ow (Abramowiz et al. 1986)
fadv ∝ (H/r)2. (2.135)
This onlusion is onsistent with the more elaborate numerial alulations by
Kohri et al. (2005).
Kohri, Narayan & Piran (2005) alulated the eletron pressure and density
using the Fermi-Dira distribution (2.101) and (2.106), and adopt the full equation
(2.94) for neutrino ooling rate, thermal equation (2.114) for hemial equilibrium
alulation. Figure 2.3 shows the ontours of matter density ρ10 = ρ/10
10
g m
−3
,
temperature T11 = T/10
11
K, the degeneray parameter ηe and the dominant ooling
proess in the radius-aretion rate parameter plane. Moreover, Figure 2.4 is the
ontour of the nuleon fration Xnuc, neutrino-to-proton ratio, the dominant soure
of pressure and number density of eletrons. These two gures well desribe the
physial properties of the Newtonian Keplerian neutrino-ooled disk from aretion
rate less than 0.1M⊙ s−1 to 103M⊙ s−1 in the disk of size ∼ 6× 107(M/M⊙) m.
Similar to Popham et al. (1999), Chen & Beloborodov (2007) presented general
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Figure 2.4: Contour of the nuleon fration Xnuc, neutron-to-proton ratio, the dom-
inant soure of pressure and number density of eletrons (kohri et al. 2005).
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Figure 2.5:
relativisti alulation of marophysial struture of neutrino-ooled disks around
Kerr BHs. Also, they adopted Fermi-Dira distributions to alulate the eletron
density and pressure. However, they only onsidered the e− − e+ pair apture onto
nuleons among various neutrino ooling proesses, and simplied the equations of
neutrino transfer and total ooling rate. Figure 2.5 gives the senario of an aretion
disk around a Kerr BH with a huge aretion rate, where radius rα, rign, rν , rν¯ , rtr
are ve harateristi radii:
 Radius rα, where 50% of the α-partiles are deomposed into three nuleons
via photodisintegration proess.
 "Ignition" radius rign, where the neutrino emission swithes on, i.e., the are-
tion ow beomes neutrino-ooled. The ignition radius exists only if M˙ > M˙ign,
where the ritial aretion rate M˙ign depends on the visosity parameter α
and spin parameter a.
 Radius rν , where the disk beomes opaque for neutrinos and they relax to a
thermal distribution.
 Radius rν¯ , where the disk beomes opaque for antineutrinos. Then both neu-
trinos and antineutrinos are now in thermal equilibrium with the matter.
 Radius rtr, where the timesale of neutrino diusion beomes longer than the
aretion timesale, and neutrinos get rapped and adveted into the blak hole.
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2D and 3D time-dependent simulations were given by Lee & Ramirez-Ruiz
(2002), Lee et al. (2004, 2005) and Setiawan et al. (2004). Lee & Ramirez-Ruiz
(2002) took the disk initial ondition from 3D BH-NS simulations and studied the
time dependene of the disk struture for 0.2 s in 2D ylindrial oordinates (r, z).
They showed the dynamial evolution of the aretion disks formed after BH-NS
mergers. A neutrino-ooled disk ould produe a short impulsive energy input Lνν¯ ∝
t−5/2 via νν¯-annihilation, while strong elds B ≈ 1016 G being anhored in the dense
matter ould also power a short GRB. However, the equation of state was simplied
in Lee & Ramirez-Ruiz (2002) with a ideal gas and adiabati index Γ = 4/3. Also,
they assumed that all the energy dissipated by visosity is radiated away. Next Lee
et al. (2004) improved the equations of state following Popham et al. (1999) and Di
Matteo et al. (2002), and onsidered pair apture on nuleons as the main neutrino
ooling proess. The improved simulations last approximately 1 s. The inlusion of
neutrino optial depth eets produes important qualitative temporal and spatial
transitions in the evolution and struture of the disk, whih may diretly reet on
the duration and variability of short GRBs. Later, more elaborate 2D simulations
were arried out, also by Lee et al. (2005), who used muh more details detailed
equation of state, neutrino emission proesses and optial depths. They onstrut
the bridging formula for hemial equilibrium in both optial thin and thik ases
(i.e., equation [2.115℄). However, the eet of neutrino absorption was still negleted,
sine the total neutrino ooling luminosity is omputed aording
Lν =

ρ−1(qeN + qe−e+ + qbrem + qplasmon). (2.136)
Also, as onservation equations were not inluded, the initial onditions were also
taken from the results of BH-NS merger simulations. Setiawan, Ruert, & Janka
(2004) presented 3D simulations of a time-dependent hyperaretion disk around a
BH, while the initial data is obtained from Janka et al. (1999) with a BH mass
of 4.017M⊙ and torus mass hanging from 0.0120M⊙ to 0.1912M⊙. The aretion
duration in their model is about tens of milliseonds.
The above 2D and 3D simulations stared with initial disk onditions obtained
from the early-phase simulations of ompat stars merger, and foused on disk dy-
namial evolution less than 1 s. Janiuk et al. (2004) self-onsistently obtained the
initial disk struture based on the equations as showed in Popham et al. (1999), Di
Matteo et al. (2002), Kohri et al. (2005); and extended the study of disk evolution
to muh longer timesale. The time-dependent evolution is mainly ased by density
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Figure 2.6: The evolution of loal aretion, for several hosen radial loations in
the disk: 6.87, 7.73 and 12.85 Rs. The starting aretion rate is M˙ = 12M⊙ s−1
(Janiuk et al. 2007).
and temperature variation, whih an be determined by time-dependent equations
of mass and angular momentum onservation
∂Σ
∂t
=
1
r
∂
∂r
[
3r1/2
∂
∂r
(r1/2νΣ)
]
, (2.137)
∂T
∂t
+vr
∂T
∂r
=
T
Σ
4− 3χ
12− 9χ
(
∂Σ
∂t
+ vr
∂Σ
∂t
+ vr
∂Σ
∂r
)
+
T
pH
1
12− 9χ(Q
+
vis−Q−ν ), (2.138)
where χ = (p − prad)/p. Moreover, the ontribution of photodisintegration varies
with time as
Q−photo ∝ vr
∂Xnuc
∂r
+
∂Xnuc
∂t
. (2.139)
Janiuk et al. (2007) found that, for suiently large aretion rates (M˙ ≥ 10M⊙
s
−1
, the inner regions of the disk develop a visous and thermal instability, whih
might be relevant for GRB observations. For example, Figure 2.6 showed the behav-
ior of the loal aretion rate in the unstable disk at several hosen loations with
the instability strip. Furthermore, Metzger, Piro & Quataert (2008) presented the
dynamial evolution of the neutrino-ooled disks in a timesale of ∼ 100 s based on
their "ring model", whih treats the disk as a single annulus that is evolved forward
in time. They also obtained analyti self-similar time-depend solution that the disk
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mass Md ∝ t−5/8, the aretion rate M˙ ∝ t−13/8 for neutrino-ooled thin disk, and
Md ∝ t−1/3, M˙ ∝ t−4/3 for late-time advetive ase.
2.7 Neutrino Annihilation and Jet Prodution
In neutrino-ooled disks and other ompat high-energy objets, a signiant fra-
tion of the gravitational energy is onverted during the aretion into neutrino ux.
This energy is available to extrated via νν¯-annihilation and subsequent pair produ-
tion. The problem is that, ould the proess of νν¯-annihilation launh a relativisti
jet, and provide suient energy for a GRB? We have mentioned some results of
νν¯-annihilation above disks, now we disuss this proess more detailed.
Motivated by the delayed explosion of Type II supernovae, the energy depo-
sition rate due to the νν¯-annihilation above the spherial neutrinosphere has been
alulated by Cooperstein et al. (1986), Goodman et al. (1987), Berezinsky & Pri-
lutsky (1987) and later by Salmonson & Wilson (1999). The νν¯ → e−e+ deposition
per unit time per volume in Newtonian ase is (Goodman et al. 1987)
qνν¯(r) =
 
fν(pν , r)fν¯(pν¯ , r){σ|vν − vν¯ |ενεν¯}
εν + εν¯
ενεν¯
d
3
pνd
3
pν¯ , (2.140)
where fν and fν¯ are the numbers of neutrinos and antineutrinos per unit volume
per momentum state, vν is the veloity of the neutrino, and σ is the appropriate
rest-frame ross setion, whih an be alulated as
{σ|vν − vν¯ |ενεν¯} = 2K G2F (ενεν¯ − pν · pν¯c2)2, (2.141)
where G2F = 5.29× 10−44 m2 Mev−2 and
K =
1± 4sin2θW + 8sin4θW
6π
, (2.142)
with the plus sign being for νeν¯e pairs and minus sign being for νµν¯µ and ντ ν¯τ pairs,
and sin
2θW ≈ 0.23. Taking d3pν = (ε2ν/c3)dενdεν , we obtain
qνν¯(r) =
2K G2F
c5
Θ(r)
 
fνfν¯(εν + εν¯)ε
3
νdενε
3
ν¯dεν¯ , (2.143)
where the angular integration fator
Θ(r) =
 
(1− Ων · Ων¯)2dΩνdΩν . (2.144)
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The phase fator integrations are
 ∞
0
fνε
3
νdεν =
2(kBT )
4
h3
7π4
120
, (2.145)
 ∞
0
fνε
4
νdεν =
2(kBT )
5
h3
45ζ(5)
2
. (2.146)
Thus the νν¯-annihilation energy deposition rate is
qνν¯(r) =
14K G2Fπ
4ζ(5)
c5h6
(kBT )
9Θ(r) ∝ T 9Θ(r), (2.147)
where the angular integration an be analytially derived as
Θ(r) =
2π3
3
(1− x)4(x2 + 4x+ 5) (2.148)
with x =
√
1− (Rν/r)2. Here Rν is the radius of neutrinosphere. Goodman et al.
(1987) estimated the total rate of annihilation energy input
Q(νeν¯e) =
 ∞
Rν
q(νeν¯e)4πr
2dr = 0.682× 1051 ergs s−1
Q(νµν¯µ) = Q(ντ ν¯τ ) = 0.585× 1051 ergs s−1
Q(total) = 1.9× 1051 ergs s−1. (2.149)
Salmonson & Wilson (1999) alulated the annihilation rate in Shwarzhild oor-
dinates
Qνν¯ =
 ∞
Rν
qνν¯
4πr2dr√
1− (2GM/c2r) ∝ L
9/4
∞ R
−3/2
ν , (2.150)
where L∞ is the luminosity at r → ∞. It is found that the eieny of νν¯-
annihilation is enhaned over the Newtonian values up to a fator of more than
4 times for a spherial neutrinosphere.
Asano & Fukuyama (2000), on the ontrary , argued that the gravitational ef-
fets do not substantially hange the annihilation energy deposition rate. They stud-
ied the gravitational eets on the annihilation rate for neutrinosphere with either
spherial or disk geometry, assuming the neutrinosphere is isothermal and the gravi-
tational elds by the Shwarzhild BH. The main disrepany between Salmonson &
Wilson (1999) and Asano & Fukuyama (2000), is probably that, the former onsid-
ered the proper energy deposition rate per unit proper time, but the latter omputed
the deposition rate per unit world time under the isothermal assumption (Birkl et
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al. 2007). Later Asano & Fukuyama (2001) investigated the eets of Kerr BH
on the neutrino-ooled aretion disks. They found that the energy deposition rate
an be either dereased or inreased up to a fator about 2, depending on the Kerr
parameter a and temperature distribution of the neutrinosphere.
Miller et al. (2003) onsidered the full 3D alulations of the νν¯-annihilation
above a thin disk around a Kerr BH using full geodesi equations.Formula (2.140) is
still used to alulate the energy deposition rate at a point x¯. The momentum and
veloity vetor in (2.140) is measured in the loal frame at x¯ with an orthonormal
base
(eαt ) =
1√
gtt
(1, 0, 0, 0), (eαr ) =
1√−grr (1, 0, 0, 0),
(eαθ ) =
1√−gθθ (0, 0, 1, 0),
(eαφ) =
√
gtt
g2tφ − gφφgtt
(0, 0, 1, 0) (2.151)
where (t, r, θ, φ) is measured in the global Boyer-Lindquist spaetime metri. The
steps for evaluating fν(p) with a hosen diretion p in the loal frame in (2.140) are
as follows:
 Transform p to global Boyer-Linquist frame by pαG = p
βeαβ .
 Trae the geodesis to the disk starting at the observer point bak to the point
at the disk (tD, xD) and 4-momentum pD = (ED, pD). The geodesi equation
is
dxα
dλ
= pαG,
dpαG
dλ
= −ΓαβγpαGpγG (2.152)
 Compute fν(t, x¯, pG) = fν(tD, xD, pD) = [1 + exp(ED/kBTD)]
−1
, where ED =
pD · UD with uD(tD, xD) being the 4-veloity at the disk.
In many ases, fν(p) = 0 beause the geodesis annot be traed bak to the
surfae of the disk. Birkl et al. (2007) used the similar geodesis trae method to
investigate the eets of general relativity (GR) on the νν¯-annihilation, and they
studied dierent shapes of the neutrinospheres, suh as spheres, thin disks and thik
aretion torus. It was found that, GR eets inrease the total annihilation rate
measured by an observer at innity by a fator of two when the neutrinosphere is a
thin disk, but the inrease is only ≈ 25% for toroidal and spherial neutrinospheres.
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The above works mainly fous on the proess of νν¯-annihilation and the eets
of GR. The properties of disk or torus neutrinosphere is simplied. On the other
hand, some researhers, as mentions in last setion 2.1.6, derived the disk struture
and neutrino luminosity by solve the group of equations of state, hydrodynamis,
thermodynamis and mirophysis in detail; but they adopted a relatively simple
method to alulate the νν¯-annihilation proess. Sine GR eet annot hange the
result dramatially, Newtonian senario is a good approximation for annihilation
alulation. Popham, Woosley & Fryer (1999) alulated the neutrino annihilation
at any point above a neutrino-ooled disk by a simplied expression (see also Ruert
et al. 1997; Rosswog et al. 2003)
l+νν¯(νiν¯i) = A1Σk
∆Lkνi
d2k
Σk′
∆Lk
′
νi
d2k′
[ενi + εν¯i](1− osθkk′)2
+A2Σk
∆Lkνi
d2k
Σk′
∆Lk
′
νi
d2k′
ενi + εν¯i
ενiεν¯i
(1− osθkk′), (2.153)
where A1 ≈ 1.7 × 10−44 m ergs−2 s−1 and A2 ≈ 1.6 × 10−56 m ergs−2 s−1 are the
neutrino ross setion onstants for eletron neutrinos. The disk is modeled as a
grid of ells in the plane with neutrino mean energy ενi and luminosity ∆L
k
νi
. For
eah pair of ells and a given point above the sale half-thikness of the disk H(r),
dk is the distane from eah ell to that point, and (θ) is angle between the neutrinos
and antineutrinos from the pair of ells interat. The summation over all pairs of
ells gives the energy density from pair prodution l+νν¯(νiν¯i) at that point. Moreover,
integrating over the distane above the plane and taking advantage of the ylindrial
symmetry of the disk,
2πr
 ∞
H(r)
l+νν¯(νiν¯i)dz, (2.154)
demonstrates the distribution of annihilation energy deposition rate along the disk
radius r. Further integrating the luminosity over the equatorial raids gives the total
neutrino annihilation luminosity. Figure 2.7 gives the νν¯ annihilation luminosity
distribution along the disk radius and the z-diretion for M˙ = 0.1M⊙ s−1 and the
mass of BH M = 3.0M⊙. The total luminosity out to eah radius is also plotted in
Figure 2.7 for the same models. In these examples, a half of the annihilation energy
is injeted in a narrow beam with radii≤ 2× 106 m. Table 2.2 gives the neutrino
annihilation energies and eienies for all models studied by Popham et al. (1999).
The eieny inreases with the inreasing of aretion rate and spin parameter a.
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Figure 2.7: νν¯ annihilation luminosity distribution along the disk radius (left panel)
and the z-diretion (right panel) for M˙ = 0.1M⊙ s−1 and the mass of BH M =
3.0M⊙. The total luminosity out to eah radius is also plotted (Popham et al.
1999).
M˙ α a M Lν Lνν¯ Eieny
(M⊙ s
−1
) (M⊙) (10
51
ergs s
−1
) (10
51
ergs s
−1
) %
0.01 0.1 0 3 0.015 3.9× 10−8 0.0003
0.01 0.03 0 3 0.089 2.9× 10−7 0.0003
0.01 0.01 0 3 0.650 9.0× 10−6 0.001
0.01 0.1 0.5 3 0.036 5.9× 10−7 0.002
0.01 0.01 0 10 0.049 6.4× 10−9 10−5
0.05 0.1 0.5 3 1.65 1.8× 10−3 0.11
0.1 0.1 0 3 3.35 3.0× 10−3 0.09
0.1 0.1 0 3 6.96 1.7× 10−3 0.02
0.1 0.03 0 3 6.15 8.0× 10−4 0.01
0.1 0.01 0.5 3 8.03 0.039 0.5
0.1 0.1 0.95 3 46.4 2.0 4.2
0.1 0.1 0.95 6 26.2 0.79 3.0
1.0 0.1 0 3 86.3 0.56 0.6
1.0 0.1 0.5 3 142 3.5 2.5
10.0 0.1 0 3 781? 200? 26?
10.0 0.1 0.5 3 1280? 820? 64?
Table 2.2: The neutrino annihilation eieny for dierent ases. (Popham,
Woosley, & Fryer 1999).
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The energy onversion eienies beome extremely high for M˙ = 10M⊙ s−1 .
However, the results showed in Table 2.2 is too optimisti, as they do not onsider
neutrino opaity and overestimate the neutrino luminosity. Di Matteo et al. (2002)
showed that the eet of neutrino opaity beomes signiant for M˙ > 1M⊙ s−1,
and realulated the annihilation rate by
Lνν¯ ∼ 6× 10−35 2ενL
2
ν
πc2[1− (rmin/rrmsurf)2]2
× 1
rrmsurf
 ∞
0
dǫΦ(osθmin − osθsurf)2 ergs s−1, (2.155)
where Lν is the neutrino luminosity, rmin is the inner edge of the disk, rsurf is the
radius where τν = 2/3, and εν is the average energy of the esaping neutrinos. Di
Matteo et al. (2002) demonstrated that the Lνν¯ inreases up to its maximum value
of ∼ 1050 ergs s−1 at M˙ > 1M⊙ s−1 and dereases for large M˙ . Thus Di Matteo et
al. (2002) onluded that the annihilation in hyperareting BHs is an ineient
mehanism for liberating large amounts of energy. However, they negleted the
neutrino emission from the region with neutrino optial depth τ > 2/3. Gu et al.
(2006), on the other hand, showed that the energy released by annihilation is still
suient, if the ontribution from the optially thik region of the neutrino-ooled
disks τ > 2/3 is inluded. Liu et al. (2007) improved the results of Gu et al. (2007)
based on more elaborate alulations similar to Kohri et al. (2005). The eletron
degeneray and the lower Ye < 0.5 resulting from the neutronization proesses indeed
suppress the neutrino emission onsiderably, thus the resulting Lν and Lνν¯ are lower
than the simplied alulations by Gu et al. (2006). However, the orreted Lνν¯
still reahes to ∼ 1052 ergs s−1 for M˙ ∼ 10M⊙ s−1, thus an provide the energy of
GRBs. Figure 2.8 gives the neutrino radiation eieny ην(≡ Lν/M˙c2) and neutrino
annihilation eieny ηνν¯(≡ Lνν¯/Lν) as a funtion of aretion rate. ηνν¯ inreases
rapidly with inreasing M˙ . Figure 2.9 is the ontour of 2πrl+νν¯ in units of ergs s
−1
m
−2
. Similar to the results in Popham et al. (1999), the νν¯-annihilation strongly
onentrates near the entral region of spae. Nearly 60% of the total annihilation
luminosity is ejeted from the region r < 20rg. Also, Figure 2.9 shows that the
annihilation luminosity varies more rapidly along the z-diretion than along the
r-diretion.
Although the spae distribution of the νν¯-annihilation energy deposition rate
an be alulated, it is less lear how ould suh proess produe a narrowly ol-
limated relativisti jet, whih is required in the GRB inner shok model. In the
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Figure 2.8: Neutrino emission eieny ην and neutrino annihilation eieny ηνν¯
with M = 3M⊙, α = 0.1 (Liu et al. 2007).
Figure 2.9: Contours of the νν¯-annihilation luminosity above the disk in units of
ergs s
−1
m
−2
. The parameters are the same as in Fig. 2.8 (Liu et al. 2007).
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Figure 2.10: Density ontour with veloity elds for BH-disk model without mag-
neti elds in Nagataki et al. (2007): t = 2.1s (left panel) and t = 2.2s (right panel).
The entral region is r ≤ 108 m in this gure. No jet is launhed.
ollapsar senario, as mentioned in 1.3.3, Aloy et al. (2000) and Zhang et al.
(2003, 2004) showed that the jets from the entral BH+disk systems are ollimated
by their passage through passage through the stellar mantle. But how an a jet,
or alled the seed of jet", forms inside 1017 m? MaFayden et al. (1999, 2001)
disussed that it is not possible to produe a strong jet very early when the momen-
tum of the infalling material along the axis is too high. At ∼ 1 s, for example, the
density of the infalling material is ≥ 107 g m−3 and its veloity is ∼ 1010 m s−1
for Type I ollapsar. Thus any energy deposited by neutrino will be adveted into
the BH. As time passes, the density espeially the density along the polar diretion
delines, and a disk is formed with the aretion rate up to ∼ 0.1M⊙ s−1 about 10
s after ore ollapse. Thus MaFayden et al. (1999, 2001) disussed that the jets
ould be initiated when the disk has fully formed, although the initial jets are not
well ollimated. However, their work did not inludes the detailed mirophysis of
the νν¯-annihilation heating for jets formation. More detailed Mewtonian simula-
tions (e.g., Nagataki et al. 2007) and GR simulations (e.g., Nagataki et al. 2009)
showed that, the νν¯-annihilation proesses are not eient to launh a relativisti
jet. Figure 2.10 shows the density ontour of the entral region of ollapsar without
magneti elds at t = 2.1 s and t = 2.2 s. No jet ours in this ase, partly beause
the aretion rate whih drops monotonially from ∼ 0.1M⊙ s−1 to ∼ 10−3M⊙ s−1
is not high enough to provide energy along the polar axis. It is possible longterm
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simulations (at least ∼ 10 s) is needed to see whether the jets ould be formed.
Besides the ollapsar senario, jets formation after ompat objet mergers has
also been studied. As the environment outside the BH+disk systems > 107 m does
not ollimate the initial jets as showed in the stellar mantle of ollapsars in this
ase, other mehanism should be onsidered. For example, Rosswog et al. (2003)
found that the νν¯-annihilation may fail to explain the apparent isotropized energies
implied for short GRBs, unless the jet is beamed into less than 1 per ent of the
solid angle. They argued that the energeti, neutrino-driven wind may have enough
pressure, and thus provide adequate ollimation to the νν¯-annihilation-driven jet,
based on the mehanism pointed out by Levinson & Eihler (2000) that the pressure
and inertia of a baryoni wind an lead to the ollimation of a baryon-poor jet,
However, suh pressure-driven ollimation was not self-onsistently obtained in the
simulations of Rosswog et al. (2003). As a result, it is still an open question that
whether the νν¯-annihilation mehanism is eient to launh a relativisti ollimated
jet whih an produe a GRB.
2.8 MHD Proesses and Jet Prodution
Jets produed in areting systems surrounded by magneti elds via MHD proesses
have been widely studied in various astrophysis objets suh as ative galati
nulei, galati miroquasars as well as GRBs. Strong magneti elds up to 1014 −
1015 G is required to launh relativisti Poynting-ux-jets from the stellar-mass BH+
diks systems and rive the GRB phenomena. Even if the initial magneti elds are
low in the progenitors suh as weak magneti massive ollapsar, it is still expeted
that magneti elds an be amplied by the magneto-rotational instability (MRI,
Balbus & Hawley, 1991; or see Balbus & Hawley 1998 for a review). Although the
mehanisms for the reation of MHD jets are still a matter of muh debate. there
are two basi types of MHD mehanisms that may aount for the jet formation
(Garofalo 2009). The rst involves a magnetoentrifugal or MHD wind similiar to
the solar wind phenomena (e.g., Blandford & Payne 1982; Koide et al. 1998, 1999).
The seond lass of mehanism applied only to BH aretors, whih drive jets by
their ergosphere (e.g., Pernose 1969; Blandford & Znajek 1977).
Blandford & Payne (1982) illustrated that a entrifugally driven wind from the
disk is possible if the poloidal omponent of the magneti eld makes an angle of
less than ∼ 60◦ with the disk surfae. At large distanes from the disk, the toroidal
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omponent of the eld beomes important and ollimates the outow into a pair
of anti-parallel jets moving perpendiular to the disk. Close to the disk, the ow
is probably driven by gas pressure in a hot magnetially dominated orona. As a
result, magneti stresses an extrat the angular momentum from a thin disk and
enable matter to be areted, independently of the disk visosity. Although the basi
purpose of Blandford & Payne (1982) was to explain the radio jets whih emerging
from the AGNs, this mehanism does also work in the stellar-mass BH+ disk system
as the GRB entral engine. However, this mehanism tends to produe relatively
old jets, in the sense that the thermal energy of the jet is not initially large ompared
to either the rest mass of the jet or the jet kineti energy. MaFadyen et al. (2001)
disussed that old MHD jets may be ollimated both by magneti elds and by
geometry.
Christodolou (1970) rst disussed that for a rotating hole desribed by the Kerr
metri, a portion of the rest mass an be regarded as reduible" in the snes that it
an be removed and extrated to innity. The possibility of extrating the reduible
mass was disussed by Pernose (1969) that the existene of negative energy orbits
within the ergosphere surrounding a Kerr BH permits the mehanial extration
of energy via ertain types of partile ollision (see Teukolsky & Press 1974 for a
similar proess study). However, neither proess seems likely to operate eetively
in any astrophysial situation
3
. Blandford & Znajek (1977) studied a rotating BH
surrounded by a stationary axisymmetri magnetized plasma (see Figure 2.11). They
showed an eetive mehanism whih an extrated the rotational energy of the
BH by ergosphere. This mehanism appears when the harges around the BH are
suient to provide the fore-free ondition. The fundamental equations desribing
a stationary axiymmetri magnetosphere were derived in Blandford & Znajek (1977),
and the details of the energy and angular momentum balane were disussed. The
poloidal omponents of the onserved eletromagneti energy ux Er and angular
momentum ux Lr satisfy
Er = ω(ΩH − ω)
(
Aφ,θ
r2+ + a
2cos2θ
)
(r2+ + a
2)ǫ0, (2.156)
Lr = Er/ω, (2.157)
3
Piran & Shaham (1975, 1977), as showed in 1, suggested a Galati GRB model that GRBs
are produed in the X-ray binary systems, are Compton sattered by tangentially moving eletrons
deep in the ergosphere of the rotating blak hole via the Penrose mehanism.
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Figure 2.11: Shemati ross-setion of BH and magnetosphere. A urrent I is
owing from the magnetosphere into the hole, and bak out of the hole into the disk
D lying in the θ = π/2 plane. Between the disk and the hole there is a transition
region T in whih the matter is falling from the disk to the hole. More details an
be seen in Blandford & Znajek (1977).
where ΩH ≡ a/(r2++a2) is the angular veloity of the hole with r+ being the radius of
the event horizon, ω is the rotation frequeny" of the eletromagneti elds, and Aφ
is the φ-omponent of a vetor potential Aµ. Here the Boyer-Lindqust oordinates
are adopted. Thus Er,Lr ≥ 0 implies 0 ≤ ω ≤ ΩH4. Furthermore, Blandford &
Znajek (1977) adopted a perturbation tehnique to provide approximate solutions
for slowly rotating holes a≪ 1. Partiularly, for the fore-free magnetosphere with
a paraboloidal magneti fore, the extrated energy appears to be foused along the
rotation axis, and the power radiated satises
LBZ ≈ 1
32
ω(ΩH − ω)
Ω2H
B2r2+a
2c. (2.158)
Although the formula (2.158) was originally obtained for a≪ 1, Komissarov (2001)
has performed a numerial study of the BZ solution onluding that the formula is
valid at least up to a = 0.9.
GRMHD simulations in the Kerr metri in 2D (MKinney & Gammie 2004;
Mkiney 2005, 2006; Garofalo 2009) and in 3D (De Villiers et al. 2003, 2005; Hirose
4
Aording to the numerial resutls of Komissarov (2001) and the argument of MaDonald &
Throne (1982), ω adjusts to ∼ ΩH/2 even at large a.
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et al. 2004; Krolik et al. 2005; Hawley & Krolik 2006) have been arried out to
investigate the properties of the MHD jets from the entral BHs surrounded by the
magnetized plasma. For example, MKinney & Gammie (2004) used a general rela-
tivisti MHD ode (HARM) to evolve a weakly magnetized thik disk around a Kerr
BH. They found an outward eletromagneti energy ux on the event horizon as an-
tiipated by Blandford & Znajek (1977). The funnel region near the polar axis of the
BH is onsistent with the BZ model. The outward eletromagneti energy ux is,
however, overwhelmed by the inward ux of energy assoiated with the rest-mass and
internal energy of the areting plasma. This result that suggested onrms work by
Ghosh & Abramowiz (1997) that suggested the BZ luminosity should be small or
omparable to the nominal aretion luminosity. Hawley & Krolik (2006) examined
the unbound axial outows (jets) that develop within 3D GRMHD simulations. Dif-
ferent to most of other studies that magneti eld boundary onditions are imposed
on the simulations, they simulated how aretion dynamis self-onsistently reates
magneti eld and explore the outows and jets. They jets have two major om-
ponents: a matter-dominated outow that moves at a modest veloity (v/c ∼ 0.3)
along the entrifugal barrier surrounding an evauated axial funnel, and a highly
relativisti Poynting ux-dominated jet within the funnel. The funnel-wall jet is
aelerated and ollimated by magneti and gas pressure fores in the inner torus
and the surrounding orona. The Poynting ux jet results from the formation of a
large-sale radial magneti eld within the funnel. This eld is spun by the rotating
spaetime of the BH. Figure 2.12 shows the spei angular momentum and mass
ux at late time of MHD outows and jets evolution in Hawley & Krolik (2006).
Their results are in general agreement with those of Blandford & Znajek (1977), but
there are also spei dierenes from the lassial Blandford-Znajek model. For
instane, it is not in general in a state of fore-free equilibrium in the magnetially
dominated funnel region. Also, the eletromangeti luminosity in the outows that
plaes entirely as a by-produe of aretion in Hawley & Krolik (2006), whereas in
the lassial BZ model there was zero aretion. Reently, Garofalo (2009) studies
the spin-dependene of the BZ eet. Large sale magneti elds are enhaned on
the BH ompared to the inner aretion ow and that the ease with whih this
ours for lower prograde BH spin, produes a spin dependene in the BZ eet.
The GRMHD simulations mentioned above are not diretly appliable to the
GRB ase, as they do not onsider the dense disks with huge aretion rate with a
fration of solar mass per seond and the neutrino ooling and heating proesses.
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Figure 2.12: Spei angular momentum and mass ux at late time in the KDPs
simulation in Hawley & Krolik (2006), Colar ontours show the mass-weighted mean
angular momentum in the funnel-wall outow. Th radius is in unit of M with
G = c = 1.
Nagataki (2009) studied the outgoing Poynting ux exists at the horizon of the
entral BH around the polar region inside a ollapsar. They onluded that the jet
is launhed mainly by the magneti eld amplied by the gravitational ollapse and
dierential rotation around the BH, rather than the BZ mehanism in this study.
However, no mirophysis is inluded in the ode suh as nulear reations, neutrino
proesses, and equation of state for dense matter. Further studied should be done
in subsequent work.
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Chapter 3
Hyperaretion Disks around
Neutron Stars
3.1 Introdution
Gamma-ray bursts (GRBs) are ommonly divided into two lasses: short-duration,
hard-spetrum bursts, and long-duration, soft-spetrum bursts. The observations
have provided growing evidene that short bursts result from the mergers of ompat
star binaries and long bursts originate from the ollapses of massive stars (for reent
reviews see Zhang & Mészáros 2004; Piran 2004; Mészáros 2006; Nakar 2007). It is
usually assumed that both a ompat-star merger and a massive-star ollapse give
rise to a entral blak hole and a debris torus around it. The torus has a mass of
about 0.01 − 1M⊙ and a large angular momentum enough to produe a transient
aretion disk with a huge aretion rate up to ∼ 1.0M⊙ s−1. The aretion timesale
is short, e.g., a fration of one seond after the merger of two neutron stars, and
tens of seonds if a disk forms due to fallbak of matter during the ollapse proess.
The hyperaretion disk around a blak hole is extremely hot and dense. The
optial depth of the areting gas is so enormous that radiation is trapped inside
the disk and an only be adveted inward. However, in some ases, this hot and
dense disk an be ooled via neutrino emission (Narayan et al. 1992). Aording
to the disk struture and dierent ooling mehanisms, ows in the disk fall into
three types: advetion-dominated aretion ows (ADAFs), onvetion-dominated
aretion ows (CDAFs), and neutrino-dominated aretion ows (NDAFs). The
rst two types of ow are radioatively ineient (Narayan et al. 1998, 2000, 2001)
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and the nal type ools the disk eiently via neutrino emission (Popham et al.
1999; Di Matteo et al. 2002). In view of eets of these three ows, hyperaretion
disks around blak holes have been studied both analytially and numerially (e.g.,
see Popham et al. 1999; Narayan et al. 2001; Kohri & Mineshige 2002; Di Matteo
et al. 2002; Gu et al. 2006; Chen & Beloborodov 2007; Liu et al. 2007; Janiuk et
al. 2007).
However, newborn neutron stars have been invoked to be entral engines of
GRBs in some origin/afterglow models. First, the disovery of X-ray ares by Swift
implies that the entral engines of some GRBs are in a long-living ativity (at
least hundreds of seonds) after the bursts (Zhang 2007). This provides a hallenge
to onventional hyperaretion disk models of blak holes. Reently, Dai et al.
(2006) argued that newborn entral ompat objets in the GRBs ould be young
neutron stars, at least transiently-existing neutron stars, rather than blak holes
(for alternative models see Perna et al. 2006 and Proga & Zhang 2006). These
neutron stars may have high angular momentum and their maximum mass may
be lose to or slightly larger than the upper mass limit of nonrotating Tolman-
Oppenheimer-Volko neutron stars. Aording to this argument, Dai et al. (2006)
explained X-ray ares of short GRBs as being due to magneti reonnetion-driven
events from highly-magnetized milliseond pulsars. It is thus reasonable to assume
a unied senario: a prompt burst originates from a highly-magnetized, milliseond-
period neutron star surrounded by a transient hyperaretion disk, and subsequent
X-ray ares are due to a series of magneti ativities of the neutron star.
Seond, the shallow deay phase of X-ray afterglows about several hundreds of
seonds after a sizable fration of GRBs disovered by Swift has been understood
as arising from long-lasting energy injetion to relativisti forward shoks (Zhang
2007). It was proposed before Swift observations that pulsars in the unied senario
mentioned above an provide energy injetion to a forward shok through magneti
dipole radiation, leading to attening of an afterglow light urve (Dai & Lu 1998a;
Zhang & Mészáros 2001; Dai 2004). Reent model tting (Fan & Xu 2006; Yu &
Dai 2007) and data analysis (Liang et al. 2007) indeed onrm this result. An
ultra-relativisti pulsar wind ould be dominated by eletron/positron pairs and
its interation with a postburst reball gives rise to a reverse shok and forward
shok (Dai 2004). The high-energy emission due to inverse-Compton sattering in
these shoks is signiant enough to be detetable with the upoming Gamma-ray
Large-Area Spae Telesope (Yu et al. 2007).
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Third, we note that, in some origin models of GRBs (e.g., Klu¹niak & Ruderman
1998; Dai & Lu 1998b; Wheeler et al. 2000; Wang et al. 2000; Pazy«ski &
Haensel 2005), highly-magnetized neutron stars or strange quark stars surrounded
by hyperaretion disks resulting from fallbak of matter ould our during the
ollapses of massive stars or the mergers of two neutron stars. A similar neutron
star was reently invoked in numerial simulations of Mazzali et al. (2006) and data
analysis of Soderberg et al. (2006) to understand the properties of supernova SN
2006aj assoiated with GRB 060218. In addition, hyperaretion disks ould also
our in type-II supernovae if fall-bak matter has angular momentum. It would be
expeted that suh disks play an important role in supernova explosions via neutrino
emission, similar to some eets reviewed by Bethe (1990).
Based on these motivations, we here investigate a hyperaretion disk around
a neutron star. To our knowledge, this paper is the rst to study hyperaretion
disks around neutron stars related possibly with GRBs. Chevalier (1996) disussed
the struture of dense and neutrino-ooled disks around neutron stars. He onsid-
ered neutrino ooling due to eletron-positron pair annihilation, whih is atually
muh less important than the ooling due to eletron-positron pair apture in the
hyperareting ase of our interest, sine the aretion rate assumed in Chevalier
(1996) (∼ M⊙ yr−1) is muh less than that of our onern (∼ 0.1M⊙ s−1). In this
hapter we onsider several types of neutrino ooling by using elaborate formulae
developed in reent years. In addition, we fous on some dierenes between blak
hole and neutron star hyperaretion. A main dierene is that, the internal energy
in an aretion ow may be adveted inward into the event horizon without any
energy release if the entral objet is a blak hole, but the internal energy must be
eventually released from the disk if the entral objet is a neutron star, beause the
stellar surfae prevents any heat energy from being adveted inward into the star.
Sine the aretion rate is always very high, the eetive ooling mehanism in the
disk is still neutrino emission, and as a result, the eieny of neutrino ooling of
the entire disk around a neutron star should be higher than that of a blak hole
disk.
There have been a lot of works to study aretion onto neutron stars in bi-
nary systems (e.g., Shapiro & Salpeter 1975; Klu¹niak & Wilson 1991; Medvedev &
Narayan 2001; Frank et al. 2002) and supernova explosions (e.g., Chevalier 1989,
1996; Brown & Weingartner 1994; Kohri et al. 2005). In the supernova ase, spher-
ially symmetri aretion onto neutron stars (the so-alled Bondi aretion) was
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notation denition /Eq.
m mass of the entral neutron star, m =M/1.4M⊙ 3.3.1, (3.21)
m˙d mass aretion rate, m˙d = M˙/0.01M⊙ s
−1
3.3.1, (3.21)
Ye ratio of the eletron to nuleon number density in the disk 3.2.2, (3.9)
r∗ radius of the neutron star 3.2.3, (3.13)
rout outer radius of the disk 3.2.3, (3.13)
Ω∗ angular veloity of the stellar surfae 3.3.3, (3.52)
ε eieny of energy release in the inner disk 3.2.3, (3.17)
r˜ radius between the inner and outer disks 3.2.3, (3.12)
r¯ radius between the neutrino optially-thik & -thin regions 3.3.2, (3.50)
k = r¯/r˜ parameter to measure the neutrino optially-thik region 
f = 1−√ r∗
r
useful fator as a funtion of r 3.2.2, (3.7)
f˜ = 1−√ r∗
r˜
value of f at radius r˜ 3.3.2, (3.41)
f¯ν average eieny of neutrino ooling in the outer disk 3.2.3, (3.13)
Table 3.1: Notation and denition of some quantities in this hapter.
investigated in detail. In partiular, Kohri et al. (2005) tried to use the hypera-
retion disk model with an outow wind to explain supernova explosions. In the
binary systems, as the aretion rate is not larger than the Eddington aretion rate
(∼ 10−8M⊙ yr−1), the physial properties of the disk must be very dierent from
those of a hyperaretion disk disussed here.
This hapter is organized as follows: in 3.3.2, we desribe a sheme of our
study of the struture of a quasi-steady disk. We propose that the disk around a
neutron star an be divided into two regions: inner and outer disks. Table 3.1 gives
the notation and denition of some quantities in this hapter. In order to give lear
physial properties, we rst adopt a simple model in 3.3, and give both analytial
and numerial results of the disk properties. In 3.4, we study the disk using a state-
of-the-art model with lots of elaborate onsiderations about the thermodynamis and
mirophysis, and ompare results from this elaborate model with those from the
simple model. 3.5 presents onlusions and disussions.
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3.2 Desription of Our Study Sheme
3.2.1 Motivations of a two-region disk
We study the quasi-steady struture of an aretion disk around a neutron star with
a weak outow. We take an aretion rate to be a parameter. For the aretion
rates of interest to us, the disk ow may be an ADAF or NDAF. In this hapter,
we do not onsider a CDAF. Dierent from the disk around a blak hole, the disk
around a neutron star should eventually release the gravitational binding energy
of areted matter (whih is onverted to the internal energy of the disk and the
rotational kineti energy) more eiently.
The energy equation of the disk is (Frank et al. 2002)
ΣvrT
ds
dr
= Q+ −Q−, (3.1)
where Σ is the surfae density of the disk, vr is the radial veloity, T is the tempera-
ture, s is the entropy per unit mass, r is the radius of a ertain position in the disk,
and Q+ and Q− are the energy input (heating) and the energy loss (ooling) rate
in the disk. From the point of view of evolution, the struture of a hyperaretion
disk around a neutron star should be initially similar to that of the disk around a
blak hole, beause the energy input is mainly due to the loal visous dissipation,
i.e., Q+ = Q+vis. However, sine the stellar surfae prevents the matter and heat en-
ergy in the disk from advetion inward any more, a region near the ompat objet
should be extremely dense and hot as aretion proeeds. Besides the loal visous
heating, this inner region an also be heated by the energy (Q+adv) adveted from the
outer region of the disk. Thus, the heat energy in this region may inlude both the
energy generated by itself and the energy adveted from the outer region, that is,
we an write Q+ = Q+vis+Q
+
adv. Initially, suh a region is so small (i.e., very near the
ompat star surfae) that it annot be ooled eiently for a huge aretion rate
(∼ 0.01 − 1M⊙ s−1). As a result, it has to expand its size until an energy balane
between heating and ooling is built in this inner region. Suh an energy balane
an be expressed by Q+ = Q− in the inner region of the disk.
One this energy balane is built, the disk is in a steady state as long as the
aretion rate is not signiantly hanged. For suh a steady disk, therefore, the
struture of the outer region is still similar to that of the disk around a blak hole,
but the inner region has to be hotter and denser than the disk around a blak hole,
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and ould have a dierent struture from both its initial struture and the outer
region that is not aeted by the neutron star surfae.
Based on the above onsideration, the hyperaretion disk around a neutron
star ould have two dierent regions. In order to disuss their struture using a
mathematial method learly, as a reasonable approximation, we here divide the
steady aretion disk into an inner region and an outer region, alled inner and
outer disks respetively. The outer disk is similar to that of a blak hole. The inner
disk, depending on its heating and ooling mehanisms disussed above, should
satisfy the entropy onservation ondition Tds/dr ∝ Q+ − Q− = 0, and thus we
obtain P ∝ ργ , where P and ρ are the pressure and the density of the disk, and γ
is the adiabati index of the disk gas. Also, the radial momentum equation is
(Ω2 − Ω2K)r −
1
ρ
d
dr
(ρc2s) = 0, (3.2)
where Ω and ΩK are the angular veloity and Keplerian angular veloity of the
inner disk, and cs =
√
P/ρ is the isothermal sound speed. We here neglet the radial
veloity term vrdvr/dr sine we onsider the situation vrdvr/dr ≪ |Ω2−Ω2K |r, whih
an still be satised when vr ≪ rΩK with Ω ∼ ΩK but |Ω− ΩK | ≥ vr/r. Equation
(3.2) gives Ω ∝ r−3/2 and cs ∝ r−1/2. Moreover, from the ontinuity equation, we
have vr ∝ (ρrH)−1 with the disk's half-thikness H = cs/Ω ∝ r. Thus we an derive
a self-similar struture in the inner region of the hyperaretion disk of a neutron
star,
ρ ∝ r−1/(γ−1), P ∝ r−γ/(γ−1), vr ∝ r(3−2γ)/(γ−1), (3.3)
This self-similar struture has been given by Chevalier (1989) and Brown & Wein-
gartner (1994) for Bondi aretion under the adiabati ondition and by Medvedev
& Narayan (2001) and Medvedev (2004) for disk aretion under the entropy on-
servation ondition. In addition, if the gas pressure is dominated in the disk, we
have γ = 5/3 so that equation (3.3) beomes ρ ∝ r−3/2, P ∝ r−5/2, and vr ∝ r−1/2,
whih have been disussed by Spruit et al. (1987) and Narayan & Yi (1994).
An important problem we next solve is to determine the size of the inner disk.
Sine the total luminosity of neutrinos emitted from the whole disk signiantly
varies with the inner-region size, we an estimate the inner region size by solving an
energy balane between neutrino ooling and heating in the entire disk. The details
will be disussed in 3.2.3.
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Finally, we fous on two problems in this subsetion. First, we have to disuss
a physial ondition of the boundary layer between the outer and inner disks. There
are two possible boundary onditions. One ondition is to assume that a stalled
shok exists at the boundary layer. Under this assumption, the inner disk is a post-
shok region, and its pressure, temperature and density just behind the shok are
muh higher than those of the outer disk in front of the shok. The other ondition
is to assume that no shok exists in the disk, and that all the physial variables
of two sides of this boundary hange ontinuously. We now have to disuss whih
ondition is reasonable.
Let us assume the mass density, pressure, radial veloity, and internal energy
density of the outer disk along the boundary layer to be ρ1, P1, v1, and u1, and the
orresponding physial variables of the inner disk to be ρ2, P2, v2, and u2 at the
same radius. Thus the onservation equations are
ρ1v1 = ρ2v2
P1 + ρ1v
2
1 = P2 + ρ2v
2
2
(u1 + P1 + ρ1v
2
1/2)/ρ1 = (u2 + P2 + ρ2v
2
2/2)/ρ2.
(3.4)
From the Rankine-Hugoniot relations, we know that if P2 ≫ P1, the densities of
two sides of the boundary layer are disontinuous, whih means that a strong shok
exists between the inner and outer disks. On the other hand, if P1 ∼ P2, we an
obtain ρ1 ∼ ρ2, whih means that only a very weak shok forms at this boundary
layer, or we an say that no shok exists. Therefore, we ompare P1 and ρ1v
2
1 of
the outer disk. If P1 ≪ ρ1v21 or cs ≪ v1, we an assume that a stalled shok exists
at the boundary layer, i.e., the rst boundary ondition is orret. If P1 ≫ ρ1v21 or
cs ≫ v1, otherwise, we onsider P1 ∼ P2, and thus no shok exists. In 3.3 and 3.4,
we will use this method to disuss whih boundary ondition is reasonable.
Seond, what we want to point out is that the eet of the magneti eld of
the entral neutron star is not onsidered in this hapter. We estimate the order
of magnitude of the Alfvén radius by using the following expression (Frank et al
2002), rA ≃ 2.07× 104m˙−2/7d m−1/7µ4/730 , where m˙d = M˙/0.01M⊙ s−1 is the aretion
rate, m = M/1.4M⊙ is the mass of the neutron star, and µ30 is the magneti
moment of the neutron star in units of 1030Gcm3. Let r∗ be the neutron star radius.
If the stellar surfae magneti eld Bs ≤ Bs,cr = 2.80 × 1022m˙1/2d m1/4r−5/4∗ G or
Bs ≤ Bs,cr = 0.89× 1015m˙1/2d m1/4G when r∗ = 106 m, then the Alfvén radius rA is
smaller than r∗. The ritial value Bs,cr inreases with inreasing the aretion rate.
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This implies that the stellar surfae magneti eld aets the struture of the disk
signiantly if Bs ≥ Bs,cr ∼ 1015 − 1016G for typial aretion rates. Therefore, we
assume a neutron star with surfae magneti eld weaker than Bs,cr in this hapter.
This assumption is onsistent with some GRB-origin models suh as Klu¹niak &
Ruderman (1998), Dai & Lu (1998b), Wang et al. (2000), Pazy«ski & Haensel
(2005), and Dai et al. (2006), beause these models require a neutron star or strange
quark star with surfae magneti eld muh weaker than Bs,cr.
3.2.2 Struture of the outer disk
Here we disuss the struture of the outer disk based on the Newtonian dynamis
and the standard α-visosity disk model for simpliity. The struture of the hyper-
aretion disk around a stellar-mass blak hole has been disussed in many previous
works. The method and equations we use here are similar to those in the previous
works sine the outer disk is very similar to the disk around a blak hole.
We approximately onsider the angular veloity of the outer disk to be the Ke-
plerian value ΩK =
√
GM/r3. The veloity ΩK should be modied in a relativisti
model of aretion disks (Popham et al. 1999; Chen & Beloborodov 2007), but
we do not onsider it in this hapter. We an write four equations to desribe the
outer disk, i.e., the ontinuity equation, the energy equation, the angular momentum
equation and the equation of state.
The ontinuity equation is
M˙ = 4πrρvrH ≡ 2πrΣvr, (3.5)
where the notations of the physial quantities have been introdued in §3.2.1.
In the outer disk, the heat energy ould be adveted inward and we take Q−adv =
(1/2)ΣTvrds/dr to be the quantity of the energy advetion rate, where the fator 1/2
is added beause we only study the vertially-integrated disk over a half-thikness
H . Thus the energy-onservation equation (3.1) is rewritten as
Q+ = Q−rad +Q
−
adv +Q
−
ν . (3.6)
The quantity Q+ in equation (3.6) is the visous heat energy generation rate
per unit surfae area. Aording to the standard visosity disk model, we have
Q+ =
3GMM˙
8πr3
f (3.7)
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where f = 1− (r∗/r)1/2 (Frank et al. 2002).
The quantity Q−rad in equation (3.6) is the photon ooling rate per unit surfae
area of the disk. Sine the disk is extremely dense and hot, the optial depth of
photons is always very large and thus we an take Q−rad = 0 as a good approximation.
The entropy per unit mass of the disk is (similar to Kohri & Mineshige 2002)
s = sgas+srad =
Sgas
ρ
+
Srad
ρ
=
∑
i
ni
{
5
2
kB
ρ
+
kB
ρ
ln
[
(2πkBT )
3/2
h3ni
]}
+S0+
2
3
g∗
aT 3
ρ
,
(3.8)
where the summation runs over nuleons and eletrons, kB is the Boltzmann on-
stant, h is the Plank onstant, a is the radiation onstant, S0 is the integration
onstant of the gas entropy, and the term 2g∗aT 3/3ρ is the entropy density of the
radiation with g∗ = 2 for photons and g∗ = 11/2 for a plasma of photons and
relativisti e+e− pairs. We assume that eletrons and nuleons have the same tem-
perature. Then we use equation (3.8) to alulate ds/dr and approximately take
dT/dr ≈ T/r and dρ/dr ≈ ρ/r to obtain the energy advetion rate,
Q−adv = vrT
Σ
2r
[
R
2
(1 + Ye) +
4
3
g∗
aT 3
ρ
]
, (3.9)
where the gas onstant R = 8.315 × 107 ergs mole−1 K−1 and Ye is the ratio of
eletron to nuleon number density. The rst term in the right-hand braket of
equation (3.9) omes from the ontribution of the gas entropy and the seond term
from the ontribution of radiation.
The quantity Q−ν in equation (3.6) is the neutrino ooling rate per unit area.
The expression of Q−ν will be disussed in detail in §3.3 and §3.4.
In this hapter we ignore the ooling term of photodisintegration Q−photodis, and
approximately take the free nuleon fration Xnuc ≈ 1. For the disks formed by
the ollapses of massive stars, the photodisintegration proess that breaks down α-
partiles into neutrons and protons is important in a disk region at very large radius
r. However, the eet of photodisintegration beomes less signiant for a region
at small radius, where ontains less α-partiles1. On the other hand, for the disks
formed by the mergers of double ompat stars, there will be rare α-partiles in the
1
Kohri et al. (2005), Chen & Beloborodov (2007), and Liu et al. (2007) disussed the value of
nuleon fration Xnuc and the eet of photodisintegration as a funtion of radius for partiular
parameters suh as the aretion rate and the visosity parameter α. The former two papers show
that Xnuc ≈ 1 and Qphotodis ≈ 0 for r ≤ 102rg. Although the value of Xnuc from Liu et al. (2007)
3.2. Desription of Our Study Sheme 136
entire disk. As a result, we reasonably take all the nuleons to be free (Xnuc ≈ 1)
and neglet the photodisintegration proess, sine we mainly fous on small disks
or small regions of the disks (as we will mention in 3.3.4 with the outer boundary
rout to be 150 km.)
Furthermore, the angular momentum onservation and the equation of sate an
be written as
νΣ =
M˙
3π
f, (3.10)
P = Pe + Pnuc + Prad + Pν , (3.11)
where ν = αcsH in equation (3.10) is the kinemati visosity and α is the lassial
visosity parameter, and Pe, Pnuc, Prad and Pν in equation (3.11) are the pressures
of eletrons, nuleons, radiation and neutrinos. In §3.3 we will onsider the pressure
of eletrons in extreme ases and in §3.4 we will alulate the e± pressure using the
exat Fermi-Dira distribution funtion and the ondition of β-equilibrium.
Equations (3.5), (3.6), (3.10) and (3.11) are the basi equations to solve the
struture of the outer disk, whih is important for us to study the inner disk.
3.2.3 Self-similar struture of the inner disk
In 3.2.1 we introdued a self-similar struture of the inner disk, and desribed the
method to determine the size of the inner disk. Now we will establish the energy
onservation equation in the inner disk. We assume that r˜ is the radius of the
boundary layer between the inner and outer disks, and that ρ˜, P˜ , and v˜r are the
density, pressure and radial veloity of the inner disk just at the boundary layer
respetively. From equation (3.3), thus, the variables in the inner disk at any given
radius r an be written by
ρ = ρ˜(r˜/r)1/(γ−1), P = P˜ (r˜/r)γ/(γ−1), vr = v˜r(r˜/r)
(2γ−3)/(γ−1). (3.12)
We take the outer radius of the aretion disk to be rout. The total energy per
unit time that the outer disk advets into the inner disk is (Frank et al. 2002)
E˙adv = (1− f¯ν)3GMM˙
4
{
1
r˜
[
1− 2
3
(r∗
r˜
)1/2]
− 1
rout
[
1− 2
3
(
r∗
rout
)1/2]}
, (3.13)
is somewhat dierent from the previous works, the ratio of Q−photodis/Q
+
in their work also drops
dramatially for r ≤ 102rg. Therefore, it is onvenient for us to neglet the photodisintegration
proess for r ≤ 102rg or r ≤ 400 km for the entral star mass M = 1.4M⊙.
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where f¯ν is the average neutrino ooling eieny of the outer disk,
f¯ν =
 rout
r˜
Q−ν 2πrdr
 rout
r˜
Q+2πrdr
. (3.14)
If the outer disk ow is mainly an ADAF, Q−ν ≪ Q+, then f¯ν ∼ 0; if the outer
disk ow is mainly an NDAF, Q−ν ≫ Q−rad and Q−ν ≫ Q−adv, we have f¯ν ∼ 1. The
heat energy in the inner disk should be released more eiently than the outer disk,
we an still approximately take Ω ≃ ΩK in the inner disk, and the maximum power
that the inner disk an release is
Lν,max ≈ 3GMM˙
4
{
1
3r∗
− 1
rout
[
1− 2
3
(
r∗
rout
)1/2]}
−f¯ν 3GMM˙
4
{
1
r˜
[
1− 2
3
(r∗
r˜
)1/2]
− 1
rout
[
1− 2
3
(
r∗
rout
)1/2]}
,(3.15)
where we have integrated vertially over the half-thikness. The rst term in the
right-hand of this equation is the total heat energy per unit time of the entire disk,
and the seond term is the power taken away through neutrino ooling in the outer
disk. Considering rout ≫ r∗, we have
Lν,max ≈ 3GMM˙
4
{
1
3r∗
− f¯ν
r˜
[
1− 2
3
(r∗
r˜
)1/2]}
. (3.16)
The maximum energy release rate of the inner disk is GMM˙/4r∗ if the outer
disk ow is mainly an ADAF and f¯ν ∼ 0. This value is just one half of the gravi-
tational binding energy and satises the Virial theorem. If the outer disk ow is an
NDAF, then the energy release of the inner disk mainly results from the heat energy
generated by its own.
Following the above onsideration, most of the energy generated in the disk
around a neutron star is still released from the disk, so we have an energy-onservation
equation,
 r˜
r∗
Q−ν 2πrdr = ε
3GMM˙
4
{
1
3r∗
− f¯ν
r˜
[
1− 2
3
(r∗
r˜
)1/2]}
, (3.17)
where ε is a parameter that measures the eieny of the energy release. If the
entral ompat objet is a blak hole, we have ε ≈ 0 and the inner disk annot
exist. If the entral ompat objet is a neutron star, we an take ε ≈ 1 and thus
we are able to use equation (3.17) to determine the size of the inner disk.
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3.3 A Simple Model of the Disk
In §3.2, we gave the equations of desribing the struture of a hyperaretion disk.
However, additional equations about mirophysis in the disk are needed. In order
to see the physial properties of the entire disk learly, we rst adopt a simple model
for an analytial purpose. Comparing with 3.4, we here adopt a relatively simple
treatment with the disk mirophysis similar to Popham et al. (1999) and Narayan
et al. (2001), and disuss some important physial properties, and then we ompare
analytial results with numerial ones whih are also based on the simple model.
If the disk is optially thin to its own neutrino emission, the neutrino ooling rate
an be written as a summation of four terms inluding the eletron-positron pair ap-
ture rate, the eletron-positron pair annihilation rate, the nuleon bremsstrahlung
rate and the plasmon deay rate, that is, Q−ν = (q˙eN + q˙e+e− + q˙brems + q˙plasmon)H
(Kohri & Mineshige 2002). We take two major ontributions of these four terms
and use the approximative formulae: q˙e+e− = 5 × 1033T 911ergs m−3 s−1, and q˙eN =
9× 1023ρT 611ergs m−3 s−1. Thus equation (3.6) an be rewritten as
3GMM˙
8πr3
f =
M˙T
4πr2
[
R
2
(1 + Ye) +
22
3
aT 3
ρ
]
+(5×1033T 911+9×1023ρT 611)
cs
ΩK
. (3.18)
If neutrinos are trapped in the disk, we use the blakbody limit for the neutrino
emission luminosity: Q−ν ∼ (78σBT 4)/τ , where τ is the neutrino optial depth. We
approximately estimate the neutrino optial depth as (q˙e+e− + q˙eN)H/(4× 78σBT 4).
Moreover, we take the total pressure in the disk to be a summation of three
terms Pe, Pnuc and Prad, and neglet the pressure of neutrinos: Pe = nekT +
K1 (ρYe)
4/3
, Pnuc = nnuckT , and Prad = 11aT
4/12, where K1 (ρYe)
4/3
is the rela-
tivisti degeneray pressure of eletrons, ne and nnuc are the number densities of
eletrons and nuleons respetively. Here we also neglet the non-relativisti degen-
eray pressure of nuleons. We thus obtain
P = Pe + Pnuc + Prad = ρ (1 + Ye)RT +K1 (ρYe)
4/3 +
11
12
aT 4, (3.19)
where K1 =
2pihc
3
(
3
8pimp
)4/3
= 1.24× 1015 cgs.
Equations (3.10), (3.18) and (3.19) an be solved for three unknowns (density,
temperature and pressure) of the steady outer disk as funtions of radius r for
four given parameters α, Ye, M˙ and M in the simple model. One the density,
temperature and pressure proles are determined, we an present the struture of
the outer disk and further establish the size and the struture of the inner disk.
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3.3.1 The outer disk
We analytially solve equations (3.10), (3.18) and (3.19) in this subsetion. Our
method is similar to that of Narayan et al. (2001). However, what is dierent from
their work is that we use the same equations to obtain both ADAF and NDAF
solutions in dierent onditions. Besides, we nd that the fator f = 1 − (r∗/r)1/2
annot be omitted beause of its importane. In this subsetion, for onveniene,
we expand the solution range to the entire disk (i.e., r∗ < r < rout) rather than just
onsider it in the outer region. The size of the inner disk, whih depends on the
struture of the outer disk, will be solved in §3.3.2.
First we show a general piture. If the aretion rate is not very high, most of the
energy generated in the disk is adveted inward and we all the disk as an advetion-
dominated disk. As the aretion rate inreases, the density and temperature of the
disk also inrease and the neutrino ooling in some region of the disk beomes
the dominant ooling mehanism. Thus we say that this region beomes neutrino-
dominated. When the aretion rate is suiently large, the disk may totally beome
neutrino-dominated. Also, there are some other fators suh as the mass of the
entral neutron star, M , and the eletron-nuleon ratio, Ye, are also able to inuene
the disk struture.
In order to obtain analyti solutions, we have to make some assumptions. First
of all, we assume that the disk ow is an ADAF with the radiation pressure to be
dominated. Let the mass of neutron star M = 1.4mM⊙, the aretion rate M˙ =
m˙d×0.01M⊙ s−1, α = 0.1α−1, r = 106r6 m, ρ = 1011ρ11 g m−3, T = 1011T11K, and
P = 1029P29 ergs m
−3
. Combining equations (3.10), (3.18) and (3.19) to eliminate
pressure P , we obtain
mm˙dfr
−3
6 = 0.199m˙dT
4
11ρ
−1
11 r
−2
6
m2/3ρ
1/3
11 m˙
2/3
d f
2/3α
−2/3
−1 r
−2
6 = 0.953T
4
11.
(3.20)
Then we nd that the density and temperature in the disk are
ρ11 = 0.0953m˙dm
−1/2f−1/2α−1−1r
−3/2
6
T11 = 0.832m
1/8m˙
1/4
d f
1/8α
−1/4
−1 r
−5/8
6 .
(3.21)
Also, the pressure of the disk from equation (3.19) beomes
P29 = 3.32m
1/2m˙df
1/2α−1−1r
−5/2
6 . (3.22)
Equations (3.21) and (3.22) tell us that for an advetion-dominated disk with the
radiation pressure to be dominated, the density ρ, pressure P and temperature T
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derease as radius r inrease. These quantities inrease with inreasing the aretion
rate m˙d, and are all independent of the eletron fration Ye. ρ dereases but P and
T inrease with inreasing the mass of the entral ompat star. Besides, in the
region near the neutron star surfae where the radius r is relatively small, the term
f is able to derease P and T but inrease ρ signiantly.
We have to hek the validity of the assumption made in deriving the above
solution. First, the assumption of ADAF is valid only if Q−adv > Q
−
ν . Sine the
radiation entropy in the quantity Q−adv is always muh larger than the gas entropy
in an ADAF, and Q−eN is usually the dominant term Q
−
ν (where we onsider that the
outer disk is optially thin to neutrinos), Q−adv > Q
−
eN requires
r6f
1/5 > 2.28m−3/5m˙6/5d α
−2
−1. (3.23)
Furthermore, we require that the gas pressure and the degeneray pressure are
smaller than the radiation pressure ( Prad > Pgas and Prad > Pdeg ). From equations
(3.21) and (3.22), we obtain
r6f
−7/3 < 74.6 (1 + Ye)
−8/3m7/3m˙−2/3d α
2/3
−1 , (3.24)
and
r6f
−7/3 < 174m7/3m˙−2/3d α
2/3
−1 Y
−8/3
e . (3.25)
Inequation (3.23) gives the range of an advetion-dominated region in the disk
with the radiation pressure to be dominated, and this region dereases with dereas-
ing the mass of the enter ompat star m, α or inreasing the aretion rate m˙d.
For a xed radius r, we an rewrite inequation (3.23) as
m˙d < 0.504m
1/2α
5/3
−1 r
5/6
6 f
1/6. (3.26)
whih means that a larger radius allows a larger upper limit of the aretion rate
for the radiation-pressure-dominated region. On the other hand, if the parameters
m, α and m˙d in some region of the disk do not satisfy inequations (3.23) or (3.26),
the other types of pressure an exeed the radiation pressure but the region an
still be advetion-dominated. For an analytial purpose, we want to disuss the
range of dierent types of pressure in two extreme ases where Ye ∼ 1 or Ye ≪ 1.
From inequation (3.24), we an see that, sine the minimum value of r6f
−7/3
is 19.9,
when m˙d > 0.453m
7/2α−1 for Ye ∼ 1, or m˙d > 7.25m7/2α−1 for Ye ≪ 1 , the gas
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pressure takes over the radiation pressure in the disk and the entire disk beomes
gas-pressure-dominated. On the other hand, the degeneray pressure is larger than
the radiation pressure at a very large radius if the eletron fration Ye is not very
small. However, we do not onsider this situation for an ADAF region of the disk,
beause the degeneray pressure, even if larger than the radiation pressure, annot
exeed the gas pressure.
When the gas pressure is dominated and the outer disk ow is still an ADAF,
we onsider another set of equations,
mm˙dfr
−3
6 = 0.199m˙dT
4
11ρ
−1
11 r
−2
6
m2/3ρ
1/3
11 m˙
2/3
d f
2/3α
−2/3
−1 r
−2
6 = 1.14 (1 + Ye) ρ11T11.
(3.27)
and obtain the density, temperature and pressure of the disk,
ρ11 = 0.556 (1 + Ye)
−12/11m5/11m˙8/11d f
5/11α
−8/11
−1 r
−21/11
6
T11 = 1.29 (1 + Ye)
−3/11m4/11m˙2/11d f
4/11α
−2/11
−1 r
−8/11
6
P29 = 5.98 (1 + Ye)
−4/11m9/11m˙10/11d f
9/11α
−10/11
−1 r
−29/11
6 .
(3.28)
Equation (3.28) tells us that for an advetion-dominated disk with dominant gas
pressure, ρ, P and T inrease with inreasing parameters m˙d and m or dereasing
Ye.
The assumption of a gas-pressure-dominated ADAF disk requires Q−adv > Q
−
ν ,
and thus we obtain
r
47/22
6 f
−20/11 > 128 (1 + Ye)
−26/11m29/22m˙10/11d α
−21/11
−1 . (3.29)
Pgas > Prad an be written by
r6f
−7/3 > 74.6 (1 + Ye)
−8/3m7/3m˙−2/3d α
2/3
−1 . (3.30)
Pgas > Pdeg leads to
r6f
−7/3 < 8.07× 103 (1 + Ye)12 Y −44/3e m7/3m˙−2/3d α2/3−1 , (3.31)
whih is satised for a large parameter spae.
If Ye ∼ 1 and the parametersm and αmake 0.453m7/2α−1 < m˙d < 1.73m−29/20α21/10−1
valid, the entire disk beomes an advetion-dominated disk with the gas pressure to
be dominated. However, if Ye ≪ 1, suh a disk annot exist, sine inequation (3.29)
annot be always satised in the entire disk and some region of the disk would be-
ome neutrino-dominated. Also, when the mass aretion rate m˙d beomes higher,
most region of the disk beomes neutrino-dominated.
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In the region where neutrino ooling is eient, using equations (3.10), (3.18)
and (3.19) to eliminate P and T , we have an equation about the density,
m2/3m˙
2/3
d f
2/3α
−2/3
−1 r
−2
6 = 0.618 (1 + Ye) ρ
5/9
11 m
7/36m˙
1/9
d f
1/9r
−7/12
6 α
1/18
−1
+0.794Y 4/3e ρ11 + 0.0810m
7/9m˙
4/9
d f
4/9r
−7/3
6 α
2/9
−1 ρ
−7/9
11 .(3.32)
From this equation, we an obtain two solutions if m˙d is large enough to satisfy the
assumption of NDAF. The rst solution is gas or relativisti degeneray pressure-
dominated, and the seond is radiation pressure-dominated. From the seond solu-
tion, we an nd a hotter but thinner disk than the rst solution. However, using
the seond solution to alulate Q−adv and Q
−
ν , we nd Q
−
adv > Q
−
ν , whih ontradits
with the assumption of NDAF. Therefore, we have to hoose the rst solution. We
further assume that the gas pressure dominates over the degeneray pressure and
obtain
ρ11 = 2.38 (1 + Ye)
−9/5m17/20m˙dfα
−13/10
−1 r
−51/20
6
T11 = 0.490 (1 + Ye)
1/5m1/10α
1/5
−1 r
−3/10
6
P29 = 9.71 (1 + Ye)
−3/5m19/20m˙dfα
−11/10
−1 r
−57/20
6 .
(3.33)
In this ase, the temperature is independent of the aretion rate m˙d. In addition, as
Ye dereases (that is, the disk ontains more neutrons), the temperature dereases,
whih is quite dierent from the situation of ADAF.
Finally we hek the gas pressure-dominated assumption. Using equation (3.33)
and assuming Pgas > Pdeg, we obtain
r6f
−20/33 > 3.18Y 80/33e (1 + Ye)
−36/11m1/3m˙20/33d α
−38/33
−1 . (3.34)
Inequation (3.34) is always satised if Ye ≪ 1, and thus we an say that the gas
pressure-dominated assumption is valid. However, if Ye ∼ 1, a part of the disk
beomes degeneray pressure-dominated if m˙d > 64.5α
19/10
−1 m
−11/20
. In partiular,
in the ase of Ye ∼ 1 and large aretion rate m˙d, a set of solutions on the part of
the disk are
ρ11 = 1.26Y
−4/3
e m2/3m˙
2/3
d f
2/3α
−2/3
−1 r
−2
6
T11 = 0.526Y
4/27
e m13/108m˙
1/27
d f
1/27α
7/54
−1 r
−13/36
6
P29 = 7.85Y
−4/9
e m8/9m˙
8/9
d f
8/9α
−8/9
−1 r
−8/3
6 .
(3.35)
whih desribe an NDAF with the degeneray pressure to be dominated. However,
we should remember that in deriving the above solutions we have not onsidered
the onstraint of r > r˜.
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dominant pressure aretion ow range of m˙d Ye ∼ 1 Ye ≪ 1
Prad....................... ADAF (a) & (b) 0.453 7.25
Pgas....................... ADAF () & (d) 1.73 
Pgas....................... NDAF (e) & (f) 64.5 ∞
Pdeg....................... NDAF (g) ∞ 
Table 3.2: Range of the aretion rate in dierent regions as follows: (a) :
m˙d < 0.504m
1/2α
5/3
−1 r
5/2
6 f
1/6
; (b) : m˙d < 644(1 + Ye)
−4m7/2α−1r
−3/2
6 f
7/2
;
() : m˙d > 644(1 + Ye)
−4m7/2α−1r
−3/2
6 f
7/2
; (d) : m˙d < 4.81 ×
10−3(1 + Ye)13/5m−29/20α
21/10
−1 r
47/20
6 f
−2
; (e) : m˙d > 4.81 × 10−3(1 +
Ye)
13/5m−29/20α21/10−1 r
47/20
6 f
−2
; (f) : m˙d < 0.148Y
−4
e (1+Ye)
27/5m−11/10α19/10−1 r
33/20
6 f
−1
;
(g) : m˙d > 0.148Y
−4
e (1 + Ye)
27/5m−11/10α19/10−1 r
33/20
6 f
−1
.
Here we make a summary of § 3.3.1. We used an analytial method to solve
the density, pressure and temperature of the outer disk based on a simple model
disussed at the beginning of §3.3. The aretion ow may be ADAF or NDAF
with the radiation, gas or degeneray pressure to be dominated. We x radius r
and show the possible ases in the disk with dierent aretion rate m˙d in Table
3.3.1. Moreover, for dierent eletron fration Ye and xing m = 1 and α−1 = 1,
we alulate the upper limit of m˙d. If Ye ∼ 1, the advetion-dominated region
in the disk an be radiation or gas pressure-dominated, and the neutrino-ooled
region an be gas or degeneray pressure-dominated. However, if Ye ≪ 1, the gas
pressure-dominated region in the ADAF ase is very small, and the degeneray
pressure-dominated region annot exist. In 3.3.4 we will obtain similar results by
using a numerial method.
The solutions given in this subsetion an also be used to disuss the properties
of the disk around a blak hole. Our analytial solutions of the outer disk are
similar to those of Narayan et al. (2001) and Di Matteo et al. (2002), who took Ye
to be a parameter. Narayan et al. (2001) found that advetion-dominated disks an
be radiation or gas pressure-dominated, and neutrino-dominated disks an be gas
or degeneray pressure-dominated instead. This is onsistent with our onlusion
for Ye ∼ 1. However, these authors did not onsider the fator f = 1 −
√
r∗/r,
whih is an important fator beause a small r, as we have mentioned above, an
dramatially hange the parameter spae of the outer disk. Di Matteo et al. (2002)
3.3. A Simple Model of the Disk 144
disussed the dierent pressure omponents (their Fig. 2), whih is also onsistent
with our onlusion. Chen & Beloborodov (2007) alulated the value of Ye and
showed that Ye ≪ 1 when r is small. Aording to the above disussion, therefore,
the degeneray-pressure-dominated region in the NDAF disk annot exist. This is
onsistent with Chen & Beloborodov (2007) that the pressure in a neutrino-ooled
disk is dominated by baryons (gas).
On the other hand, our analytial results are partly dierent with Kohri et al.
(2005) and Chen & Beloborodov (2007) whih showed that the eletron pressure is
dominant in some advetion-dominated regions of the disk. This dierene is mainly
beause that we take Prad = 11aT
4/12 in our analytial model, whih inludes the
ontribution of relativisti eletron-positron pairs. However, Kohri et al. (2005) and
Chen & Beloborodov (2007) took Prad = aT
4/3 and alulated the pressure of e+e−
pairs in the term of eletron pressure Pe. As a result, the radiation pressure we
onsider in this subsetion is atually the pressure of a γ-e+e− plasma.
In the following subsetion, we will solve the struture of the inner disk and use
the value of r˜ to further onstrain the solutions that we have obtained.
3.3.2 The inner disk
Boundary layer between the inner disk and outer disk
We use the method disussed in 3.2.1 and ompare the radial veloity with the
loal speed of sound of the outer disk using the results given in setion 3.3.1.
The radial veloity of the outer disk at radius r is
v1 =
M˙
2πrΣ
=
M˙
4πrρ1H
=
M˙
√
GM
4πr5/2
√
P1ρ1
. (3.36)
Hene, we have
v21
c2s
∼ ρ1v
2
1
P1
=
M˙2GM
16π2r5P 21
= 0.0465
m˙2dm
r56P
2
1,29
. (3.37)
In the ase where the outer disk is ADAF and the radiation pressure is domi-
nated, using solutions (3.21) and (3.22), we have
v21
c2s
∼ 4.22× 10−3α2−1f−1. (3.38)
Therefore, we see v1 ≪ cs for typial values of the parameters.
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In the ase of ADAF with the gas pressure to be dominated, using solution
(3.28), we have
v21
c2s
∼ 1.302× 10−3 (1 + Ye)8/11m−7/11m˙2/11d α20/11−1 f−18/11r3/116 . (3.39)
For NDAF, using expression (3.33) to ompare the radial veloity with the
speed of sound, we have
v21
c2s
∼ 4.94× 10−4 (1 + Ye)6/5m−9/10α11/5−1 f−2r7/106 . (3.40)
Note that this ratio is independent of the aretion rate. From (3.39) and (3.40),
we still nd that v1 ≪ cs is always satised exept for the region very near the
surfae of the neutron star, where the fator f is very small. This region, however,
is so small that it belongs to the inner disk where we have to use the self-similar
struture, whih we will disuss later in details.
Therefore, for the hyperaretion disk disussed in this hapter, as the disk is
extremely hot and dense, the radial veloity is always subsoni. So there is no stalled
shok between the inner and outer disks. Thus, all physial variables between two
sides of the boundary layer between two regions of the disk hange ontinuously.
Besides, the rotational veloity is assumed to be the Keplerian value and has no
jump at the boundary layer.
Solution of the inner disk
We now study the inner disk analytially based on the results given in §3.1. The
main problem that we should solve in this subsetion is to determine the size of
the inner disk for a range of parameters and to desribe the struture of the inner
disk. In the ase where the radiation pressure is dominated, by using the self-similar
struture (3.12), we obtain the temperature of the inner disk,
T11 =
(
P29
6.931
)1/4
= 1.01m1/6ρ˜
1/2
11 m˙
1/6
d f˜
1/6α
−1/6
−1 r˜
2−γ
4(γ−1)
6 r
−γ
4(γ−1)
6 . (3.41)
where r˜ and ρ˜ are the radius and density of the boundary layer between the inner
and outer disk, and f˜ = 1− (r∗/r˜)1/2.
Using the self-similar ondition and the above expression of T11, we nd the
total neutrino ooling rate,
 r˜
r∗
Q−ν 2πrdr = 10
51 ×

120ρ˜
7/6
11 m
5/6m˙
4/3
d α
−4/3
−1 f˜
4/3r˜
9−4γ
2(γ−1)
6 r
γ−6
2(γ−1)
6 dr6. (3.42)
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m˙d 0.01 0.05 0.1 0.5
Case 1 6.38 3.53 2.76 1.65
Case 2 13.87 5.66 3.92 1.84
Case 3 6.83 3.76 2.94 1.74
Table 3.3: Equation (3.44) gives r˜6 in several ases. Case 1: m = 1, γ = 4/3; ase
2: m = 1, γ = 1.4; ase 3: m = 2.0/1.4, γ = 4/3.
The outer disk ow is mainly an ADAF, using the solution of a radiation
pressure-dominated ADAF (i.e., solutions 3.21 and 3.22), we have the total neu-
trino ooling rate,
Lν = 1.55× 1052 ergs s−1
(
γ − 1
8− 3γ
)
m1/4m˙
5/2
d f˜
3/4α
−5/2
−1 r˜
25−15γ
4(γ−1)
6
(
r
3γ−8
2(γ−1)
∗,6 − r˜
3γ−8
2(γ−1)
6
)
.(3.43)
From the energy-onservation equation (3.17), the position of the boundary layer
satises the following equation,
r˜
5(5−3γ)
4(γ−1)
6
(
1−
√
r∗,6
r˜6
)3/4(
r
3γ−8
2(γ−1)
∗,6 − r˜
3γ−8
2(γ−1)
6
)
= 0.0597
(
8− 3γ
γ − 1
)
m3/4m˙
−3/2
d α
5/2
−1 r
−1
∗,6
(3.44)
where we take ε ∼ 1 and f¯ν ∼ 0 in equation (3.17). The left-hand term of equation
(3.44) inreases with inreasing r˜6, so r˜6 dereases if m˙d inreases in the right-hand
term of this equation. In other words, the size of the inner disk dereases as the
aretion rate inreases. From equation (3.44), we an also see that its solution, r˜6,
is independent of Ye, and inreases with the mass of the entral star. In addition,
sine the gas pressure has its own ontribution to the disk, the atual adiabati
index γ is larger than 4/3, whih an makes the solution of equation (3.44) larger.
For an analytial purpose, we assume several dierent sets of parameters to solve
equation (3.44). Table 3.3 learly shows that, in the radiation-pressure-dominated
disk with an advetion-dominated outer region, as the aretion rate inreases, the
value of r˜ dereases, and that r˜ inreases with inreasing γ or dereasing m.
In the ase where the gas pressure is dominated and the outer disk ow is still
an ADAF, we obtain the temperature of the inner disk,
T11 = (1 + Ye)
−1 1
8.315
P29
ρ11
= (1 + Ye)
−1 0.874m2/3ρ˜−2/311 m˙
2/3
d f˜
2/3α
−2/3
−1 r˜
−1
6 r
−1
6 . (3.45)
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m˙d 0.5 1 3 5 10
Case 1 2.17 1.91 1.62 1.52 1.42
Case 2 2.05 1.83 1.59 1.50 1.40
Case 3 1.68 1.54 1.38 1.33 1.27
Case 4 1.97 1.76 1.52 1.44 1.36
Table 3.4: Equation (3.48) gives r˜6 in several ases. Case 1: Ye = 1, γ = 5/3, m = 1;
ase 2: Ye = 1, γ = 3/2, m = 1; ase 3: Ye = 1/9, γ = 5/3, m = 1; ase 4:
Ye = 1, γ = 5/3, m = 2.0/1.4.
Similarly, from equations (3.17) and (3.28), we have
 r˜
r∗
Q−ν 2πrdr = 10
51×

45.0ρ˜
−10/3
11 (1 + Ye)
−6m23/6m˙13/3d f˜
13/3r˜
( 1
γ−1
− 13
2
)
6 r
−(4+ 1
γ−1
)
6 dr6.
(3.46)
The neutrino luminosity of the inner disk reads
Lν = 3.53× 1053 ergs s−1
(
γ − 1
3γ − 2
)
(1 + Ye)
−26/11
×m51/22m˙21/11d f˜
31
11α
−21/11
−1 r˜
( 1
γ−1
− 3
22
)
6
(
r
2−3γ
γ−1
∗,6 − r˜
2−3γ
γ−1
6
)
. (3.47)
The energy-onservation equation of the inner disk is(
1−
√
r∗,6
r˜6
)−31/11
r˜
( −1
γ−1
+ 3
22
)
6
(
r
2−3γ
γ−1
∗,6 − r˜
2−3γ
γ−1
6
)−1
=
382(γ − 1)
3γ − 2 (1 + Ye)
−26/11m29/22m˙10/11d α
−21/11
−1 r∗,6. (3.48)
From equation (3.48), we see that the size of the inner disk (r˜) also dereases
with inreasing the aretion rate m˙d. Table 3.4 gives solutions of equation (3.48)
with dierent sets of parameters. We an see that r˜ also derease with inreasing
γ˜, m or dereasing Ye.
We above study the ase where the outer disk is advetion-dominated, and
nd that the size of the inner disk always inrease with the aretion rate. In the
ase where the outer disk is mainly neutrino-dominated, using expression (3.33) and
equation (3.17), we obtain an energy-onservation equation in the inner disk,
2.77
(
γ − 1
3γ − 2
)
r˜
2γ−1
γ−1
6 f˜
(
r
2−3γ
γ−1
∗,6 − r˜
2−3γ
γ−1
6
)
= 0.924
{
1
r∗,6
− 3f¯ν
r˜6
[
1− 2
3
(
r∗,6
r˜6
)1/2]}
.
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f¯ν\γ 5/3 3/2 4/3
0.9 1.31 1.28 1.26
0.7 1.46 1.43 1.39
0.5 1.56 1.53 1.47
Table 3.5: Equation (3.49) gives r˜6. We take f¯ν and γ as parameters to solve this
equation.
(3.49)
This equation shows us that r˜6 in NDAF is independent of Ye, m, m˙d, and α,
but only dependent on γ and f¯ν . The size of the inner disk is onstant no matter
how muh the omponents, the aretion rate of the disk, and the mass of the entral
neutron star are. If the outer disk is mainly an NDAF, we have f¯ν ∼ 1. We hoose
several dierent sets of parameters to obtain the solution of equation (3.49) (see
Table 3.5). As f¯ν inreases, the value of r˜ dereases slightly. Here we also onsider
an intermediate ase of γ between 5/3 and 4/3, the deline of γ makes the size of
the inner disk derease.
However, in the above disussion about an NDAF, we have not onsidered the
eet of neutrino opaity but simply assumed that neutrinos esape freely. Atually,
if the aretion rate is suiently large and the disk ow is mainly an NDAF, and
the disk's region near the neutron star surfae an be optially thik to neutrino
emission. With inreasing the aretion rate, the area of this optially thik region
inreases. We now estimate the eet of neutrino opaity on the struture of the
inner disk. Let the region of r∗ < r < r¯ be optially thik to neutrino emission,
the region of r¯ < r < r˜ be optially thin, and the eletron/positron pair apture
reations be the dominant ooling mehanism. Thus equation (3.17) beomes
 r¯
r∗
4
(
7
8
σBT
4
)
τ
2πrdr+
 r˜
r¯
9×1034ρ11T 611H2πrdr =
3GMM˙
4
{
1
3r∗
− f¯ν
r˜
[
1− 2
3
(r∗
r˜
)1/2]}
.
(3.50)
where we take ε ≈ 1. Using the self-similar relations and performing some deriva-
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m˙d 80 100 120 150
Case 1 4.28 5.13 5.94 7.10
Case 2 6.26 7.48 8.65 10.33
Case 3 5.09 6.09 7.05 8.43
Case 4 4.10 4.99 5.86 7.11
Case 5 4.87 5.90 6.89 8.32
Table 3.6: Equation (3.51) gives r˜6 in several dierent ases. Case 1: Ye = 1, m =
1, k = 1, γ = 5/3; ase 2: Ye = 1/9, m = 1, k = 1, γ = 5/3; ase 3: Ye = 1, m =
2.0/1.4, k = 1, γ = 5/3, Case 4: Ye = 1, m = 1, k = 0.7, γ = 5/3; ase 5: Ye = 1, m =
1, k = 1, γ = 3/2.
tions, we nd
18.7 (1 + Ye)
8/5
(
γ − 1
2− γ
)
m−1/5m˙−1d f˜
−1α8/5−1 r˜
( 18
5
− 1
γ−1
)
6
[
r¯
−1+1/(γ−1)
6 − r−1+1/(γ−1)∗,6
]
+2.77
(
γ − 1
3γ − 2
)
mm˙df˜ r˜
2γ−1
γ−1
6
(
r¯
2−3γ
γ−1
6 − r˜
2−3γ
γ−1
6
)
= 0.924mm˙d
[
1
r∗,6
− 3f¯ν
r˜6
+
2f¯ν
r˜6
(
r∗,6
r˜6
)1/2]
.(3.51)
The solution shown by equation (3.51) gives r˜. We take f¯ν ≈ 1 and α = 0.1. More-
over, we dene a new parameter k = r¯6/r˜6, and assume several sets of parameters
to give the solution of equation (3.51).
From Table 3.6, we an see that the size of the inner disk inreases with the
aretion rate. In addition, an inrease of m or k, or an derease of Ye also makes
the inner-disk size larger. We will ompare the analytial results from Tables 3.3 to
3.6 with numerial results in §3.3.4 in more details.
3.3.3 Disussion about the stellar surfae boundary
Now we want to disuss the physial ondition near the neutron star surfae. We
know that if the rotational veloity of the neutron star surfae is dierent from
that of the inner boundary of the disk, then the disk an at a torque on the
star at the stellar radius. Here we take the rotational veloity of the inner disk
Ω ≃ ΩK approximately as mentioned in 3.2.1 and 3.2.3. Then we always have the
stellar surfae angular veloity Ω∗ to be slower than that of the inner disk ΩK (i.e.,
Ω∗ < ΩK). As a result, the kineti energy of the areted matter is released when
the angular veloity of the matter dereases to the angular veloity of the neutron
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star surfae. From the Newtonian dynamis, we obtain a dierential equation,
G∗r∗ =
d(IΩ∗)
dt
, (3.52)
where G∗r∗ = M˙r2∗(ΩK −Ω∗) is the torque ating on the star surfae from the disk,
I is the moment of inertia of the star, I = ξMr2∗, with ξ being a oeient. The
above equation an be further written as
[ΩK − Ω∗(1 + ξ)]dM = ξMdΩ∗. (3.53)
From equation (3.53) we an see that if Ω∗,0 < ΩK/(1 + ξ) initially, we always have
dΩ∗/dM > 0, i.e., the neutron star is spun up as aretion proeeds. On the other
hand, if Ω∗,0 > ΩK/(1 + ξ) initially, then the star is always spun down by the disk.
The limit value of Ω∗ is ΩK/(1+ ξ) in both ases. The solution of equation (3.53) is∣∣∣∣Ω∗ − ΩK1 + ξ
∣∣∣∣ =
(
M0
M0 +∆M
) ξ+1
ξ
∣∣∣∣Ω∗,0 − ΩK1 + ξ
∣∣∣∣ ≈
[
1−
(
ξ + 1
ξ
)
∆M
M0
] ∣∣∣∣Ω∗,0 − ΩK1 + ξ
∣∣∣∣ ,
(3.54)
where M0 is the initial mass of the neutron star, and ∆M is the mass of the areted
matter from the disk by the star. The hange of Ω∗ depends on the ratio ∆M/M0.
For example, if we assume M0 = 1.4M⊙, ∆M = 0.01M⊙ and set ξ = 2/5, then we
have ( ΩK
1+ξ
− Ω∗) = 0.98( ΩK1+ξ − Ω∗,0). Or if we take ∆M = 0.1M⊙, ξ = 2/5, and the
entral stellar mass is unhanged, then we obtain ( ΩK
1+ξ
− Ω∗) = 0.79( ΩK1+ξ − Ω∗,0).
Here we onsider that the energy released from the surfae boundary is also
taken away by neutrino emission, and assume that neutrinos emitted around the
stellar surfae are opaque. We an estimate the temperature of the neutron star
surfae through
7
8
σBT
44πr∗H ∼ GMM˙2r∗ (2 − ε), where H is the half thikness of
the inner boundary of the disk, and the parameter ε has the same meaning as
that in §2.3. Then we an estimate the surfae temperature as T11 ∼ 0.415(2 −
ε)1/4m1/4m˙
1/4
d H
−1/4
6 r
−1/2
∗,6 . This estimation of the temperature is only valid if the
inner disk is optially thin for neutrinos and only the surfae boundary is optially
thik. If the inner disk, due to a large aretion rate, beomes optially thik to
neutrino emission, the surfae temperature should be higher.
3.3.4 Comparison with numerial results
In order to give an analytial solution of the aretion disk around a neutron star in
the simple model, we an hoose the dominant terms in equations (3.18) and (3.19).
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We now onsider one type of pressure to be dominated, and assume extreme ases
from ADAF to NDAF. For example, we onsider the neutrino-dominated region with
f¯ν ∼ 1 and the advetion-dominated region with f¯ν = 0. In this subsetion, we solve
the hyperaretion-disk struture numerially based on the simple model. In order
to ompare the numerial results with what we have obtained analytially, we keep
on with using the equations and denitions of all the parameters in this hapter.
However, we rst need to point out several approximations and some dierenes
between numerial and analytial methods based in the simple model.
First of all, we hoose the range of r6 from 1 to 15 in our numerial alulations.
In other words, we take the range of the aretion disk to be from the surfae of the
neutron star to the radius of 150 km as the outer boundary. During the ompat-
star merger or massive-star ollapse, the torus around a neutron star has only some
part that owns a large angular momentum to form a debris disk, so the mass of the
disk may be smaller than the total mass of the torus. From view of simulations (Lee
& Ramirez-Ruiz 2007), if the debris disk forms through the merger of two neutron
stars, its outer radius an be slightly smaller than the value we give above. On the
other hand, the disk size may be slightly larger than that we assume above if the
disk forms during the ollapse of a massive star. The hanges of physial variables
of the disk due to a hange of the outer radius may be insigniant, and we don't
disuss the eet of the outer radius in this hapter.
Seond, we x the visosity parameter α to be 0.1. If α dereases (or inreases),
the variables of the disk inreases (or dereases). More information an be seen in
analytial solutions in 3.3.1 and 3.3.2. In numerial alulation, we take α to be
a onstant.
Third, we still set Ye as a parameter in numerial alulations in 3.4. In order
to show results learly, we onsider two onditions: one is an extreme ondition with
Ye = 1, whih means that the disk is made mainly of eletrons and protons but no
neutrons; the other is Ye = 1/9, whih means that the number ratio of eletrons,
protons and neutrons is 1 : 1 : 8. An elaborate work should onsider the eet of
β-equilibrium, and we will disuss it in detail in §3.4.
For numerial alulations, we onsider all the terms of the pressure and an
intermediate ase between ADAF and NDAF. In analytial alulations we take the
adiabati index γ of the inner disk to be 5/3 if the disk is gas pressure-dominated
or γ = 4/3 if the disk is radiation or degeneray pressure-dominated. In numerial
alulations, however, it is onvenient to introdue an equivalent" adiabati index
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γ based on the original denition of γ from the rst law of thermodynamis, γ =
1+P/u, where P is the pressure of the disk at a given r, and u is the internal energy
density at the same radius. Therefore γ is a variable as a funtion of radius. We
obtain the self-similar struture,
ρ(r)
ρ(r + dr)
=
(
r
r + dr
)−1/(γ(r)−1)
,
P (r)
P (r + dr)
=
(
r
r + dr
)−γ(r)/(γ(r)−1)
. (3.55)
If γ does not vary signiantly in the inner disk, the dierene between the approx-
imate solution where γ is a onstant and the numerial solution where we introdue
an equivalent" γ is not obvious.
In addition, some region of the aretion disk is optially thik to neutrino
emission when m˙d is suiently large. We use the same expressions of neutrino
optial depth and emission at the beginning of 3. We also require that the neutrino
emission luminosity per unit area is ontinuous when the optial depth rosses τ = 1.
We rst alulate the value of r˜, whih is the radius of the boundary layer
between the inner and outer disks. Figure 3.1 shows r˜ as a funtion of m˙d for
dierent values of m. We an see that when the disk ow is an ADAF at a low
aretion rate, r˜ dereases monotonously as the aretion rate inreases until the
value of r˜ reahes a minimum. At this minimum, the outer disk ow is an NDAF
and most of the neutrinos generated from the outer disk an esape freely, and the
eet of neutrino opaity is not important. If the aretion rate is higher and makes
the eet of neutrino opaity signiant, the value of r˜ inreases with inreasing the
aretion rate. From Figure 3.1, we see that when the aretion rate is either low
or suiently high, r˜ is very large and even reahes the value of the outer radius,
whih means that the inner disk totally overs the outer disk. In this situation, sine
the outer disk is overed, no part of the disk is similar to that of the aretion disk
around a blak hole as we disussed in §3.1, and thus we say that the entire disk
beomes a self-similar struture and that the physial variables of the entire disk are
adjusted to build the energy balane between heating and neutrino ooling. For this
situation, we do not want to disuss in details any more. We fous on the aretion
rate whih allows the two-steady parts of disks to exist.
In Figure 3.2, we hoose several speial onditions to plot the density, tem-
perature and pressure of the whole disk as funtions of radius r. If the parameter
m˙d is larger, or the disk ontains more neutrons (i.e., Ye beomes smaller), then
the density, temperature and pressure of the disk are larger, and the hange of the
density and pressure is more dramati than that of the temperature. The hange of
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Figure 3.1: The radius r˜6 of the boundary layer between the inner and outer disks
as a funtion of aretion rate m˙d in the simple model for several sets of parameters:
(1) M = 1.4M⊙ and Ye = 1.0 (solid line), (2) M = 1.4M⊙ and Ye = 1/9 (dashed
line), (3) M = 2.0M⊙ and Ye = 1.0 (dotted line), and (4) M = 2.0M⊙ and Ye = 1/9
(dash-dotted line).
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the temperature annot be very large beause it greatly aets the neutrino ooling
rate of the disk.
If the mass of the entral neutron star (m) beomes larger or the eletron fra-
tion Ye beomes smaller, then the value of r˜ in the monotonous dereasing segment
of m˙d− r˜ beomes smaller, and the value of r˜ in the monotonous inreasing segment
of m˙d− r˜ is larger. And the minimum value of r˜ is almost independent of Ye and m.
All of these onlusions are onsistent with the analytial solutions, exept for the
ase of the advetion-dominated outer disk with the radiation pressure to be domi-
nated. In §3.3.2.2, we found that the size of the inner disk inreases with inreasing
m for our analytial solutions. However, by alulating the equivalent" adiabati
index γ, we nd that γ dereases slightly with inreasing m. This makes the value
of r˜6 derease, whih is also onsistent with the analytial results (see Table 3.3).
Figure 3.3 shows the equivalent" adiabati index γ as a funtion of radius of the
entire disk for several dierent sets of parameters. In the ase where the aretion
rate is low, the radiation pressure is important. As the aretion rate inreases, the
gas pressure beomes more dominant and the value of γ is larger. On the other
hand, the ratio of the degeneray pressure to the total pressure is larger in the ase
of a higher aretion rate and Ye ∼ 1. However, the gas pressure is always dominant
for the aretion rate hosen here. We see from Figure 3 that the hange of γ in the
inner disk is insigniant.
Figure 3.4 shows the distribution of a dominant pressure in the m˙d − r plane
for dierent Ye. The results are quite similar to what we have disussed in 3.3.1.
At low aretion rates, most of the disk is radiation pressure-dominated, and some
inner region of the disk an be degeneray pressure-dominated only if Ye ∼ 1 and the
aretion rate is suiently high. In addition, the gas pressure-dominated region in
the ADAF ase is smaller if Ye is smaller, and the disk ow an beome an NDAF
for a lower aretion rate if Ye is smaller. We also plot r˜ in the m˙d − r plane to
obtain nal results. We note that in the ase of m = 1 and Ye = 1, the region
where the degeneray pressure is dominant in the outer disk is entirely overed by
the region of the inner disk, whih means that the outer disk is hardly degeneray
pressure-dominated. In order to see this result more learly, we here take the value
of the aretion rate in Figure 3.4 to be wider. We do not plot the distribution of
the dominant pressure of the inner disk in this hapter. In most ases, the dominant
pressure of the inner disk is similar to that of the outer disk.
Figure 3.5 shows the ratio of the radial veloity vr and loal speed of sound cs as
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Figure 3.2: The density (in units of 1011g m−3), pressure (in units of 1029 ergs
m
−3
) and temperature (in units of 1011K) of the disk as funtions of radius r (in
units of 106 m) in the simple model for several sets of parameters: (1)M = 1.4M⊙,
Ye = 1.0, and M˙ = 0.01M⊙ s−1 (thin solid line), (2) M = 1.4M⊙, Ye = 1.0, and
M˙ = 0.1M⊙ s−1 (thin dashed line), (3) M = 1.4M⊙, Ye = 1.0, and M˙ = 1.0M⊙ s−1
(thin dotted line), (4) M = 2.0M⊙, Ye = 1.0, and M˙ = 0.01M⊙ s−1 (thik solid
line), (5) M = 2.0M⊙, Ye = 1.0, and M˙ = 0.1M⊙ s−1 (thik dashed line), and (6)
M = 2.0M⊙, Ye = 1.0, and M˙ = 1.0M⊙ s−1 (thik dotted line).
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Figure 3.3: The equivalent" adiabati index γ of the disk as a funtion of radius r
in the simple model. The meanings of dierent lines are the same as those in Fig.
3.2.
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Figure 3.4: The distribution of a dominant pressure in the m˙d − r plane for two
dierent values of Ye. (a) Left panel: Ye = 1. (b) Right panel: Ye=1/9. The neutron
star M = 1.4M⊙. The dotted lines in two panels show the boundary where NDAF
beomes signiant as a result of higher aretion rate. The dashed lines show the
inner disk size r˜ as a funtion of m˙d for dierent Ye. The three regions in Figure
3.4a divided by two solid lines from bottom to top are radiation, gas and degeneray
pressure-dominated regions. Two regions divided by one solid line in Figure 4b are
radiation and gas pressure-dominated regions.
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Figure 3.5: The ratio of the radial veloity vr and loal speed of sound cs as a
funtion of r. (a) Left panel: M = 1.4M⊙, Ye = 1.0; (b) Right panel: M = 1.4M⊙,
Ye = 1/9. The aretion rate: m˙d = 0.01M⊙ s−1 (solid line), m˙d = 0.1M⊙ s−1
(dashed line), and m˙d = 1.0M⊙ s−1 (dotted line)
a funtion of r. The ratio is always muh smaller than unity, whih means that the
aretion ow is always subsoni and no stalled shok exists in the disk. In many
ases the peak of this ratio is just at the boundary between the inner and outer
disks. The reason an be found in §3.2.1, where we gave the analytial expression of
the ratio. f = 1− (r∗/r)1/2 is the major fator that aets the value of vr/cs of the
outer disk. However, in the inner disk, vr/cs always dereases sine the isothermal
sound speed an be greater at smaller radii (i.e., cs ∝ r−1/2), and the radial veloity
of the areting gas, whih satises the self-similar solution (3.12), annot hange
dramatially for the disk matter to strike the neutron star surfae.
Figure 3.6 gives the hange of f¯ν of the outer disk as a funtion of m˙d for several
dierent sets of parameters (where f¯ν is dened by equation 3.14). In analytial
alulations, we approximatively take f¯ν = 0 in an ADAF and f¯ν ∼ 1 in an NDAF.
Here we give the numerial result. f¯ν inreases monotonously as the aretion rate
inreases, and reahes the value ∼ 1 as most of the disk region beomes NDAF.
However, if the aretion rate is so large that the neutrino opaity begins to play a
signiant role, then f¯ν dereases with inreasing m˙d. Furthermore, an inrease of
M or derease of Ye an make the value of fν and the average f¯ν be larger. This
means that the eieny of neutrino emission from the disk is higher if the disk
ontains more neutrons or the entral neutron star is more massive.
Figure 3.7 shows the total neutrino emission luminosity of the entire disk around
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Figure 3.6: The average neutrino emission eieny f¯ν in the outer disk as a funtion
of m˙d (where the meanings of dierent lines are the same as those in Fig. 3.1.)
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Figure 3.7: Neutrino luminosity from the disk around a neutron star in the simple
model. Lν is in units of 10
51
ergs s
−1
. (a) Left panel: M = 1.4M⊙ and Ye = 1.0. (b)
Right panel: M = 1.4M⊙ and Ye = 1/9. The solid line orresponds to the maximum
energy release rate of the disk around a neutron star, the dashed line to the neutrino
luminosity from the inner disk, the dotted line to the neutrino luminosity from the
outer disk, and the the dash-dotted line to the neutrino luminosity from a blak hole
disk.
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a neutron star as a funtion of aretion rate for parametersM and Ye (where we do
not onsider neutrino emission from the stellar surfae disussed in 3.3.3), and we
ompare it with the neutrino luminosity from a blak-hole disk. Also, we alulate
the total neutrino luminosity from the inner and outer disks. Here we roughly
take the mass of the blak hole to be the same as that of the neutron star, and
the innermost stable irular orbit of the disk has a radius whih is equal to the
radius of the neutron star. We approximately use the Newtonian dynamis for
simpliity. In Fig. 3.7, we nd that the dierene in neutrino luminosity between
the neutron-star and blak-hole ases is a strong funtion of the aretion rate.
When the aretion rate is low (m˙d ≤ 10), the total neutrino luminosity of the
blak-hole disk Lν,BH is muh smaller than that of the neutron-star disk Lν,NS, but
Lν,BH and Lν,NS are similar for a moderate aretion rate (m˙d from 10 to 100).
Atually, this result is onsistent with the general senario introdued in 3.2.1 and
the basi result shown in Fig. 3.1: for a low aretion rate, the blak-hole disk is
mainly advetion-dominated with most of the visous dissipation-driven energy to be
adveted into the event horizon of the blak hole, and we have Lν,BH ≪ GMM˙/(4r).
On the other hand, a large size of the inner disk of the neutron-star disk for a low
aretion rate makes the neutrino emission eieny be muh higher than its blak-
hole ounterpart. However, for a moderate aretion rate, the blak-hole disk is
similar to the neutron-star disk, whih owns a quite small inner disk, and we have
Lν,BH ∼ Lν,NS. Moreover, neutrino opaity leads the value of Lν,BH to be less again
ompared with Lν,NS for a high aretion rate, as this opaity dereases the neutrino
emission eieny in the blak-hole disk but inreases the size of the neutron-star
disk again to balane the heat energy release.
3.4 An Elaborate Model of the Disk
In the last setion we rst studied the disk struture analytially. To do this, we used
several approximations. First of all, we took the pressure as a summation of several
extreme ontributions suh as the gas pressure of nuleons and eletrons, and the
radiation pressure of a plasma of photons and e+e− pairs. However, eletrons may
atually be degenerate or partially degenerate, and the neutrino pressure should also
be added to the total pressure. Following Kohri et al. (2005), a lot of works about
hyperaretion disks used the Fermi-Dira distribution to alulate the pressure of
eletrons and even the pressure of nuleons. Seond, neutrino ooling we used in
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the last setion is simplied, following Popham et al. (1999) and Narayan et al.
(2001) and negleting the eet of eletron degeneray and the eet of dierent
types of neutrinos and their dierent optial depth. In fat, these eets may be
signiant in some ases. Third, we took the eletron-nuleon-radio Ye as a onstant
parameter in our analyti model in §3.3. Realistially, Ye should be alulated
based on β-equilibrium and neutronization in hyperaretion disks. In this setion,
we still use the assumption of outer and inner disks disussed in §3.2, but onsider
a state-of-the-art model with lots of elaborate (more physial) onsiderations on
the thermodynamis and mirophysis in the disk, whih was reently developed in
studying the neutrino-ooled disk of a blak hole. In addition, we ompare results
from this elaborate model with those of the simple model disussed in §3.3.
3.4.1 Thermodynamis and mirophysis
The total pressure in the disk an be written as: P = Pnuc+Prad+Pe+Pν . We still
onsider all the nuleons to be free (Xnuc ≈ 1) as mentioned in 3.2.2, and ignore
the photodisintegration proess. Also, we replae the term of radiation pressure
11aT 4/12 in the simple model by aT 4/3 in this setion, beause the pressure of e+e−
pairs an be alulated in the eletron pressure Pe with the Fermi-Dira distribution:
Pe± =
1
3
m4ec
5
π2~3
 ∞
0
x4√
x2 + 1
dx
e(mec2
√
x2+1∓µe)/kBT + 1
, (3.56)
where x = p/mec is the dimensionless momentum of an eletron and µe is the
hemial potential of the eletron gas. Pe is the summation of Pe− and Pe+. In
addition, we take the neutrino pressure to be
Pν = uν/3, (3.57)
where uν is the energy density of neutrinos.
The equivalent" adiabati index an be expressed by
γ = 1 + (Pnuc + Prad + Pe + Pν)/(unuc + urad + ue + uν). (3.58)
with the inner energy density to be
ugas =
3
2
Pgas, (3.59)
urad = 3Prad, (3.60)
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ue± =
m4ec
5
π2~3
 ∞
0
x2
√
x2 + 1
e(mec2
√
x2+1∓µe)/kBT + 1
dx. (3.61)
We then use equation (3.55) to obtain the self-similar inner disk.
In addition, we add the equation of harge neutrality among protons, eletrons
and positrons to establish the relation between ρ, Ye and µe.
np =
ρYe
mB
= ne− − ne+ , (3.62)
where we use the Fermi-Dira form to alulate ne− and ne+ .
Moreover, in the elaborate model, we adopt the improved formula of the neu-
trino ooling rateQ−ν , the inner energy density of neutrinos uν , as well as the absorp-
tion and sattering optial depth for three types neutrinos τa,νi(e,µ,τ) and τs,νi(e,µ,τ)
following a series of previous work (e.g., Popham & Narayan 1995, Di Matteo et al.
2002, Kohri et al. 2005, Gu et al. 2006, Janiuk et al. 2007 and Liu et al. 2007).
The three types of neutrino ooling rate per unit volume are
q˙νe = q˙eN + q˙e−e+→νeν¯e + q˙brem + q˙plasmon, (3.63)
q˙νµ = q˙ντ = q˙e−e+→ντ ν¯τ + q˙brem, (3.64)
where the meanings of four terms q˙eN, q˙e−e+→νiν¯i, q˙brem, and q˙plasmon have been shown
at the beginning of §3.3. Here q˙eN and q˙plasmon are only related to q˙νe . Moreover, q˙eN
is a summation of three terms,
q˙eN = q˙p+e−→n+νe + q˙n+e+→p+ν¯e + q˙n→p+e−+ν¯e. (3.65)
The formulae of three terms in equation (3.65) are the same as Kohri et al. (2005),
Janiuk et al. (2007) and Liu et al. (2007), who onsidered the eet of eletron
degeneray. In addition, we use the same formulae of q˙e−e+→νiν¯i, q˙brem, and q˙plasmon
as the early works suh as Kohri et al. (2002, 2005) and Liu et al. (2007).
Finally, dierent from the simple model in §3.3 in whih we took the eletron
fration Ye as a free parameter, in this setion we alulate Ye by onsidering the
β-equilibrium in the disk among eletrons and nuleons following Lee et al. (2005)
and Liu et al. (2007)
ln
(
nn
np
)
= f(τν)
2µe −Q
kBT
+ [1− f(τν)]µe −Q
kBT
, (3.66)
with the weight fator f(τν)=exp(−τνe) and Q = (mn −mp)c2. Equation (3.66) is
a ombined form to allow the transition from the neutrino-transparent limit ase to
the neutrino-opaque limit ase of the β-equilibrium.
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Figure 3.8: (a) Left panel: the radius r˜6 between the inner and the outer disks in
the elaborate model with M = 1.4M⊙ (solid line), and M = 2.0M⊙ (dashed line).
(b) Right panel: omparison of r˜6 in dierent models with M = 1.4M⊙: (1) the
elaborate model (solid line), (2) the simple model with Ye = 1 (dashed line), and
(3) the simple model with Ye = 1/9 (dotted line).
3.4.2 Numerial results in the elaborate model
Using equations (3.5), (3.6), (3.10) and (3.11) in §3.2.2 and the improved treatment
in §3.4.1, we an solve the struture of the outer disk. Then using equations (3.12)
and (3.17) in §3.2.3, we determine the size and the struture of the inner disk, and
alulate the neutrino luminosity of the entire disk.
The left panel of Figure 3.8 shows the size of the inner disk in the elaborate
model. We still hoose the mass of the entral neutron star to be M = 1.4M⊙
and M = 2.0M⊙. From the left panel of Figure 6 we an see that the size of the
inner disk r˜ dereases with inreasing the aretion rate, and reahes a minimum at
M˙ ∼ 0.1M⊙s−1. Then the value of r˜ inreases with inreasing the aretion rate.
This result is well onsistent with what we have found in the simple model in 3.3.
The physial reason for this result has been disussed in 3.3.3.2 and 3.3.4. Figure
3.6b shows the solution of the inner disk size both in the simple model and the
elaborate model. We x the entral neutron star M = 1.4M⊙. In the simple model
of §3.3, we take Ye as a free parameter and plot two m˙d − r˜6 lines with Ye = 1 and
Ye = 1/9, while in the elaborate model we only plot one line sine Ye an be diretly
determined through β-equilibrium in the disk. From the right panel of Figure 3.8
we onlude that the solutions of the two models are basially onsistent with eah
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Figure 3.9: (a) Left panel: the equivalent" adiabati index γ in the elaborate model.
(b) Right panel: the eletron fration Ye in the elaborate model as a funtion of
radius. The proles are shown for three values of the aretion rate and two values
of the entral neutron star mass: (1) M = 1.4M⊙ and M˙ = 0.01M⊙ s−1 (thin solid
line), (2) M = 1.4M⊙ and M˙ = 0.1M⊙ s−1 (thin dashed line), (3) M = 1.4M⊙ and
M˙ = 1.0M⊙ s−1 (thin dotted line), (4) M = 2.0M⊙ and M˙ = 0.01M⊙ s−1 (thik solid
line), (5) M = 2.0M⊙ and M˙ = 0.1M⊙ s−1 (thik dashed line), and (6) M = 2.0M⊙
and M˙ = 1.0M⊙ s−1 (thik dotted line).
other.
In Figure 3.9, we shows the equivalent" adiabati index γ and the eletron
fration Ye in the entire disk for three values of the aretion rate M˙ = 0.01M⊙s−1,
0.1M⊙s−1 and 1.0M⊙s−1, and for two values of the mass of the entral neutron
star M = 1.4M⊙ and 2.0M⊙. The equivalent" adiabati index γ inreases with
inreasing the aretion rate in most region of the disks, sine gas will take over
eletrons and radiation to be the dominant pressure when the aretion rate is high
enough. In addition, γ dereases as the radius dereases in the inner disk. These
are onsistent with the results of the simple model (see Fig. 3.3). From the right
panel of Figure 3.9, we an see that Ye ∼ 1 when the aretion rate is low, and
Ye ≪ 1 when the aretion rate beomes suiently high. This result is onsistent
with Kohri et al. (2005, their Fig. 6b). Chen & Beloborodov (2007) and Liu et al.
(2007) showed the eletron fration Ye ≤ 0.5 in the disk, sine they supposed that
initial neutrons and protons ome from photodisintegration of α-partiles at some
large radius far from a entral blak hole. However, sine the hyperaretion disk
around a neutron star we disuss has a size smaller than that of a blak-hole disk,
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we onsider the mass fration of free nuleons Xnuc = 1 in the entire disk. Therefore,
the fration of protons an be slightly higher and it is possible that the protons are
riher than neutrons in the disk or Ye ≥ 0.5 if the aretion rate is low enough.
Figure 3.10 and the left panel of Figure 3.11 show the density, temperature,
pressure and the neutrino luminosity per unit area in the entire disk with three
dierent aretion rates. We x M = 1.4M⊙, and also plot two other urves of
solutions in the simple model with Ye = 1 and Ye = 1/9. The density ρ and pressure
P in the elaborate model are smaller than those in the simple model when the
aretion rate is low (m˙d = 1.0), but are similar to the solution of the simple model
with Ye = 1/9 in the high aretion rate (m˙d = 100). In addition, ρ and P in the
elaborate model hange from one solution (Ye = 1) to another solution (Ye = 1/9) in
the simple model for an intermediate aretion rate (e.g., m˙d ∼ 10), sine Ye ∼ 0.5
in the outer edge of the disk and Ye ≪ 1 in the inner disk. The distribution of the
neutrino ooling rate Q−ν (luminosity per unit area) in the elaborate model is almost
the same as that in the simple model with Ye = 1 and low aretion rate or Ye = 1/9
and a high aretion rate. However, the value of Q−ν is still dierent in these two
models for the region that is optially thik to neutrino emission in the disk.
We also plot the the total neutrino emission luminosity of the entire disk, the
outer and inner disks as funtions of aretion rate with the entral neutron star
mass of 1.4M⊙, and ompare the total neutrino luminosity with that of the blak-
hole disk (Figure 3.11, right). The results are similar to what we have found in the
simple model (Figure 3.7).
3.5 Conlusions and Disussions
In this hapter we have studied the struture, energy advetion and onversion, and
neutrino emission of a hyperaretion disk around a neutron star. We onsidered
a quasi-steady disk model without any outow. Similar to the disk around a blak
hole, the neutron star disk with a huge mass aretion rate is extremely hot and
dense, opaque to photons, and thus is only ooled via neutrino emission, or even
optially thik to neutrino emission in some region of the disk if the aretion rate is
suiently high. However, a signiant dierene between blak hole and neutron
star disks is that the heat energy of the disk an be adveted into the event horizon
if the entral objet is a blak hole, but if the entral objet is a neutron star, the
heat energy should be eventually released from a region of the disk near the stellar
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Figure 3.10: The density (in units of 1011g m−3), pressure (in units of 1011 ergs
m
−3
) and temperature (in units of 1011K) of the entire disk in two models for
M = 1.4M⊙. The proles inlude three groups of lines and eah group also inludes
three lines, whih are shown for three values of the aretion rate M˙ = 0.01M⊙ s−1,
0.1M⊙ s−1 and 1.0M⊙ s−1 from bottom to top in these gures. The solution in the
simple model with Ye = 1 is shown by the thin dashed line, and Ye = 1/9 by the
thin dotted line. The solution in the elaborate model is shown by the thik solid
line.
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Figure 3.11: (a) Left panel: the neutrino luminosity per unit area (in units of
1039 ergs cm−2 s−1) in both the simple model and the elaborate model. The meaning
of dierent lines are the same as those in Fig. 10. (b) Right panel: the neutrino
luminosity from the disk in the elaborate model. The meanings of dierent lines are
the same as those in Fig .3.7.
surfae. As a result, the neutrino luminosity of the neutron star disk should be
muh larger than that in blak hole aretion. We approximately took the disk as a
Keplerian disk. Aording to the Virial theorem, one half of the gravitational energy
in suh a disk is used to heat the disk and the other half to inrease the rotational
kineti energy of the disk. We assumed that most of the heat energy generated from
the disk is still ooled from the disk via neutrino emission and the rotational energy
is used to spin up the neutron star or is released on the stellar surfae via neutrino
emission.
In a ertain range of hyperritial aretion rates, depending on the mehanisms
of energy heating and ooling in the disk, we onsidered a two-region, steady-state
disk model. The outer disk is similar to the outer region of a blak hole disk. We used
the standard visosity assumption, Newtonian dynamis and vertially integrated
method to study the struture of the outer disk. Sine the radial veloity of the disk
ow is always subsoni, no stalled shok exists in the disk and thus we onsidered
that physial variables in the disk hange ontinuously when rossing the boundary
layer between the inner and outer disks. The inner disk, whih expands until a
heating-ooling balane is built, ould satisfy a self-similar struture as shown by
equation (3.12).
In this hapter we rst studied the disk struture analytially. To do this, we
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adopted a simple disk model based on the analytial method. We took the pressure
as a summation of several extreme ontributions and simple formulae of neutrino
ooling. And we took the eletron fration Ye as a parameter in the simple model.
We used an analytial method to nd the dominant-pressure distribution (Table
2) and the radial distributions of the density, temperature and pressure (solutions
3.21, 3.22, 3.28, 3.33, 3.35) in the outer disk. Then we used the equation of energy
balane between heating and neutrino ooling to alulate the size of the inner disk
in four dierent ases: whether the advetion-dominated outer disk is radiation or
gas pressure-dominated, and whether the neutrino-ooled outer disk is optially thin
or thik to neutrino emission (Table 3.3 to 3.6). Subsequently, we numerially al-
ulated the size of the inner disk, the struture, and energy onversion and emission
of the entire disk in the simple model (Fig. 3.2 to Fig. 3.7) and ompared the
numerial results with the analytial results. The numerial results are onsistent
with the analytial ones from the simple model.
When the aretion rate is suiently low, most of the disk is advetion-
dominated, the energy is adveted inward to heat the inner disk, and eventually
released via neutrino emission in the inner disk. In this ase, the inner disk is very
large, and quite dierent from a blak hole disk, whih advets most of the energy
inward into the event horizon. If the aretion rate is higher, then physial vari-
ables suh as the density, temperature and pressure beome larger, the disk ow
beomes NDAF, the adveted energy beomes smaller, and heating of the inner disk
beomes less signiant. As a result, the size of the inner disk is muh smaller, and
the dierene between the entire disk and the blak hole disk beomes less signi-
ant. Furthermore, if the aretion rate is large enough to make neutrino emission
optially thik, then the eet of neutrino opaity beomes important so that the
eieny of neutrino emission from most of the disk dereases and the size of the
inner disk again inreases until the entire disk beomes self-similar. Besides, a dier-
ent mass of the entral star or a dierent eletron-nuleon ratio also makes physial
variables and properties of the disk dierent. However, the aretion rate plays a
more signiant role in the disk struture and energy onversion, as it varies muh
wider than the other parameters.
The simple model is based on the early works suh as Popham et al. (1999)
and Narayan et al. (2001). We found that the simple model in fat gives us a lear
physial piture of the hyperaretion disk around a neutron star, even if we used
some simplied formulae in thermodynamis and mirophysis in the disk. In §3.4
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we onsidered an elaborate model, in whih we alulated the pressure of eletrons
and positrons by using the Fermi-Dira distribution and replaed the fator 11/12
by 1/3 in the radiation-pressure equation. We adopted more advaned expressions of
the neutrino ooling rates, inluding the eet of all three types of neutrinos and the
eletron degeneray. Moreover, we onsidered β-equilibrium in the disk to alulate
the eletron fration Ye. Then, in the elaborate model, we also alulated the the
size of the inner disk (Fig. 3.8), the radial distributions of the equivalent" adiabati
index γ, the eletron fration (Fig. 3.9), the density, temperature and pressure in
the disk (Fig. 3.10), the neutrino ooling rate distribution of the disk (Fig. 3.11,
left), the neutrino emission luminosity from the inner and outer disks, and the total
neutrino luminosity of a neutron-star disk ompared with that of a blak-hole disk
(Fig. 3.11, right).
The eletron fration Ye was also determined in the elaborate model. We found
that Ye drops with inreasing the aretion rate in the outer disk. Ye an be greater
than 0.5 at a large radius if the aretion rate is suiently low, and Ye ≪ 1 in the
disk when the aretion rate is high enough. If we put these results of Ye in the
elaborate model into the simple model orretly (i.e. Ye ∼ 1 for low aretion rate
and Ye ≪ 1 for high aretion rate), we nd that they are basially onsistent with
eah other (see Fig. 3.8, Fig. 3.9, Fig. 3.10, Fig. 3.11), and also onsistent with
most of the early works (see the disussion in the end of 3.3.1).
A main dierene in the struture between the simple and elaborate models is
aused by dierent expressions of pressure adopted in the two models. In order to see
it learly, we introdue the third model here. We still keep Prad = 11aT
4/12 as the
simple model but just hange the relativisti degeneray pressure term of eletrons
(the seond term in equation 3.19) to the Fermi-Dira distribution (formula 3.56
for Pe−), and use all the other formulae in §3.4. In other words, the third model
is introdued by only hanging one pressure term in the elaborate model. We an
nd that the results from the third model are even more onsistent with those of
the simple model than the elaborate model in 3.4. Take Figure 3.12 as an example.
We ompare the solution of the inner disk of the third model with that of the simple
model. From Fig. 3.12 we an see that if the aretion rate is low and Ye ∼ 1, the
thik solid line is muh loser to the thin dashed line, whih results from the simple
model with Ye = 1; and if the aretion rate is high enough and Ye ≪ 1, the solid line
is muh loser to the thik dotted line, whih is the result from the simple model with
Ye = 1/9. Compared with Fig. 8a, this result is even more onsistent with the simple
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Figure 3.12: Comparison of r˜6 in two models withM = 1.4M⊙. (1) The third model
disussed in 5 (thik solid line), (2) the simple model with Ye = 1 (dashed line),
and (3) the simple model with Ye = 1/9 (dotted line). The solution of r˜6 in the third
model is even more onsistent with the simple model than that of the elaborate
model disussed in 3.4.
model. The values of density ρ and pressure P in Fig. 10, for a low aretion rate,
are smaller than those of the simple model, whih is also due to dierent expressions
of the radiation pressure used in these two models in 3.3 and 3.4. Therefore, we
onlude that the main dierene of the results between the simple model in 3.3
and the elaborate model in 3.4 ome from dierent expressions of the pressure in
disks. However, we believe that the pressure formulae given in the elaborate model
are more realisti sine 11aT 4/12 is only an approximated formula for the pressure
of a plasma of photons and e+e− pairs. On the other hand, as what has been pointed
out by Lee et al. (2005) and Liu et al. (2007), formulae Prad = aT
4/3 and (3.56) in
3.4.1.1 are better and an automatially take relativisti e+e− pairs into aount
in the expression of Pe.
The dierent expression of the neutrino ooling rate Q−ν makes the neutrino
luminosity distribution dierent in the region where is optially thik to neutrino
emission. A more advaned expression of neutrino ooling rate Q−ν gives better re-
sults of the neutrino luminosity per unit area than that given by the rough expression
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7
8
σBT
4/τ in 3.
In this hapter 3 we studied the disk without any outow, whih may exist if
the disk ow is an ADAF. However, it is still unlear whether an outow or neutrino
ooling plays a more important role sine the size of the disk is quite small. The
other ase that we ignored is that, if the radius of the entral neutron star is smaller
than that of the innermost stable irular orbit of the aretion disk, the areting
gas eventually falls onto the neutron star freely. In this ase, a shok ould form
in the region between the innermost stable irular orbit and neutron star surfae
(Medvedev 2004). This eet an be studied if other eets suh as the equation
of state of a dierentially-rotating neutron star and its mass-radius relation are
together involved.
Neutrinos from a hyperaretion disk around a neutron star will be possibly
annihilated to eletron/positron pairs, whih ould further produe a jet. It would
be expeted that suh a jet is more energeti than that from the neutrino-ooled disk
of a blak hole with same mass and aretion rate as those of the neutron star (Zhang
& Dai 2009a, see the next hapter). This ould be helpful to draw the onlusion
that some GRBs originate from neutrino annihilation rather than magneti eets
suh as the Blandford-Znajek eet.
We onsidered a entral neutron star with surfae magneti eld weaker than
Bs,cr ∼ 1015 − 1016 G for typial hyperaretion rates in 3. For magnetars (i.e.,
neutron stars with ultra-strongly magneti elds of ∼ Bs,cr), however, the magneti
elds ould play a signiant role in the global struture of hyperaretion disks
as well as underlying mirophysial proesses, e.g., the quantum eet (Landau
levels) on the eletron distribution and magneti pressure in the disks ould beome
important. Thus, the eets of an ultra-strongly magneti eld on hyperaretion
disks around neutron stars are an interesting topi, whih deserves a detailed study.
Chapter 4
Hyperareting Neutron-Star Disks
and Neutrino Annihilation
4.1 Introdution
The hyperareting disk surrounding a stellar-mass blak hole possibly formed by
the merger of a ompat objet binary or the ollapse of a massive star has been
argued to be a andidate for entral engines of gamma-ray bursts (GRBs) (e.g.
Eihler et al. 1989; Narayan et al. 1992; Woosley 1993; Pazy«ski 1998; Popham et
al. 1999; MaFadyen & Woosley 1999; Narayan et al. 2001). The typial mass of
the debris dense torus or disk is about 0.01 − 1M⊙ with large angular momentum
as well as high aretion rate up to ∼ 1.0M⊙ s−1. Although the optial depth of the
areting matter in the disk is enormous, the disk an be ooled or partly ooled via
neutrino emission. A number of studies have investigated the struture and energy
transfer of the neutrino-ooled disk around a blak hole both in steady-state and
time-dependent onsiderations over last several years (Popham et al. 1999; Narayan
et al. 2001; Kohri & Mineshige 2002; Di Matteo et al. 2002; Kohri et al. 2005; Gu
et al. 2006; Chen & Beloborodov 2007; Liu et al. 2007; Janiuk et al. 2007; Metzger
et al. 2008).
An alternative model of entral engines of GRBs is newly, rapidly rotating neu-
tron stars or magnetars (Usov 1992; Klu¹niak & Ruderman 1998; Dai & Lu 1998b;
Ruderman et al. 2000; Wheeler et al. 2000). In reent years, newborn neutron
stars have also been suggested as an origin of some GRBs and their afterglows. For
example, Dai et al. (2006) argued that the X-ray ares disovered by Swift an be
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explained as being due to magneti instability and reonnetion-driven events from
highly-magnetized milliseond pulsars; the shallow deay phase of X-ray afterglows
is onsidered to be due to energy injetion to a forward shok by a relativisti pulsar
wind (Dai 2004; Yu & Dai 2007); a newly-formed neutron star rather than a blak
hole is expeted to explain the light urve of SN 2006aj assoiated with GRB 060218
(Mazzali et al. 2006; Soderberg et al. 2006). Moreover, simulations on the merger
of a ompat objet binary show that it is possible to form a hypermassive neutron
star, at least a transiently existing neutron star after the merger, depending on ini-
tial onditions of the binary, equations of state of neutron matter and the struture
of magneti elds (Shibata et al. 2003; Shibata 2003; Lee & Ramirez-Ruiz 2007;
Anderson et al. 2008; Liu et al. 2008). Therefore, the hyperareting disk around
a neutron star an also be onsidered as possible entral engines for some GRBs.
Based on these motivations, we have studied the struture of the hyperaretion
disk around a neutron star using both analyti and numerial methods (Zhang &
Dai 2008a, hereafter ZD08). We found that the neutron-star disk an ool more
eiently and produe a higher neutrino luminosity than the blak-hole disk.
In ZD08, the quasi-steady disk around a neutron star is approximately divided
into two regions  inner and outer disks, depending on the energy transfer and
emission in the disk. For the outer disk, the heating energy rate Q+ is mainly due
to loal dissipation (Q+ = Q+vis), and the struture of the outer disk is very similar to
the blak-hole disk. On the other hand, the heating energy in the inner disk inludes
both the energy generated by itself and the energy adveted from the outer region
(Q+ = Q+vis + Q
+
adv), so the inner disk has to be dense with a high pressure. We
approximately take Q+ = Q− and the entropy-onservation self-similar ondition
ds=0 to desribe the inner disk. The size of the inner disk is determined by the
global energy equation of the inner disk. However, we need to point out that the
entropy-onversation struture is not the only possible struture of the inner disk,
whih depends on the detailed form of energy and mass transfer. In the ase where
Q− < Q+ in the inner disk, we should take the advetion-dominated self-similar
struture to desribe the inner disk.
The net gravitational binding energy of the areting matter is proposed to drive
a relativisti outow or jet by two general mehanisms that ould provide energy
for GRBs: neutrino annihilation and magnetohydrodynamial mehanisms suh as
the Blandford-Znajek eet. The mehanism of neutrino annihilation is easy to
understand and ould be alulated based on the struture and neutrino luminosity
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in the disk (Ruert et al. 1997, 1998; Popham et al. 1999; Asano & Fukuyama
2000, 2001; Di Matteo et al. 2002; Miller et al. 2003; Birkl et al. 2007; Gu et
al. 2006; Liu et al. 2007). However, the annihilation rate due to neutrino emission
from the blak-hole disk may not be able to produe a suiently high luminosity
to explain some energeti GRBs (Di Matteo et al. 2002). Gu et al. (2006) and
Liu et al. (2007) showed that the annihilation luminosity an reah 1052ergs s−1
even for an aretion rate ∼ 10M⊙ s−1. However, suh an aretion rate is too large
for high-energy long GRBs, sine this requires an unreasonable massive aretion
disk around a ompat objet. As the neutron-star disk struture and neutrino
luminosity are dierent from the blak-hole disk, it is interesting to alulate the
neutrino annihilation rate above the neutron-star disk and to onsider whether the
annihilation energy rate and luminosity above a neutron-star disk are high enough
to produe energeti GRBs.
On the other hand, we do not onsider any outow from the disk in ZD08,
whih may play a signiant role in the struture and energy transfer in the disks
around neutron stars. A nonrelativisti or subrelativisti ouow or wind" from the
disk an be onsidered as an energy soure of supernovae (MaFadyen & Woosley
1999; Kohri et al. 2005). This theoretial model beomes more attrative after
the disovery of the onnetion between some GRBs and supernovae (e.g. Galama
et al. 1998, Stanek et al. 2003, Prohaska et al. 2004, Campana et al. 2006),
while the GRB omponent is onsidered from a relativisti jet produed by neutrino
annihilation. As a result, both outow ejetion and neutrino annihilation ould
be important in the events of GRB-SN onnetions within the framework of the
ollapsar model (Woosley & Bloom 2006). However, an outow from the blak-hole
disk is expeted and beomes important whenever the aretion ow is an advetion-
dominated aretion ow (ADAF) (Narayan & Yi 1994, 1995), while the neutrino
luminosity is relatively low for ADAF. In other words, neutrino emission may not
provide a suiently high amount of energy for GRBs assoiated with supernovae
if a thermally-driven outow is produed from the advetion-dominated disk at the
same time. Therefore, we need to alulate the neutrino luminosity and annihilation
eieny of the advetion-dominated disk with outow around a neutron star if the
neutrino luminosity is muh higher for the advetion-dominated neutron-star disk
than the blak-hole disk.
In this hapter we still onsider the ase in whih the entral objet is a neu-
tron star rather than a blak hole. Our purpose is to further study the struture
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Notation and denition of some quantities in this hapter.
notation denition /Eq.
ε energy parameter 4.2.1, eq.(4.13)
γ adiabati index of the areting matter 4.2.2, eq.(4.20)
s outow index 4.3.3, eq.(4.31)
ζ toroidal veloity dierene between outow and aretion disk 4.3.3, eq.(4.33)
ηs eieny fator to measure the surfae emission 4.4.1, eq.(4.43)
ηs,ADAF eieny fator to measure the energy adveted from the disk 4.4.1, eq.(4.46)
Table 4.1:
of a hyperareting neutron-star disk following ZD08, and alulate the neutrino
annihilation rate above suh a disk. This hapter is organized as follows. In 4.2
we introdue basi equations of the neutrino-ooled disk. We disuss the properties
of the inner disk in 4.3 based on the two-region disk senario introdued in ZD08.
We study the disk with dierent values of the visosity parameter α and the en-
ergy parameter ε (some quantities are given in this hapter in Table 4.1), and then
study the disk struture with an outow. Two models of an outow driven from
the neutron-star disk are introdued in 4.3.4. In 4.4, we alulate the neutrino
annihilation rate and luminosity above the neutron-star disk in various ases, and
ompare the results with the blak hole disk. We disuss the eet of the neutrino
luminosity at the neutron star surfae boundary layer on the annihilation rate. In
4.5, we partiularly fous on an astrophysial appliation of the neutron-star disk
in GRBs and GRB-SN onnetions. Conlusions are presented in 4.6.
4.2 Basi Equations
4.2.1 Conservation equations
In this hapter, all quantities are used as their usual meanings (see ZD08). We
adopt the ylindrial oordinates (r, ϕ, z) to desribe the disk. vr, vϕ are the radial
and rotational veloity, Ω is the angular veloity, and ΩK is the Keplerian angular
veloity. Σ = 2ρH is the disk surfae density with ρ as the density and H as the
half-thikness of the disk. Vertial hydrostati equilibrium gives H = cs/ΩK , where
the isothermal sound speed is cs = (P/ρ)
1/2
with P to be the gas pressure. The
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νk = αcsH is the kinemati visosity oeient in the disk with α to be the visosity
parameter.
The mass ontinuity equation is
1
r
d
dr
(rΣvr) = 2ρ˙H, (4.1)
where ρ˙ is the mass-loss term. If the outow of the disk is weak, the mass aretion
rate M˙ an be onsidered as a onstant and we have the aretion rate,
M˙ = −4πrρvrH ≡ −2πrΣvr. (4.2)
In 3.3 we will also disuss the disk struture with outows.
The angular momentum onservation reads
Σrvr
d(rvϕ)
dr
=
d
dr
(
Σα
c2s
ΩK
r3
dΩ
dr
)
+
d
dr
J˙ext, (4.3)
with J˙ext as the external torque ated on the disk, suh as the torque ated by the
outow from the disk. The angular momentum ows into the entral ompat star or
the oupling exerted by the star on the inner edge of the disk is C = −M˙(GMr∗)1/2
with r∗ being the neutron star radius (Frank et al. 2002). Therefore, for a weak
outow, ombined with equation (4.1) and the above boundary ondition, equation
(4.3) is integrated as
νΣ =
M˙
3π
(
1−
√
r∗
r
)
, (4.4)
where r∗ is the neutron star radius. Here we adopted the standard assumption that
the torque is zero at the inner boundary of the disk r∗+ b with b≪ r∗. In 4.3.3 we
will disuss the angular momentum equation with outow.
The energy equation of the disk is
ΣvrT
ds
dr
= Q+ −Q−, (4.5)
where T is the temperature in the disk and s is the loal entropy per unit mass, Q+
and Q− are the heating and ooling energy rates in the disk. In the outer disk, the
energy input is mainly due to the loal visous dissipation,
Q+ = Q+vis =
3GMM˙
8πr3
(
1−
√
r∗
r
)
. (4.6)
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The left term of equation (4.5) an be taken as the energy advetion term Q−adv. We
an obtain (ZD08)
Q−adv = ΣvrT
ds
dr
= vrT
Σ
2r
[
R
2
(1 + Ye) +
4
3
g∗
aT 3
ρ
]
, (4.7)
where R = 8.315×107ergs mole−1 K−1 is the gas onstant, Ye is the ratio of eletron
to nuleon number density, the free degree fator g∗ is 2 for photons and 11/2 for a
plasma of photons and relativisti e−e+ pairs.
The energy ooling rate Q− is mainly due to neutrino emission, i.e., Q− ≈ Q−ν
(Popham & Narayan 1995; Di Matteo et al. 2002),
Q−ν =
∑
i=e,µ,τ
(7/8)σBT
4
(3/4)[τνi/2 + 1/
√
3 + 1/(3τa,νi)]
. (4.8)
The three types of neutrino ooling rate per unit volume are
q˙νe = q˙eN + q˙e−e+→νeν¯e + q˙brem + q˙plasmon, (4.9)
q˙νµ = q˙ντ = q˙e−e+→ντ ν¯τ + q˙brem, (4.10)
where q˙eN, q˙e−e+→νiν¯i , q˙brem, and q˙plasmon are the eletron-positron pair apture rate,
the eletron-positron pair annihilation rate, the nuleon bremsstrahlung rate, and
the plasmon deay rate. Following Kohri et al. (2005), Janiuk et al. (2007) and
Liu et al. (2007), we alulate the absorption and sattering optial depth for three
types of neutrinos τa,νi(e,µ,τ) and τs,νi(e,µ,τ) as well as the neutrino ooling rates.
For hyperaretion disks, the eletron-positron pair apture rate plays the most
important role among several types of neutrino ooling rates.
Moreover, besides the loal energy equation (4.5), we need the global energy
onservation equation of the inner disk in order to deide the size of the inner disk.
The maximum power that the inner disk an release is estimated as (ZD08)
Lν,max ≈ 3GMM˙
4
{
1
3r∗
− 1
rout
[
1− 2
3
(
r∗
rout
)1/2]}
−f¯ν 3GMM˙
4
{
1
r˜
[
1− 2
3
(r∗
r˜
)1/2]
− 1
rout
[
1− 2
3
(
r∗
rout
)1/2]}
≈ 3GMM˙
4
{
1
3r∗
− f¯ν
r˜
[
1− 2
3
(r∗
r˜
)1/2]}
, (4.11)
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where r˜ is the radius between inner and outer disks (i.e., the size of the inner disk),
the average neutrino ooling eieny f¯ν is determined by
f¯ν =
 rout
r˜
Q−ν 2πrdr
 rout
r˜
Q+2πrdr
. (4.12)
Thus we derive
 r˜
r∗
Q−ν 2πrdr = εLν,max = ε
3GMM˙
4
{
1
3r∗
− f¯ν
r˜
[
1− 2
3
(r∗
r˜
)1/2]}
(4.13)
with the energy parameter ε being introdued to measure the neutrino ooling ef-
ieny of the inner disk. When the outer disk ow is mainly an ADAF, we have
f¯ν ∼ 0 and the maximum energy release rate of the inner disk to be GMM˙/4r∗.
When the outer disk ows is an eiently NDAF, then f¯ν ≃ 1 and the energy release
of the inner disk mainly results from the heat energy generated by itself. The values
of f¯ν are alulated analytially in Zhang (2009, Fig. 3.6). In ZD08, we simply set
ε = 1 and use the entropy-onservation self-similar struture to desribe the inner
disk. In 3, we also disuss the ase of ε < 1 with dierent strutures of the inner
disk. In addition, if we onsider an outow ejeted from the disk, equation (4.13)
should be modied. We will disuss the modiation in 3.3.
4.2.2 Pressure and β-equilibrium
The total pressure in the disk is the summation of four terms: nuleons, radiation,
eletrons (inluding e+e− pairs) and neutrinos,
P = Pnuc + Prad + Pe + Pν , (4.14)
where the pressures of nuleons, radiation and eletrons are
Pnuc =
ρkBT
mB
, (4.15)
Prad =
1
3
aT 4, (4.16)
Pe± =
1
3
m4ec
5
π2~3
 ∞
0
x4√
x2 + 1
dx
e(mec2
√
x2+1∓µe)/kBT + 1
, (4.17)
and
Pe = Pe− + Pe+. (4.18)
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We use the Fermi-Dira distribution to alulate the pressure of eletrons, where µe
is the hemial potential of eletron gas, and kB is the Boltzmann onstant.
The ratio of the neutrino pressure to the total pressure beomes notieable only
in very opaque regions of the disk (e.g., Kohri et al. 2005, their Fig. 6; Liu et al.
2007, their Fig. 3). The neutrino pressure is
Pν = uν/3, (4.19)
where uν is the energy density of neutrinos. We adopt the expression of uν from
previous work (e.g., Di Matteo et al. 2002).
The adiabati index of the areting matter is important to determine the size
of the inner disk when it satises the entropy-onservation ondition. It an be
written as
γ = 1 + (Pnuc + Prad + Pe + Pν)/(unuc + urad + ue + uν). (4.20)
Moreover, we need the equation of harge neutrality
np =
ρYe
mB
= ne− − ne+ , (4.21)
and the hemial equilibrium equation
np(Γp+e−→n+νe + Γp+ν¯e→n+e+ + Γp+e−+ν¯e→n)
= nn(Γn+e+→p+ν¯e + Γn→p+e−+νe + Γn+νe→p+e−) (4.22)
to determine the matter omponents in the disk, where np, ne− and ne+ are the
number densities of protons, eletrons and positrons, and the various weak inter-
ation rates Γp→n (Γn→p) an be alulated following Janiuk et al. (2007; see also
Kawanaka & Mineshige 2007). When neutrinos are perfetly thermalized, we derive
the β-equilibrium distribution in the disk
ln
(
nn
np
)
= f(τν)
2µe −Q
kBT
+ [1− f(τν)]µe −Q
kBT
, (4.23)
with Q = (mn − mp)c2, and the fator f(τν) = exp(−τνe) ombines the formula
from the neutrino-transparent limit ase with the the neutrino-opaque limit ase
of the β-equilibrium distribution. However, we should keep in mind that the β-
equilibrium is established only if the neutronization timesale tn is muh shorter
than the aretion timesale ta in the disk tn < ta. Beloborodov (2003) found that
the equilibrium requires the aretion rate M˙ to satisfy
M˙ > M˙eq = 2.24× 10−3(r/106m)13/10(α/0.1)9/5(M/M⊙)−1/10M⊙s−1. (4.24)
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When the aretion rate is suiently low, the eletron fration Ye would freeze out
from weak equilibrium, while the disk beomes advetion-dominated (e.g., Metzger
et al. 2008b, 2009). In this ase, the hemial omposition of the disk is determined
by its initial ondition before its evolution. Metzger et al. (2009), for example,
showed that the hyperareting disk around a blak hole generially freeze out with
the xed Ye ∼ 0.2−0.4. We will disuss the eet of hemial equilibrium on neutron-
star disks more detailedly in the next setion. The β-equilibrium assumption an
be approximately adopted in our alulations even for the ADAF ase.
4.3 Properties of the Disk
The two-region disk senario in ZD08 allows the gravitational energy of the neutron-
star disk system to be released in three regions: outer disk, inner disk and neutron-
star surfae. The inner disk region is formed due to the prevention eet of the
neutron-star surfae, i.e., most advetion energy generated in the disk still need
to be released in a region near the neutron-star surfae. Moreover, a dierene
between the angular veloity of the neutron-star surfae and that of the disk inner
boundary layer leads to neutrino emission in the surfae boundary layer. In ZD08,
we assume all the adveted energy to be released in the disk and furthermore all the
adveted energy from the outer region to be released in the inner disk. Atually, it
is possible that a part of the adveted energy an be transferred onto the neutron-
star surfae and nally ooled by neutrino emission from the surfae boundary layer
rather than the inner disk. Loal mirophysis quantities suh as the inner energy
density, neutrino ooling rate, heating onvetion and ondution properties as well
as the advetion and ooling timesales should be alulated in order to simulate
the inner disk formation and the ooling eieny of the steady-state inner disk.
In this hapter, however, we adopt a simple method to determine the inner disk
struture, i.e., we use the global energy equation (4.13) with the global parameter ε
instead of the loal energy equation (4.5). The inner disk an release all the adveted
energy transferred inward for ε = 1, while a part of the adveted energy an still be
transferred onto the neutron-star surfae for ε < 1. Moreover, we approximately take
ε as a onstant in the inner disk, and adopt the self-similar treatment to alulate
the inner disk struture. We take Q− = Q+ or the entropy-onservation ondition
ds = 0 for ε = 1 in the entire inner disk, and Q− = εQ+ for ε < 1 with the
advetion-dominated self-similar struture.
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With the energy parameter ε in the global energy equation (4.13) and the
self-similar treatment, the inner disk model an be simplied and alulated by
assuming the aretion rate, the mass of the entral ompat objet, and the self-
similar struture of the inner disk. We disussed the disk struture with the entropy-
onservation ondition in ZD08, and in this setion we further disuss the properties
of the neutron-star disk in various ases. Furthermore, we need to onsider the eet
of an outow from the neutron-star disk.
4.3.1 Entropy-Conservation Inner Disk with Dierent α
The visosity parameter α was rst used by Shakura & Sunyaev (1973) to express
the relation between visous stress trθ and the pressure P in the disk as trθ = αP .
Another formula introdues the turbulent kinemati visosity is νk = αcsH (Frank
et al. 2002). MHD instability simulations show a wide range of α from 0.6 to about
0.005 or less (Hawley et al. 1995; Brandenburg et al. 1995; Balbus & Hawley 1998;
King et al. 2007). King et al. (2007) summarized observational and theoretial
estimates of the disk visosity parameter α. They showed that there is a large
disrepany between the typial values of α from the best observational evidene
(α ∼ 0.1− 0.4 for fully ionized thin disks) and those obtained from numerial MHD
simulations (α ≤ 0.02 and even onsiderably smaller). More elaborate numerial
simulations should be arried out for resolving this problem. For neutrino-ooled
hyperareting disks, many previous papers hoose α = 0.1 as the most typial value.
The disk struture with α from 0.01 to 0.1 was disussed in Chen & Beloborodov
(2007). On the other hand, hyperareting disks with very low α have also been
disussed. For example, Chevalier (1996) studied the neutrino-ooled disk with an
extremely small α ∼ 10−6. In this setion, we disuss the neutron-star disk with
dierent α. We hoose the value of α from 0.001 to 0.1. The size of the inner
disk alters with dierent α, and we still adopt the entropy-onversation self-similar
ondition of the inner disk to study the eets of the visosity parameter.
As disussed in ZD08, from equation (4.13), if ε ≃ 1, the heating energy ad-
veted from the outer disk together with the energy generated in the inner disk is
totally released in the inner disk, and the energy balane an be established be-
tween heating and ooling in the inner disk, i.e., Q+ = Q−, or from equation (4.5),
Tds/dr = 0. In the ase where vr ≪ vK and Ω ∼ ΩK but |Ω− ΩK | ≥ vr/r, we an
obtain the entropy-onservation self-similar struture of the inner disk (Medvedev
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Figure 4.1: The radius r˜ (r˜6, in units of 10
6
m) of the boundary layer between
the inner and outer disks as a funtion of aretion rate with dierent values of the
visosity parameter α=0.1 (thik solid line), 0.01 (thik dashed line) and 0.001 (thik
dotted line). The three thin lines labeled a", b", and " are the harateristi
urves of β-equilibrium with three values of α=0.1, 0.01 and 0.001 respetively.
Eah harateristi urve divides the M˙ − r˜ parameter plane into two regions with
a hosen α, and β-equilibrium an be established in the right region respetively.
& Narayan 2001; ZD08) by
ρ ∝ r−1/(γ−1), P ∝ r−γ/(γ−1), vr ∝ r(3−2γ)/(γ−1). (4.25)
Sine the adiabati index of the aretion matter is not onstant, we modify expres-
sion (4.25) as
ρ(r)
ρ(r + dr)
=
(
r
r + dr
)−1/(γ(r)−1)
,
P (r)
P (r + dr)
=
(
r
r + dr
)−γ(r)/(γ(r)−1)
,
v(r)
v(r + dr)
=
(
r
r + dr
)(3−2γ(r))/(γ(r)−1)
. (4.26)
The size of the inner disk r˜ with various α an be determined by equation
(4.13) in 4.2.1. Figure 4.1 shows the size of the inner disk as a funtion of aretion
rate with dierent visosity parameter α=0.1, 0.01 and 0.001. Same as in ZD08,
the outer edge radius of the inner disk r˜ dereases with inreasing the aretion
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rate for a low aretion rate when most part of the disk is advetion-dominated. r˜
reahes its minimum value at M˙ ∼ 0.1M⊙s−1 for α = 0.1, and then inreases with
inreasing the aretion rate. However, the size of the inner disk beomes smaller for
lower visosity parameter α and would expand dramatially for a higher aretion
rate. The harateristi rate M˙0 whih minimizes the size of inner disk r˜ an be
approximated by M˙ch ∼ αM⊙ s−1. The value of aretion rate M˙ch is between those
of harateristi rates M˙ign (rate of ignition) and M˙opaque (rate of transpareny) in
Chen & Beloborodov (2007).
Atually, from ZD08, we derive an approximate analyti equation of the radius
r˜ between the innner and outer disks as
r˜
5(5−3γ)
4(γ−1)
(
1−
√
r∗
r˜
)3/4(
r
3γ−8
2(γ−1)
∗ − r˜
3γ−8
2(γ−1)
)
∝ M˙−3/2α5/2−1 (4.27)
for a radiation-pressure-dominated ADAF outer disk, and
(
1−
√
r∗
r˜
)−31/11
r˜(
−1
γ−1
+ 3
22
)
(
r
2−3γ
γ−1
∗ − r˜
2−3γ
γ−1
)−1
∝ M˙10/11α−21/11−1 (4.28)
for a gas-pressure-dominated ADAF. In both ases, the inner disk size delines as
the aretion rate inreases or the visosity parameter α dereases. For a neutrino-
dominated disk, the inner disk size r˜ reahes its minimum value
(
γ − 1
3γ − 2
)
r˜
2γ−1
γ−1
(
1−
√
r∗
r˜
)(
r
2−3γ
γ−1
∗ − r˜
2−3γ
γ−1
)
∝
{
1
r∗
− 3f¯ν
r˜
[
1− 2
3
(r∗
r˜
)1/2]}
.
(4.29)
The solution of minimum r˜ delines as α dereases beause the lower-α disk has a
higher value of f¯ν . As a result, the inner disk size r˜ always derease with dereasing
α in the ADAF ase. This onlusion is onsistent with that of Figure 4.1.
For simpliity, we here adopt an unied model introdued in 4.2 to alulate
the struture of the disk both in the ADAF and NDAF ases. In partiular, we
assume that the disk is always in the β-equilibrium state. Let us fous on this
equilibrium assumption. Following Beloborodov (2003, i.e., equation [4.24℄ in our
work), we plot the harateristi urves of equilibrium with dierent values of α in
the M˙− r˜ plane of Figure 4.1. The β-equilibrium state an only be established in the
right region divided by the orresponding urve. In the left region, as mentioned
at the end of 4.2.2, the weak interation timesale beome longer than the disk
evolutionary timesale, and the eletron fration Ye freezes out with a xed value.
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Figure 4.2: The density, pressure, temperature, neutrino luminosity per unit area,
adiabati index γ and height (half-thikness of the disk) of the entire disk with
dierent values of the visosity parameter α=0.1 (solid line), 0.01 (dashed line) and
0.001 (dotted line) with a xed aretion rate M˙ = 0.04M⊙ s−1.
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However, based on the analyti and numerial arguments in ZD08, we found that
the solutions of disk struture are relatively insensitive to the value of Ye, and the
main results of Figure 4.1 an still be unhanged for various Ye. In ZD08, we xed
the value of Ye = 1/9 and Ye = 1 as the two limits. The inner disk size inreases
slightly with inreasing Ye in the ase of ADAF, and the main result (i.e., the U"-
shape urve in the M˙ − r˜ plane as the solution of inner disk size) is still kept for
both Ye = 1/9 and Ye = 1. Moreover, although larger Ye leads to slightly lower
value of density, temperature and pressure for ADAF, the physial properties of the
ADAF disk with low aretion rate beyond equation (4.24) is lose to eah other
for the ases of Ye = 1/9 and 1 (ZD08, Fig. 8). Furthermore, if we adopt the
equilibrium assumption in the ADAF ase, the value of Ye will atually not deviate
dramatially from 0.5 (i.e., ZD08, the right panel of Fig. 7). Therefore, we always
take β-equilibrium as an approximation in our alulation.
Figure 4.2 shows the struture of the disk for a hosen aretion rate 0.04M⊙s−1
as a funtion of radius for three values of α. The disk with lower α is denser
and thinner with higher pressure and larger adiabati index, and has a brighter
neutrino luminosity in most part of the disk exept for a part of the inner disk region,
whih satises the self-similar struture. A low-α aretion ow with less kinemati
visosity oeient νk requires a higher surfae density Σ for a xed aretion rate
ompared to a high-α aretion ow. We have listed approximate analyti solutions
of aretion ows in various ases in ZD08. We obtain ρ ∝ α−1, P ∝ α−1, H ∝ α0
for a radiation-pressure-dominated ADAF, ρ ∝ (1 + Ye)−12/11α−8/11, P ∝ (1 +
Ye)
−4/11α−10/11, H ∝ (1 + Ye)4/11α−1/11 for a gas-pressure-dominated ADAF, ρ ∝
(1 + Ye)
−9/5α−13/10, P ∝ (1 + Ye)−3/5α−11/10, H ∝ (1 + Ye)3/5α1/10 for gas-pressure-
dominated NDAF. The density and pressure always inrease with dereasing α.
These results are onsistent with those shown in Figure 4.2. The disk region where
is radiation-pressure-dominated is extremely small for low α (eqs. [22℄ to [25℄ in
ZD08). Also, as for a low-α disk, the eletron fration Ye is also low, so the disk is
thinner ompared to the high-α disk for gas-pressure-dominated ADAF and NDAF,
although the visosity parameter ontributes an inreasing fator α−1/11 for the low-
α disk with gas-dominated ADAF.
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4.3.2 Advetion-Dominated Inner Disks
The entropy-onservation self-similar struture has been used by Medvedev & Narayan
(2001) and ZD08 to disuss the global aretion disk struture. However, suh a
struture is not the only struture for the neutron-star inner disk, as the entropy-
onservation ondition Q+ = Q− an be satised only for ε ≃ 1 in equation (4.13).
In the ase where ε < 1, i.e., the inner disk an only partly release the heating
energy generated by itself and adveted from the outer region, some part of the
heating energy in the disk should be still adveted onto the neutron star surfae and
released from the surfae area, and thus the inner disk annot satisfy the entropy-
onservation self-similar struture. In this ase, a part of the heating energy is still
adveted into the inner region until it is released around the neutron star surfae.
We an approximately take Q− = εQ+ in the inner disk for ε . 1, and thus the
struture of the inner disk an be desribed by the ADAF self-similar struture
(Spruit et al. 1987, Narayan & Yi 1994):
ρ ∝ r−3/2, P ∝ r−5/2, vr ∝ r−1/2, (4.30)
In Figure 4.3, we show the inner disk size for four values of the energy parameter
ε=0.9, 0.7, 0.5 and 0.2. We still x α=0.1 in this hapter in order to see the eets
of advetion in the inner disk with ε < 1. This is beause the size of the inner
disk beomes smaller for lower ε, as more heating energy an be adveted onto the
neutron star surfae, and the inner disk size is small enough to keep energy balane
between heating and ooling in the disk.
Compared with the entropy-onservation self-similar struture, the size of the
advetion-dominated inner disk is muh larger for a low aretion rate when most
part of the disk is advetion-dominated. When the aretion rate is low, the adi-
abati index of the areting matter is γ ≃ 4/3 and the entropy-onservation self-
similar struture (4.25) an be approximately taken as ρ ∝ r−3 and P ∝ r−4, whih
requires a more dramati hange of density and pressure than those of the advetion-
dominated inner disk ρ ∝ r−3/2 and P ∝ r−5/2. This dierene in struture between
entropy-onservation and advetion-dominated inner disks makes the size of the
inner disks be dierent with eah other.
Finally, what we should point out is that the struture of the advetion-dominated
self-similar inner disk even with ε → 1 is dierent from the entropy-onservation
disk with ε = 1, sine these two types of self-similar struture are based on dierent
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retion rate with dierent values of the energy parameter ε=0.9, 0.7,
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harateristi urve of equilibrium as in
Fig. 1 with α=0.1.
sets of onservation equations. The advetion-dominated struture is based on the
mass ontinuity, radial momentum and angular momentum equations, while we do
not onsider the loal energy equation in whih Q+ = Q+vis + Q
+
adv with Q
+
adv to be
diult to determine loally, and we only onsider the global energy equation (4.13)
to alulate the size and struture of the inner disk. On the other hand, under the
energy-onservation ondition Tds = 0, we an establish the relation P ∝ ργ from
the loal energy equation and obtain the self-similar struture (4.25) with a ombi-
nation of the mass ontinuity and the radial momentum and loal energy equations
(ZD08). However, the relation P ∝ ργ and the integrated angular momentum equa-
tion (4.4) annot be both satised in the entropy-onservation solution at the same
time. In other words, the angular momentum transfer in the inner disk with the
struture P ∝ ργ annot be merely due to the visosity. We should onsider the
external torque ated on the disk or the angular momentum redistribution in the
inner disk. We will disuss the entropy-onservation struture in more details in
4.5.
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4.3.3 Inner Disks with Outows
In 4.3.1 and 4.3.2, we do not onsider outows, whih may have important eets
on the struture and energy ux distribution of the entire disk in some ases. Follow-
ing Narayan & Yi (1994, 1995) and Medvedev (2004), if the adiabati index γ < 3/2,
then the Bernoulli onstant of the aretion ow is positive and a thermally-driven
wind or outow an be produed from the disk. Therefore, the outow omponent
an be important in ADAFs. On the other hand, sine the aretion rate of the
neutron-star disk is very large, it is reasonable to assume that the neutron star,
whih has a solid surfae and is dierent from the blak hole, annot aumulate
all of the areting matter at one, and thus an outow ould be produed near the
neutron star surfae and exist in the inner region of the disk.
In this setion, we onsider the disk struture and neutrino emission in the disk
with an outow. We onsider two models depending on two mehanisms. In the
rst model (hereafter model O1), an outow is mainly produed in the proess of
disk matter areting onto the surfae of a neutron star. We assume that only the
inner disk produes an outow and the aretion rate of the outer disk an still be
onsidered as a onstant. We take
M˙(r) = M˙0(r/r˜)
s
(4.31)
for the inner disk with s to be the outow index and M˙0 to be the onstant aretion
rate in the outer disk. Seond, if an outow is produed by the aretion proess in
the disk, then we onsider that the outow is produed in the entire disk (hereafter
model O2 in this setion), i.e.,
M˙(r) = M˙0(r/rout)
s
(4.32)
Stritly speaking, a thermally-driven outow from the entire disk is expeted in the
advetion-dominated disk but not in the neutrino-dominated disk. The winds from
the disks whih emit a suient high neutrino luminosity are onsidered to be driven
due to neutrino irradiation (Metzger et al. 2008). We adopt equation (4.32) for all
the disks with a wide range of the aretion rate in model O2 for simpliity, and we
also take the index s of the outow as a onstant. The angular momentum equation
with an outow an be written as
Σν =
1 + 2sζ
1 + 2s
M˙
3π
(
1−
√
r∗
r
)
(4.33)
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where ζ desribes a dierene between outow veloity voutflow,φ and aretion-disk
veloity vφ: vφ − voutflow,φ = ζvφ. From equation (4.33), we see that if s = 0 or
ζ = 1, i.e., there is no outow or the toroidal veloity of the outow is zero and
no angular momentum is taken away by the outow, then the angular momentum
equation (4.33) swithes bak to the ommon ase of equation (4.4). In this setion,
we take ζ = 0, i.e., voutflow,φ ≈ vacc,φ1.
With the outow in the inner disk, the self-similar struture beomes
ρ ∝ rs−3/2, P ∝ rs−5/2, vr ∝ r−1/2. (4.34)
The energy onservation equation of the inner disk an be rewritten as
 r˜
r∗
Q−ν 2πrdr = ε
[
 r˜
r∗
9
8
νΣ
GM
r3
2πrdr + (1− f¯ν)
 rout
r˜
9
8
νΣ
GM
r3
2πrdr
]
, (4.35)
where we still keep the advetion parameter ε. For model O1 that the outows
merely exist in the inner disk due to the neutron star surfae, using equations (4.31)
and (4.33), we derive the energy onservation equation (4.35) as
1
ε
(
 r˜
r∗
Q−ν 2πrdr
)
=
3
4
(
1 + 2sζ
1 + 2s
)
GMM˙0
r˜s
×
[
1
1− s
(
1
r1−s∗
− 1
r˜1−s
)
− r
1/2
∗
3/2− s
(
1
r
3/2−s
∗
− 1
r˜3/2−s
)]
+(1− f¯ν)3GMM˙0
4r˜
[
1− 2
3
(r∗
r˜
)1/2]
(4.36)
for s < 1, and
1
ε
(
 r˜
r∗
Q−ν 2πrdr
)
=
3
4
(
1 + 2sζ
1 + 2s
)
GMM˙0
r˜
{
ln
(
r˜
r∗
)
− 2
[
1−
(r∗
r˜
)1/2]}
+(1− f¯ν)3GMM˙0
4r˜
[
1− 2
3
(r∗
r˜
)1/2]
(4.37)
for s = 1. Here we always onsider the outow index s ≤ 1.
1
Here we do not onsider the eets of magneti elds. In fat, the dierenes in azimuthal
veloity and angular momentum between the outow and aretion inow ould also exist when
the aretion ow is governed by a magneti eld (Bφ, Bz) without strong poloidal omponent Br
(Xie & Yuan 2008; Bu et al. 2009). The poloidal magneti eld, however, would ause the outow
to o-rotate with the disk out to the Alfvén radius above the disk surfae. In this setion, we take
the outow to o-rotate with the aretion inow voutflow,φ ≈ vacc,φ.
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If the outows exist in the entire disk (model O2), then we have
1
ε
(
 r˜
r∗
Q−ν 2πrdr
)
=
3
4
(
1 + 2sζ
1 + 2s
)
GMM˙0
rsout
×
[
1
1− s
(
1
r1−s∗
− f¯ν
r˜1−s
)
− r
1/2
∗
3/2− s
(
1
r
3/2−s
∗
− f¯ν
r˜3/2−s
)]
(4.38)
for s < 1 and
1
ε
(
 r˜
r∗
Q−ν 2πrdr
)
=
3
4
(
1 + 2sζ
1 + 2s
)
GMM˙0
rout
×
{
ln
(
rout
r∗
)
− f¯νln
(rout
r˜
)
+ 2
[
f¯ν +
(r∗
r˜
)1/2
− 2
]}
(4.39)
for s = 1. We should point out that, sine we derive the energy equations (4.36)-
(4.39) in the disk with outow using the angular momentum equation (4.33) rather
than the entropy-onservation expression (4.26), we still use the self-similar struture
(4.34) to alulate the properties of the inner disk and the entire disk in the ase of
ε ≃ 1 both in models O1 and O2.
The top two panels in Figure 4.4 show the size of the inner disk with dierent
values of the advetion parameter ε. In model O1, the inner disk is larger for a
stronger outow (larger s) with low aretion rate (< 0.2M⊙s−1); but for a high
aretion rate (> 0.2M⊙s−1), the size of the inner disk dereases with inreasing
the outow index s. In fat, if the aretion rate is low, the ow of the outer
disk is mainly ADAF and f¯ν ∼ 0. From equations (4.36) and (4.37), most of the
energy generated in the outer disk is adveted into the inner region, and the inner
disk size is mainly determined by the self-similar struture (4.34), whih requires a
less dramati hange of density and pressure as funtions of radius for higher s or
stronger outow. As a result, the size of the inner disk beomes larger for a stronger
outow. On the other hand, if the aretion rate is high, we have f¯ν ∼ 1 in the
outer disk, the inner disk size is mainly determined by the heating energy generated
in the inner disk, i.e., the rst terms of the right-hand side in equations (4.36) and
(4.37), and a stronger outow arries away more energy from the disk and allows a
smaller size of the inner disk when the aretion rate is suiently high.
The bottom two panels in Figure 4.4 show the inner disk size in model O2 in
whih an outow exists in the entire disk. The inner disk struture annot exist
for a high aretion rate (> 0.4M⊙s−1) exept for the weak outow ase (s = 0.2)
where the inner disk also exists in some range of a high aretion rate. The hange
of the inner disk size is more signiant for a large outow index s and even the
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Figure 4.4: (a) Top panels: the radius r˜ between the inner and outer disk in model
O1 with dierent parameter sets of the outow index s=0.2, 0.6, 1 and the energy
parameter ε ≃ 1, 0.8. (b) Bottom panels: the radius r˜ in model O2 with the same
parameter sets (s, ε) as in the top two panels.
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Figure 4.5: Density, pressure, temperature and height (half-thikness) as funtions
of radius for dierent values of the outow index s=0.2, 0.6, 1, where we take the
aretion rate as 0.2M⊙ s−1 and the energy parameter ε=0.8.
entire aretion disk an satisfy the self-similar struture (4.33) for a suiently low
aretion rate. For a high aretion rate (> 0.5M⊙s−1), the outow an take away
enough heating energy from the disk, and a balane between heating and ooling
in the entire disk an be built even without an inner disk. In this range of a high
aretion rate, the struture of the neutron-star disk in model O2 is very similar to
the blak hole disk with an outow.
Figure 4.5 shows the struture of the disk with dierent values of the outow
index s=0.2, 0.6 and 1 in model O2. We hoose the aretion rate M˙ = 0.2M⊙ s−1
and the energy parameter ε=0.8. The density and pressure in the disk derease with
inreasing the outow strength in the entire disk, and the disk beomes thiker for
a stronger outow. The hange of the temperature is not as obvious as the density
and pressure. Most part of the outer region of the disk will be ooler for a stronger
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Self-similar struture and size of the inner disk in various ases
Cases Inner disk self-similar struture Inner disk size
Case 1: ε ≃1, no outow entropy-onservation struture (4.26) Figure 4.1
Case 2: ε <1, no outow advetion-dominated struture (4.30) Figure 4.3
Case 3: outow model O1 outow struture (4.34) Figure 4.4 top panels
Case 4: outow model O2 outow struture (4.34) Figure 4.4 bottom panels
Table 4.2: We disuss ase 1 in 4.3.1, ase 2 in 4.3.2, ase 3 and ase 4 in 4.3.3
with dierent inner disk strutures based on energy and mass transfer in the entire
disk.
outow, but the inner disk region an be hotter in order to release the heating energy
adveted from the outer region of the disk.
We make a brief summary in the end of this setion. We propose the inner disk
to satisfy the self-similar struture. Table 4.2 shows the main results in this setion.
The inner disk satises the entropy-onservation self-similar struture as in ZD08 for
the energy parameter ε ≃ 1, while it beomes an advetion-dominated self-similar
region for ε < 1. In outow model O1, an outow is produed in the inner disk due
to the prevention eet of the neutron star surfae, and model O2 suggests that an
outow exists in the entire disk as in Kohri et al. (2005). We disuss the size of
the inner disk depending on dierent strutures of the inner disk and outow and
dierent values of the visosity parameter.
4.4 Neutrino Annihilation
4.4.1 Calulation Method and Surfae Boundary Condition
Hyperareting blak hole disks an onvert some fration of the net aretion energy
into the energy of a relativisti outow or wind by two general mehanisms: neu-
trino annihilation and magnetohydrodynamial eets suh as the Blandford-Znajek
mehanism or magneti instabilities. However, for hyperaretion disks surrounding
neutron stars, the energy onversion mehanism is mainly due to the neutrino anni-
hilation for magneti elds at the neutron star surfae ≤ 1015−1016 G. We onsider
the proess of eletron apture νi + ν¯i → e+ + e− as the most important intera-
tion for energy prodution. As the neutron-star disk is denser, hotter with higher
pressure, and has a brighter neutrino luminosity ompared with the blak-hole disk
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in most ases, the neutrino annihilation eieny of the neutron-star disk should
be higher than that of the blak-hole disk. Moreover, the surfae boundary of the
neutron star, whih arries away gravitational-binding energy by neutrino emission,
also makes the neutrino annihilation luminosity of the neutron-star disk be higher
than that of the blak-hole ounterpart.
In this setion, we follow the approximate method used by Ruert et al. (1997,
1998) and Popham et al. (1999) to alulate the neutrino annihilation luminosity,
i.e., the vertially-integrated disk is modeled as a grid of ells in two dimensions
(r, ϕ). The symbols ǫkνi and l
k
νi
are the mean neutrino energy and neutrino radiation
luminosity with three dierent types of neutrino (i = e, τ, µ) in the ell k, and dk is
the distane from the ell k to a ertain spatial point. The neutrino annihilation at
any point above the disk is
lνν¯ =
∑
i=e,µ,τ
A1,i
∑
k
lkνi
d2k
∑
k′
lk
′
ν¯i
d2k′
(ǫkνi + ǫ
k′
ν¯i
)(1− cos θkk′)2
+
∑
i=e,µ,τ
A2,i
∑
k
lkνi
d2k
∑
k′
lk
′
ν¯i
d2k′
ǫkνi + ǫ
k′
ν¯i
ǫkνiǫ
k′
ν¯i
(1− cos θkk′), (4.40)
where the values of the neutrino ross setion onstants A1,i and A2,i an be seen
in Popham et al. (1999). The total neutrino annihilation luminosity above the disk
an be integrated as
Lνν¯ = 2π
 ∞
r∗
dr
 ∞
H
lνν¯rdz. (4.41)
For a neutron-star disk, we should onsider both its dierent struture ompared
with the blak-hole disk and the boundary ondition of the neutron star surfae layer.
The neutrino annihilation luminosity is not only ontributed by neutrinos emitted
from the disk but also from the neutron star surfae layer. The luminosity available
to be radiated by the boundary layer at neutron star surfae is (Frank et al. 2002)
Ls =
1
4
M˙r2∗(Ω
2
K − Ω2∗)−G∗r∗ ≃
GMM˙
4r∗
(
1− Ω∗
ΩK
)2
, (4.42)
where Ω∗ is the angular veloity of the neutron star surfae, and G∗ ≃ 12M˙r2∗(ΩK −
Ω∗) is the visous torque ated on the aretion disk. Here we only study the
vertially integrated disk over a half-thikness (height)H . As a result, the luminosity
is a funtion of aretion rate M˙ and neutron star surfae angular veloity Ω∗. In the
ase where the inner disk satises the entropy-onservation self-similar struture, we
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introdue the eieny fator ηs to measure the energy emitting from the neutron
star surfae and rewrite equation (4.42) as
Ls = ηs
GMM˙
4
(
1
r
− 1
rout
)
. (4.43)
If Ω∗ ∼ ΩK , we have ηs ∼ 0 and there is no emission from the surfae layer; or
if Ω∗ ∼ 0, we have ηs ∼ 1, whih satises the Virial ondition. We onsider the
energy released from the surfae layer is mainly arried away by neutrino emission,
and thus the neutrino emission rate and the temperature at the layer are related by
Qν,s =
ηs
2πr∗H∗
GMM˙
4
(
1
r∗
− 1
rout
)
∼ 7
8
σBT
4. (4.44)
In the ase where the self-similar inner disk is advetion-dominated, we obtain
the gravitational energy released by neutrino emission as
Ls = ηs
GMM˙
4
(
1
r
− 1
rout
)
+(1− ε)GMM˙
4
{
1
r∗
− f¯ν
[
1− 2
3
(r∗
r˜
)1/2]}
, (4.45)
where the seond term in the right side of equation (4.45) is the heating energy
adveted from the inner disk to the surfae boundary layer, and we an further
write equation (4.45) as
Ls = (ηs + ηs,ADAF )
GMM˙
4
(
1
r
− 1
rout
)
, (4.46)
where we take the equivalent fator ηs,ADAF to measure the energy adveted from the
advetion-dominated inner disk to the surfae boundary. Table 4.3 shows examples
of ηs,ADAF with dierent inner disk strutures.
When an outow exists in the disk, the luminosity at the boundary surfae is
dimmer sine the aretion rate near the neutron star surfae is lower due to the
outow. We an modify equation (4.45) by hanging the aretion rate M˙ to be
M˙0(r∗/r˜)s for model O1 in 3.3 and M˙0(r∗/rout)s for model O2.
4.4.2 Results of Annihilation Luminosity
We alulate the neutrino annihilation luminosity Lνν¯ and the total neutrino lumi-
nosity Lν emitted from the disk and neutron star surfae. The results of Lνν¯ and
Lν depend on the value of the visosity parameter α, the detailed struture of the
inner disk, the strength of the outow, as well as the neutron star surfae boundary
ondition. We disuss the eets of these various fators in Figure 4.6 to Figure 4.9.
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Figure 4.6: Neutrino annihilation luminosity Lνν¯ (thik lines) and total neutrino
emission luminosity Lν (thin lines) as funtions of aretion rate. The solid lines
orrespond to the neutron-star disk with the entropy-onservation inner disk and
the boundary layer emission eieny ηs = 0, the dashed lines to the neutron-star
disk with the boundary ondition ηs = 0.5, and the dotted lines to the blak-hole
disk.
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Equivalent fator ηs,ADAF with dierent inner disk strutures
ηs,ADAF 0.03 0.1 0.3 0.5 1.0 3.0
(M⊙ s−1)
ε=0.9 9.07e-2 5.25e-2 4.22e-2 5.56e-2 7.75e-2 9.56e-2
ε=0.5 0.419 0.196 0.159 0.149 0.180 0.446
ε=0.2 0.675 0.496 0.219 0.178 0.218 0.382
O1: s=0.2 0.228 0.113 7.84e-2 8.72e-2 0.107 0.202
s=0.6  0.215 0.115 0.113 0.119 0.209
s=1.0  0.315 0.199 0.168 0.203 0.336
O2: s=0.2 0.238 0.104 7.95e-3   
s=0.6  0.428 5.79e-4   
s=1.0   0.639 4.36e-4  
Table 4.3: Equations (4.45) and (4.46) give the value of ηs,ADAF . We hoose ases
of the advetion-dominated inner disk with ε=0.9, 0.5, 0.2, and models O1 and O2
with s=0.2, 0.6 1.0 to alulate ηs,ADAF .
Figure 4.6 shows the total neutrino annihilation luminosity Lνν¯,NS and the
emission luminosity Lν,NS of the neutron-star disk with dierent surfae boundary
layer onditions (ηs=0 and 0.5), and we ompare them with the blak-hole disk.
In this gure we take the neutron-star inner disk struture to satisfy the entropy-
onservation self-similar struture (4.26). The total luminosity and annihilation
luminosity of the neutron-star disk are brighter than those of a blak-hole disk with
the same mass and aretion rate. If we study the neutrino annihilation from the
entire disk without surfae boundary emission (ηs=0), the dierene between Lνν¯,NS
and Lνν¯,BH is more signiant for a low aretion rate than for a high aretion rate.
We have mentioned the reason in ZD08 that a larger inner disk for a neutron-star
disk with a low aretion rate makes the neutrino luminosity muh brighter than
its blak hole ounterpart, and the annihilation rate also beomes higher for the
neutron-star disk. For a high aretion rate (>0.5M⊙ s−1), the eet of neutrino
opaity on Lν,BH and Lνν¯,BH also be less than that on Lν,NS and Lνν¯,NS. On the
other hand, neutrino emission from the neutron star surfae boundary layer (ηs=0.5)
makes the annihilation luminosity be more than one order of magnitude higher than
that without boundary emission (ηs=0). Lνν¯ reahes 10
50
ergs s
−1
when M˙ ∼ 1M⊙
s
−1
for a blak-hole disk or neutron-star disk with ηs=0, but only needs M˙ ∼ 0.1M⊙
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Figure 4.7: Neutrino annihilation luminosity Lνν¯ and the total neutrino luminosity
Lν with dierent values of the visosity parameter α and energy parameter ε. The
thin lines orrespond to ηs = 0 and thik lines to ηs = 0.5. (a) Left panel: Lνν¯
with α=0.1 (solid line), 0.01 (dashed line), 0.001 (dotted line) and total luminosity
Lν (dash-dotted line), where we take ε = 1 and the entropy-onservation inner disk
struture. (b) Right panel: Lνν¯ of the neutron-star disk with advetion-dominated
inner disk and ε=0.9 (solid line), 0.5 (dashed line), 0.1 (dotted line) and the total
luminosity Lν (dash-dotted line).
s
−1
for a neutron-star disk with the boundary ondition ηs=0.5. Therefore, a lower-
spin neutron star with hyperareting disk around it ould have an obviously higher
annihilation eieny than that of a higher-spin neutron star. We will disuss the
neutrino annihilation luminosity of a neutron-star disk in more details in 4.5.
In Figure 4.7, we show the total neutrino annihilation luminosity of a neu-
tron star disk with dierent values of the visosity parameter α=0.1, 0.01, 0.001
and the energy parameter ε=0.9, 0.5, 0.1. The disk with a moderate visosity pa-
rameter (α=0.01) has the highest annihilation eieny and luminosity for a low
aretion rate, and the annihilation luminosity from a high-α disk (α=0.1) beomes
the brightest for an aretion rate M˙ ≥ 0.05M⊙ s−1. As disussed in Figure 4.2, a
low-α disk has a brighter neutrino luminosity Qν , but it is thinner than a high-α
disk. These two ompetitive fators lead to the annihilation results shown in Figure
4.7a. Figure 4.7b shows that the annihilation eieny inreases with inreasing ε.
This is beause the disk with lower ε means more heating energy in the disk to be
adveted onto the neutron star surfae and inreases the neutrino luminosity of the
surfae layer, and the value of ηs,ADAF , whih plays an important role in inreasing
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Figure 4.8: Neutrino annihilation luminosity Lνν¯ of the neutron-star disk with out-
ow index s=0.2 (solid line), 0.6 (dashed line), 1.0 (dotted line) and the maximum
value of total luminosity Lν in the ase of s=0.2 (dash-dotted line), where we take
ε=0.8. Left panel shows the results of model O1 and right panel to model O2. The
thin lines orrespond to the luminosity to ηs = 0 and thik lines to ηs = 0.5.
the annihilation eieny of the entire disk.
Figure 4.8 shows the total neutrino annihilation luminosity Lνν¯ of the disk with
an outow. We onsider the results of model O1 in whih an outow only exists
in the inner disk due to the neutron star surfae and of model O2 in whih an
outow exists in the entire disk. The dierene in annihilation luminosity with
dierent values of the outow index s but the same surfae boundary ondition is
not obvious in model O1. However, Lνν¯ beomes muh dimmer for a high outow
index s in model O2, whih means a strong outow in the entire disk and dereases
the neutrino annihilation eieny signiantly.
Furthermore, we study the spatial distribution of the neutrino annihilation lu-
minosity. Figure 4.9 illustrates the integrated annihilation luminosity per m distri-
bution
2πr
 ∞
H
lνν¯dz (4.47)
for two aretion rates M˙=0.01M⊙ s−1 and 0.1M⊙ s−1 with dierent physial stru-
tures of the disk. We nd that the integrated annihilation luminosity drops dra-
matially along the disk radius, and a majority of the annihilation energy is ejeted
from the ylindri region above the disk with r < 3× 106m. The dierene of the
integrated luminosity per m between the blak-hole disk and neutron-star disk is
4.4. Neutrino Annihilation 199
3 6 9 12 15 18
1033
1034
1035
1036
1037
1038
1039
1040
1041
 
 
2
l vv
dz
 (e
rg
s 
s-
1 c
m
-1
)
Radius (106 cm)
3 6 9 12 15 18
1037
1038
1039
1040
1041
1042
1043
 
 
2
l vv
dz
 (e
rg
s 
s-
1 c
m
-1
)
Radius (106 cm)
Figure 4.9: Neutrino annihilation luminosity per m distribution as a funtion of
radius for M˙=0.01M⊙ s−1 (left panel) and M˙=0.1M⊙ s−1 (right panel). (a) Left
panel: annihilation luminosity per m for a blak-hole disk (thin solid line), neutron-
star disks with entropy-onservation inner disk and ηs=0 (thin dashed line), and
ηs=0.5 (thik dashed line), and neutron-star disks with advetion-dominated inner
disk ε=0.2 and ηs=0 (thin dotted line), and ε=0.2 and ηs=0.5 (thik dotted line).
(b) Right panel: annihilation luminosity per m for a neutron-star disk with outow
(model O2) ε=1, s=0.6, ηs=0 (thin dotted line), ε=1, s=0.6, ηs=0.5 (thik dotted
line). The thin solid line, thin dashed line and thik dashed line are the same as the
left panel.
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more signiant for a low aretion rate when the inner entropy-onservation disk is
suiently large. The luminosity of the neutron-star disk with an advetion inner
disk an be about four orders of magnitude higher than its blak-hole ounterpart to
produe a jet with higher energy, while an outow makes the annihilation luminosity
above the neutron-star disk be lower than that of the blak-hole disk.
Compared with the blak-hole disk, the neutron-star disk ould produe a
brighter neutrino ux and more powerful annihilation luminosity. However, the
mass-loss rate driven by neutrino-on-baryon absorption reations (Qian & Woosley
1996) along the polar axis of the neutron-star disk is also signiantly higher than
its blak-hole ounterpart. This raises the problem of whether simultaneously more
powerful annihilation luminosity and higher mass loss rate ould work together to
produe a relativisti jet required for the GRB phenomena. For example, a heavily
baryon-loaded wind from a new-born neutron star within 100 ms prevents any pro-
dution of a relativisti jet (Dessart et al. 2009). However, a weaker wind above the
polar region and spherial asymmetry of the outow at late times ould make pro-
dution of a relativisti jet above the stellar pole beome possible. We will disuss
this issue in more details in 4.5.3.
4.5 Disussions
4.5.1 Size of the Inner Disk
In 4.3 we study various self-similar strutures of the inner disk. In this setion
we rst want to disuss the entropy-onservation struture. The inner disk an
be determined by the self-similar struture (4.26) and the energy equation (4.13).
However, the inner disk with the entropy-onservation struture annot satisfy the
integrated angular momentum equation (4.4). There are two explanations. First,
we an onsider the term dJ˙ext/dr 6= 0 in equation (4.3) for a steady-state disk
sine the angular momentum redistributes in the inner disk before the entire disk
beomes steady-state. As mentioned in ZD08, beause the neutron star surfae
prevents heating energy from being further adveted inward, the inner disk is formed
to balane the heating and ooling energy in the entire disk. As a result, energy
and angular momentum ould redistribute in the inner disk. Seond, besides this
onsideration on angular momentum redistribution, we an also disuss another
type of inner disk with the entropy-onservation struture disussed by Medvedev
4.5. Disussions 201
10-3 10-2 10-1 100 101 102 103
1
2
3
4
5
6
7
8
9
 
 
r 6
Accretion Rate (0.01 M
SUN
/s)
a
b
Figure 4.10: The radius r˜ (in units of 106 m) between the inner and outer disks
with the visosity parameter α=0.1 (solid line) and 0.01 (dashed line). The thik
lines show the results based on the onsideration Ω ≃ onst in the inner disk in 5,
and the thin lines based on the angular veloity distribution Ω ∝ r−3/2 as in 3.
& Narayan (2000), whih still satises the angular momentum equation (4.4) with
vr ≪ vK and Ω ≃onstant. The angular momentum transfer and heating energy
generation due to visosity an be negleted in the inner disk, as Ω is approximately
equal to an onstant, and the heating energy in the inner disk is merely the energy
adveted from the outer disk, i.e., Q+ = Q+adv in the inner disk. As a result, the
global inner-disk energy onservation equation (4.13) should be modied as
 r˜
r∗
Q−ν 2πrdr =
3GMM˙
4
{
1
3r˜
− f¯ν
r˜
[
1− 2
3
(r∗
r˜
)1/2]}
, (4.48)
for Ω ≃ constant = Ω(r˜) in the inner disk. Compared with equation (4.13), equation
(4.48) requires a smaller value of r˜ with the same neutron star mass and aretion
rate. Figure 4.10 shows the value of r˜ for α=0.1 and 0.01 with Ω ≃onstant and
Ω ∝ r−3/2. The onstant angular veloity in the inner disk dereases the inner disk
size ompared to the ase of Ω ∝ r−3/2. However, in order to get a unied senario of
the entire disk in various ases, we adopt Ω ∝ r−3/2 for all the self-similar strutures
in 4.3.
4.5. Disussions 202
4.5.2 Annihilation Results and Disk Geometry
Several previous studies have been performed to alulate the neutrino annihilation
eieny above the disk around a blak hole with the eets of disk geometry, grav-
itational bending, rotation of entral blak holes and so on (e.g., Ruert et al. 1997,
1998; Popham et al. 1999; Asano & Fukuyama 2000, 2001; Miller et al. 2003; Birkl
et al. 2007). The simulations based on general relativity show the eets of general
relativity suh as the Kerr blak holes and bending neutrino geodesis in spae-
time inrease the total annihilation rate by a fator of a few. Also, ompared with
the spherial and torus neutrinosphere, the disk neutrinosphere with the same tem-
perature and neutrino luminosity distribution usually have the highest annihilation
eieny (Birkl et al. 2007). In this hapter, we still adopt the alulation approah
on annihilation based on Ruert et al. (1997, 1998) and Popham et al. (1999), and
onsider the vertially-integrated Newtonian disk. The most important results of
annihilation alulation in our work is that the neutron-star disk produe more ener-
geti annihilation luminosity ompared to the blak-hole ounterpart. Moreover, we
onsider neutrinos emitted from the stellar surfae region, and the neutrino emission
onentrated in this surfae region plays a signiant role in inreasing the annihila-
tion luminosity to produe relativisti ejeta formed by e+e− plasma. On the other
hand, we should note that the eet of surfae boundary ondition emission ould
be redued if the emission region beomes larger than we onsider in this hapter
due to outow or the other ooling mehanisms rather than neutrino ooling at the
surfae. Some other works fousing on neutrino annihilation in supernovae disussed
neutrino emission from the entire spherial neutron star surfae (Cooperstein et al.
1986; Goodman et al. 1987; Salmonson & Wilson 1999). Therefore, a further work
should be done to study the eets of boundary emission and ooling based on more
elaborate onsiderations on ooling mehanisms and energy transfer at the bound-
ary around neutron-star disk. However, as the neutron-star disk and the surfae
emission inrease the annihilation luminosity more signiantly than the general
relativity eets, we onlude our main results would maintain for more elaborate
simulations based on advaned alulations on neutrino annihilation above the disk.
4.5.3 Appliation to GRB Phenomena
Energy an be deposited in the polar region of blak-hole and neutron-star disks
by neutrino annihilation and MHD proesses. We fous on the annihilation proess
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in this hapter. In the blak-hole ase, the environment along the polar axis (i.e.,
the rotation axis of the disk around neutron star) an be baryon-free. For example,
GRB an ommene after the initial ollapse for ∼ 15 s in the ollapsar senario,
when the aretion proess in the polar region beomes suiently weak to produe
a relatively lean environment with the mass density ≤ 106 g m−3 (MaFadyen &
Woosley 1999). In the neutron-star ase, however, the enormous neutrino luminosity
of a neutron star would drive appreiable mass-loss from its surfae during the rst
20 s of its life (Qian & Woosley 1996). The wind material will feed the polar region,
where a large amount of annihilation energy is deposited. Dessart et al. (2009)
showed that a newly formed neutron star from the neutron star binary merger will
develop a powerful neutrino-driven wind in the polar funnel in a few milliseonds
after its formation. The mass-loss assoiated with the neutrino-driven wind is on the
order of 10−3M⊙ s−1, preventing energy outow from being aelerated to relativisti
speed and produing a GRB. Their numerial simulations stops at t ∼ 100 ms, while
they onsidered that the neutron star will ollapse to a blak hole quikly. However,
a stable neutron star with muh longer lifetime≫ 100 ms has also been proposed as
the GRB entral engine. A rapidly rotating neutron star formed by the neutron star
binary merger (Gao & Fan 2006) or the merger of a white dwarf binary (King et al.
2001) ould produe extended emission (Metzger et al. 2008b) or X-ray ares (Dai
et al. 2006) about 10-100 s afetr the neutron star birth, and last for tens of seonds.
In the ollapsar senario, a newly formed neutron star or a magnetar ould also form
after the initial ollapse or assoiated supernova explosion, and the lifetime of the
neutron star before ollapsing to a blak hole an reah as long as several months
to yrs (Vietri & Stella 1998). Therefore, many GRB models lead to a longtime
(≫ 100 ms) neutron star, whih an produe other phenomena aompanying the
GRB prompt emission. On the other hand, the aretion timesale an last for
longer than 10s in the ollapse proess of a massive star, or for several seonds after
the merger of a ompat star binary with the disk visosity parameter α < 0.1
(Narayan et al. 2001). Thus we an disuss the steady-state senario of a neutron
star with lifetime≫ 100 ms surrounded by a hyperareting disk.
For a longtime neutron star, the strengthen of a neutrino-driven winds above
the stellar polar region would drop quikly at late times, as the total mass-loss rate
M˙ ∼ t−5/3, and the neutrino-driven wind beome weaker above the polar region
than that from the low latitudes and midplane region of the neutron star. It is
diult to alulate the spatial distribution of Lorentz fator of the outow mate-
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rial above the polar region preisely in our present work, beause we only use the
approximate disk geometry to alulate the steady-state spatial distribution of the
neutrino annihilation eieny. We do not simulate the dynamial evolution of the
neutrino-driven wind. However, we an estimate the speed of outow material using
semi-analyti methods as follows. The mass loss rate for a thermal neutrino-driven
wind an be approximately given by (Qian & Woosley 1996)
M˙wind ≈ 1.14× 10−10C5/3Lν¯e,51ǫ10/3νe,MeV (r/106m)5/3(M/1.4M⊙)−2M⊙ s−1, (4.49)
where 1051Lν¯e,51ergs s
−1
is the luminosity of the ν¯e emission, ǫνe=1MeVǫνe,MeV is the
mean neutrino energy of the neutron star surfae, and C ≈ 1+0.733(r/106m)−1(M/1.4M⊙).
Thus the typial steady state spherial mass-loss rate due to thermal neutrino ab-
sorption reations for a neutron star with 10km radius is on the order of a few
10−6 − 10−5M⊙ s−1, depending on the initial onguration of the material above
the neutron star surfae (i.e., Qian & Woosley 1996, Tab. 1). The mass-loss rate
depends on the neutrino luminosity and temperature above the neutron star surfae
sensitively. When the neutron star with weak magneti eld < 1015 G is surrounded
by a hyperareting disk, the neutron star surfae should have a higher temperature
near the star midplane than its polar region, as mentioned in the last setion 4.
Thus the neutron star should produe a stronger wind above the midplane region
than above its poles. As a result, the mass-loss rate via neutrino absorption above
the star polar region is estimated as
M˙polar = M˙wind
(
∆Ω
2π
)
fasy, (4.50)
where ∆Ω =

osϕdϕdφ is the solid angle of the polar funnel, and fasy < 1 is used
to measure the degree of spherial asymmetry. Moreover, the bulk Lorentz fator of
the outows from the neutron star surfae is
Γ ≥ Lνν¯fk
M˙polarc2
=
Lνν¯
M˙windc2
(
2πfk
∆Ωfasy
)
, (4.51)
where fk is the fration of deposited annihilation energy whih provides kineti
energy of the neutron star wind above the polar region. We an estimate whether the
outow material from the polar region of the neutron star surfae an be aelerated
to a relativisti speed using equation (4.51). Here we take the bulk Lorentz fator
1 < Γ < 10 as a mildly relativisti speed, 10 ≤ Γ < 100 as a moderately relativisti
speed and Γ > 100 as an ultrarelativisti speed. If we take the bulk Lorentz fator Γ
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Figure 4.11: Upper limit of mass-loss rate due to neutrino-driven wind from the neu-
tron star surfae for the outow being aelerated to Γ = 10 (moderately relativisti)
with the surfae emission boundary ondition ηs = 0 (thin solid line) or ηs = 0.5
(thin dashed line); or Γ = 100 (ultrarelativisti) with the surfae emission boundary
ondition ηs = 0 (thik solid line) or ηs = 0.5 (thik dashed line). The dotted lines
a" and b" orrespond to the strength of a thermally neutrino-driven wind from
the stellar surfae for the boundary ondition ηs = 0 and ηs = 0.5 respetively.
as a parameter, the solid angle of the polar region ∆Ω/2π ∼ 0.1, and fk ∼ fasy, then
we an estimate the upper limit of total thermal mass-loss rate from the neutron star
surfae with partiular boundary layer onditions, and ompare suh limits with the
atual mass-loss rate of thermal neutrino-driven winds alulated by equation (4.49).
In Figure 4.11 we explore the possibility of produing a relativisti jet. We show the
maximum allowed strength of total mass-loss for the wind material above the polar
region being aelerated to Γ = 10 and Γ = 100 with the hosen boundary layer
ondition ηs = 0 and ηs = 0.5 as in 4.4. The neutrino emission from the neutron
star surfae layer inreases the neutrino annihilation luminosity and eieny, while
it inreases the stellar surfae mass-loss simultaneously. From Figure 4.11, we nd
that moderately relativisti outows above the neutron star polar region are possible
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under some ases, e.g., the wind material an be aelerated to 10 < Γ < 100 above
the polar region for the disk aretion rate M˙ ≥ 0.08M⊙ s−1 with ηs = 0.5. This
result an still be kept for other values of fk/fasy around unit. However, annihilation
proess an never produe any winds with bulk Lorentz fator Γ ≥ 100, as the heavily
mass-loaded neutron-star wind preludes ultrarelativisti speed even for very high
annihilation eieny with suiently bright neutrino emission from the innermost
disk radius. Zhang et al. (2003, 2004) found that relativisti jets formed in the
areting blak hole systems an be ollimated by their passage through the stellar
envelope; moderately and even mildly relativisti jets an be partly aelerated to
an ultrarelativisti speed after they break out in the massive star, beause the jets'
internal energy an be onverted to kineti energy after jet breakout. Suh jet-
stellar-envelope interations also happen around the hyperareting neutron star
systems, although the neutron-star disk systems an be surrounded by a avity
∼ 109 m inside the progenitor stars with the stellar radius of several 1010 m (e.g.,
Buiantini et al. 2008, 2009). In the ompat star binary merger senario, on
the other hand, a moderately relativisti jet is possible to produe a short-duration
GRB.
As a result, the neutron-star disk an produe a suiently larger annihilation
luminosity than its blak-hole ounterpart. However, a neutrino-driven outow from
the newly formed neutron star at early times (∼ 100 ms) is so heavily mass-loaded
that it an in no way be aelerated to relativisti speed. For a longtime neutron
star, however, mass-loss beomes weaker above the stellar pole than above the low
latitudes and midplane. Thus a moderately relativisti jet an be produed in a
hyperareting neutron-star system with suiently high disk aretion rate and
bright boundary emission (e.g., the aretion rate M˙ ≥ 0.08M⊙ s−1 for ηs = 0.5).
Also, the jet an be ollimated by jet-stellar-envelope interations, and partly a-
elerated to an ultrarelativisti speed after jet breakout if the neutron star forms
through stellar ollapse. Therefore, some hyperareting neutron-star system an
produe GRBs, whih are more energeti than those from the blak-hole systems.
We know that some long-duration GRBs an reah a peak luminosity of ∼ 1052 ergs
s
−1
(e.g. GRB 990123, Kulkarni et al. 1999), whih requires a very high aretion
rate ∼ 10M⊙ s−1 as well as a muh more massive disk (≥ 10M⊙) around a blak
hole ompared to the typial disk or torus mass 0.01 − 1M⊙ if the energy is pro-
vided by neutrino annihilation above the blak-hole disk. However, if we onsider
the neutron-star disk with the surfae boundary emission (e.g. ηs ∼ 0.5), we only
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need an aretion rate ∼ 1M⊙ s−1 onto the neutron star, whih is one order of mag-
nitude less than that of the blak-hole disk, and the disk mass an be ∼ 1M⊙ for a
long burst with the peak luminosity 1052 ergs s−1 in a time of about 1s. However,
other reasons or mehanisms suh as the jet eet to redue the total burst energy
or the magneti mehanism rather than neutrino annihilation to provide the GRB
energy have been introdued into the GRB entral engine models. Therefore, it is
neessary to searh new important observational evidene to show the existene of
a entral neutron star rather than blak hole surrounded by a hyperareting disk.
X-ray ares after GRBs may be a piee of evidene, whih shows that an ativity
of the entral neutron star after the burst may be due to magneti instability and
reonnetion eets in dierentially-rotating pulsars (Dai et al. 2006). However,
more studies should be done to ompare other models of X-ray ares (King et al.
2005; Proga & Zhang 2006; Perna et al. 2005; Lee & Ramires-Ruiz 2007, Lazzati
et al. 2008) with the dierential-rotating pulsar model and show more eets of
suh a magnetized pulsar. For example, the spin-down power of a magnetar prob-
ably explains the peuliar optial to X-ray integrated luminosity of GRB 060218
(Soderberg et al. 2006).
Furthermore, we propose that other GRB-like events may be produed by hy-
perareting neutron star systems, if winds fail to reah a proper relativisti speed.
As mentioned by MaFadyen et al. (2001), a mildly or moderately relativisti jet
may lead to X-ray ashes, whih are less energeti than normal GRBs. This will
also happen in the neutron-star ase. Another possible result is that a heavily
mass-loaded wind with nonrelativisti speed ould produe a bright SN-like optial
transient event (Kohri et al. 2005; Metzger et al. 2008a).
4.5.4 GRB-SN Assoiation
Besides GRBa and GRB-like phenomena, we think a nonrelativisti or mildly rel-
ativisti outow from a hyperareting disk and neutron star surfae may feed a
supernova explosion assoiated with a GRB. The disovery of onnetion between
some GRBs and supernovae has inspired studies of the origin of GRB-SN assoia-
tion (e.g., Iwamota et al. 1998; MaFadyen & Woosley 1999; Zhang et al. 2004;
Nagataki et al. 2006, 2007; Mazzali et al. 2006). As disussed in Kohri et al.
(2005), an outow from the hyperareting disk is possible to provide a suessful
supernova with both prompt explosion or delayed explosion. On the other hand,
4.5. Disussions 208
Comparison of energy rates between outow and neutrino annihilation
Cases disk heating rate max outow energy Lνν¯ (ηs=0) Lνν¯ (ηs=0.5)
(1051ergs s−1) rate (1051ergs s−1) (1051ergs s−1) (1051ergs s−1)
model O1: s=0.2 25.3 1.09 8.37e-2 2.24
s=0.6 24.7 1.72 0.104 1.74
s=1.0 18.4 7.95 0.179 1.65
model O2: s=0.2 14.6 11.8 1.42e-2 0.522
s=0.6 6.50 19.9 4.84e-3 2.54e-2
s=1.0 4.07 22.3 3.48e-3 5.99e-3
Table 4.4: We onsider model O1 and O2 with the outow index s=0.2, 0.6, 1.0,
the aretion rate M˙ = 0.3M⊙ s−1 and the energy parameter ε=0.8.
neutrino annihilation above the disk is onsidered as one of the possible mehanisms
to produe GRBs. Thus, it is reasonable to propose a general senario for the origin
of GRB-SN onnetion: hyperareting disks with outows around ompat objets
are entral engines of GRBs ompanied by supernovae. The outow energy from
the disk provides a part of or even a majority of the kineti energy of a supernova,
and neutrino annihilation from the disk provides the energy of a GRB. Now we use
the results in 4.3.3 and 4.4.2 to disuss the energy of the outow from the disk,
and ompare it with the neutrino annihilation luminosity and energy above the disk.
The upper limit of the energy rate arried away by the outow an be estimated
by subtrating the heating energy rate generated in the disk from the ideal heating
energy rate of the disk without outow, i.e., the maximum energy rate of the outow
is
E˙o,max ∼ 3GMM˙
4
{
1
3r∗
− 1
rout
[
1− 2
3
(
r∗
rout
)1/2]}
−
 rout
r∗
9
8
νΣ
GM
r3
2πrdr, (4.52)
and the total atual outow energy an be onsidered to be ∼ 0.1−1 fration of the
maximum outow energy. In Table 4.4 we list various energy rates, inluding the
heating energy rate in the disk, the maximum energy injetion rate to an outow
and the neutrino annihilation rate above the disk. We hoose the aretion rate to
be 0.3M⊙ s−1 in both models O1 and O2 in 3.3. Compared with model O1, the
neutron-star disk with an outow from the entire disk (model O2) produes higher
outow energy but less neutrino annihilation rate. If the disk mass around a neutron
star is ∼ 1M⊙, then the maximum outow energy is ∼ 1051 ergs in model O1, and
∼ 1052 ergs in model O2, but the annihilation luminosity in model O2 would be
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one or two orders of magnitude less than that in model O1. Besides the ase of
a neutron star, the blak-hole disk with an outow an provide the same order of
outow energy ejeta as in model O2, but even dimmer annihilation luminosity than
model O2. Therefore, we think that further studies of an energy relation between
GRBs and supernovae in GRB-SN events ould distinguish between the neutron-star
disk models (model O1 and O2) and the blak-hole disk model.
4.5.5 Eets of Magneti Fields
In this hapter, we do not onsider the eet of magneti elds. As mentioned in
ZD08, the high magneti elds of entral neutron stars or magnetars > 1015−1016G
ould play a signiant role in the global struture of the disk as well as various
mirophysial proesses in the disk. Moreover, ompared to the neutron star surfae,
whih produes e+e− jets and outows, the entral magnetars ould be onsidered
as a possible soure to produe magnetially-dominated outows and ollimated jets
with ultrarelativisti bulk Lorentz fators (e.g., Usov 1992; Lyutikov 2006; Uzdensky
& MaFadyen 2007; Thekhovskoy et al. 2008; Metzger et al. 2008a, Buiantini et
al. 2008, 2009). For example, Buiantini et al. (2008, 2009) modeled the interation
between the wind from a newly formed rapidly rotating protomagnetar and the
surrounding progenitor. The free-owing wind from protomagnetar is not possible to
ahieve simultaneously ollimation and aeleration to high Lorentz fator. However,
a bubble of relativisti plasma and a strong toroidal magneti eld reated by the
magnetar wind shoking on the surrounding stellar envelope an work together to
drive a relativisti jet, whih is possible to produe a long GRBs and the assoiated
Type I supernova. Metzger et al. (2008a) showed that protomagnetars are apable
to produe neutron-rih long GRB outows for submilliseond rotation period P ≤
0.8 ms. Besides the study on the entral magnetar, the properties of magnetized
NDAF disk has also been studied. Reently Lei et al. (2009) investigated the
properties of the NDAF with the magneti torque ated between the entral blak
hole and the disk. The neutrino annihilation luminosity an be inreased by one
order of magnitude higher for aretion rate ∼ 0.5M⊙ s−1, and the disk beomes
thermally and visously unstable in the inner region. Therefore, it is also interesting
to study the eets of ultra-highly magneti elds of neutron stars or magnetars on
hyperareting disks.
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4.6 Conlusions
In this hapter we have studied the struture of a hyperareting disk around a neu-
tron star based on the two-region senario, and alulate the neutrino annihilation
luminosity above the disks with dierent strutures. The neutron-star disk model
is still Newtonian, vertially-integrated with one-dimensional variable radius r, and
based on the α-presription. The aretion rate M˙ is the basi quantity to deter-
mine the properties of the disk and the annihilation luminosity, and we also disuss
the eets of the energy parameter ε of the inner disk (eqs. [4.13℄, [4.35℄ to [4.39℄),
the visosity parameter α, the outow struture and strength (eqs. [4.31℄, [4.32℄),
the neutrino emission for the stellar surfae layer to inrease the total annihilation
energy rate (eqs. [4.42℄ to [4.44℄).
We adopt the self-similar struture to desribe the inner disk, in whih the
heating mehanism is dierent from the outer disk. Table 4.2 shows the inner disk
struture and size in various ases depending on the value of ε and the properties of
the outow. We introdue two outow models in 4.3.3. In model O1, we onsider
the outow is mainly from the inner disk, while model O2 suggests that an outow
exists in the entire disk. In 4.5, we also disuss the other possibilities of the entropy-
onservation self-similar struture of the inner disk.
Compared to the high-α disk (α ∼ 0.1), the size of the low-α is smaller for
a low aretion rate (≤ 0.1M⊙ s−1) and inreases dramatially with inreasing a-
retion rate (Fig. 4.1). A low-α disk is denser, thinner with higher pressure and
larger adiabati index, and has a brighter neutrino luminosity (Fig. 4.2). The size
of the inner disk whih satises the advetion-dominated self-similar struture for
ε < 1 beomes smaller for lower ε, and is muh larger ompared to the entropy-
onservation inner disk for a low aretion rate (≤ 0.1M⊙ s−1, Fig. 4.3). In outow
model O1, the inner disk is larger for a stronger outow with low aretion rate,
but its size dereases with inreasing the outow index s for a high aretion rate.
Moreover, the inner disk would not exist in outow model O2 when the aretion
rate ≥ 0.5M⊙ s−1 (Fig. 4.4). The outow in the entire disk dereases the density
and pressure, but inreases the thikness of the disk (Fig. 4.5).
The neutrino annihilation luminosity above the neutron-star disk Lνν¯,NS is
higher than the blak-hole disk Lνν¯,BH , and the dierene between Lνν¯,NS and Lνν¯,BH
is more signiant for a low aretion rate due to the dierent disk struture and
neutrino luminosity between them (Fig. 4.6). The neutrino emission from the neu-
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tron star surfae boundary layer is produed in the proess of disk matter areting
onto the surfae, and the boundary emission an inrease the total neutrino annihi-
lation rate above the disk signiantly for about one order of magnitude higher than
the disk without boundary emission (Fig. 4.6, Fig. 4.7, Fig. 4.8). The disk with
an advetion-dominated inner disk ould produes the highest neutrino luminosity
while the disk with an outow from the entire disk (model O2) produes the lowest
annihilation luminosity (Fig 4.7, Fig 4.8, Fig 4.9). We show that the annihilation
luminosity an reah 1052ergs s−1 when the aretion rate ∼ 1M⊙ s−1 for neutron-
star disks, while the higher aretion rate ∼ 10M⊙ s−1 is needed to reah 1052 ergs
s
−1
for blak-hole disks. Therefore, the neutron-star disk an produe a suiently
large annihilation luminosity than its blak-hole ounterpart. Although a heavily
mass-loaded outow from the neutron star surfae at early times of neutron star for-
mation prevents the outow material from being aelerated to a high bulk Lorentz
fator, an energeti relativisti jet an be produed above the stellar polar region at
late times if the disk aretion rate and the neutrino emission luminosity from the
surfae boundary are suiently high. Suh relativisti jet may be further aeler-
ated by jet-stellar-envelope interation and produe the GRB or GRB-like events
suh as X-ray ashes (XRFs).
The outow from the advetion-dominated disk and low latitudes of the neutron
star surfae an be onsidered to provide the energy and suient
56
Ni for suessful
supernova explosions assoiated with GRBs or XRFs in some previous works. How-
ever, the energy produed via neutrino annihilation above the advetion-dominated
blak-hole disk is usually not suient for relativisti ejeta and GRBs. On the
other hand, the advetion-dominated disk around a neutron star an produe a muh
higher annihilation luminosity ompared to the blak-hole disk. Outow model O2
produes a higher neutrino annihilation rate but less outow energy ompared to
model O1, while the blak-hole disk ould provide the same order of outow energy
but even less annihilation energy ompared to model O2. Therefore, observations on
GRB-SN onnetion would further onstrain these models between hyperareting
disks around blak holes and neutron stars with outows.
4.6. Conlusions 212
Chapter 5
Self-similar struture of magnetized
ADAFs and CDAFs
5.1 Introdution
Rotating aretion ows with visosity and angular momentum transfer an be di-
vided into several lasses, depending on dierent strutures and energy transfer
mehanisms in the ows: advetion-dominated aretion ows (ADAFs), advetion-
dominated inow-outows (ADIOs), onvetion-dominated aretion ows (CDAFs),
neutrino-dominated aretion ows (NDAFs) and magnetially-dominated aretion
ows (MDAFs).
ADAFs were introdued by Ihimaru (1977) and then have been widely studied
over thirty years. The opially-thik ADAFs with super-Eddington aretion rates
were disussed by Abramowiz et al. (1988) in details (see also Begelman et al.
1982; Eggum et al. 1988). The optially-thin ADAFs with low, sub-Eddington
aretion rates were disussed by Rees et al. (1982) and Narayan & Yi (1994, 1995a,
1995b) (see also Ihimaru 1977; Abramowiz et al. 1995; Gammie & Popham 1998;
Popham & Gammie 1998; Wang & Zhou 1999). In partiular, Narayan & Yi (1994)
introdued self-similar solutions for ADAFs with the xed ratio of the advetive
ooling rate to the visous heating rate in the disk. Wang & Zhou (1999) solved
self-similar solutions for optially-thik ADAFs. The eets of general relativity
were onsidered in Gammie & Popham (1998) and Popham & Gammie (1998).
CDAFs were presented in details in Narayan et al. (2000, hereafter NIA). They
disussed the eets of onvetion on angular momentum and energy transport, and
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presented the relations between the onvetive oeient αc and the lassial visos-
ity parameter α. A non-areting solution an be obtained when onvetion moves
angular momentum inward and the visosity parameter α is small. Later, a series
of works have been published to disuss the disk struture, the MHD instability,
the ondition of angular momentum transport in CDAFs (e.g., Igumenshhev et al.
2000, 2002, 2003; Quataert & Gruzinov 2000; Narayan et al. 2002; Igumenshhev
2002; Lu et al. 2004; van der Swaluw et al. 2005).
The eets of a magneti eld on the disk were also studied (see Balbus &
Hawley 1998; Kaburiki 2000; Shadmehri 2004; Meier 2005; Shadmehri & Khajenabi
2005, 2006; Akizuki & Fukue 2006; Ghanbari et al. 2007). Balbus & Hawley (1998)
disussed the MHD turbulene initiated by magnetorotational instability (MRI) and
its eets on the angular momentum transportation. Kaburaki (2000) onsidered an
analyti model to desribe the ADAFs with a global magneti eld and Meier (2005)
onsidered how a turbulent and magnetized disk reates a global well-ordered mag-
neti eld, and introdued a magnetially-dominated ow. Shadmehri (2004) and
Chanbari et al. (2007) disussed the self-similar struture of the magnetized ADAFs
in spherial polar oordinates. Moreover, Shamehri & Khajenabi (2005, 2006, here-
after SK05, SK06) presented self-similar solutions of ows based on the vertially
integrated equations. They disussed the relations between magneti elds ompo-
nents in dierent diretions, and mainly foused on the eets of the magneti eld
on the disk struture. Akizuki & Fukue (2006, hereafter AF06), dierent from SK05
and SK06, emphasized an intermediate ase where the magneti fore is omparable
to other fores by assuming the physial variables in the disk only as funtions of
radius. However, they merely disussed a global toroidal magneti eld in the disk.
In this hapter 5, we rst extend the work of AF06 by onsidering a gen-
eral large-sale magneti eld in all the three omponents in ylindrial oordinates
(r, ϕ, z) and then disuss eets of the global magneti eld on the ows with onve-
tion. We adopt the treatment that the ow variables are funtions of the disk radius,
neglet the dierent struture in the vertial diretion exept for the z-omponent
momentum equation. We also disuss magnetized aretion ows with onvetion,
and ompare our results with those in NIA, in whih a large-sale magneti eld is
negleted.
This hapter 5 is organized as follows: basi equations are presented in 2. We
obtain self-similar solutions in 5.3 and disuss the eets of a general large-sale
magneti eld on the disk ow. In 5.4 we investigate the struture and physial
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variables in magnetized CDAFs, and present the relation of the onvetive parameter
αc and the lassial visosity parameter α. We adopt a more realisti form of the
kinemati visosity in 5.5. Our onlusions are presented in 5.6.
5.2 Basi Equations
In this hapter 5, we use all quantities with their usual meanings: r is the radius
of the disk, vr and vϕ are the radial and rotation veloity, Ω = vϕ/r is the angular
veloity of the disk, ΩK = (GM/r
3)1/2 is the Keplerian angular veloity, Σ = 2ρH is
the disk surfae density with ρ to be the disk density and H to be the half-thikness,
and cs = (p/ρ)
1/2
is the isothermal sound speed with p to be the gas pressure in the
disk.
Moreover, we onsider a large-sale magneti eld in the disk with three om-
ponents Br, Bϕ and Bz in the ylindrial oordinates (r, ϕ, z). The total magneti
eld Bˆi=r,ϕ,z is ontributed by both large-sale magneti eld Bi=r,ϕ,z and the tur-
bulene loal-sale eld bi=r,ϕ,z. We have Bˆi = Bi + bi and ∇ · Bˆ = 0. However,
sine we only onsider the vertially-integrated disk, we an approximately take the
average magneti elds < Bˆi >≈ Bi, and neglet the loal turbulene eld in our
self-similar alulations. Thus we dene the Alfvén sound speeds cr, cϕ and cz in
three diretions of the ylindrial oordinates as c2r,ϕ,z = B
2
r,ϕ,z/(4πρ). We onsider
that all ow variables are only funtions of radius r, and write basi equations, i.e.,
the ontinuity equation, the three omponents (r, ϕ, z) of the momentum equation
and the energy equation:
1
r
d
dr
(rΣvr) = 2ρ˙H, (5.1)
vr
dvr
dr
=
v2ϕ
r
− GM
r2
− 1
Σ
d
dr
(
Σc2s
)− 1
2Σ
d
dr
(
Σc2z + Σc
2
ϕ
)− c2ϕ
r
, (5.2)
vr
r
d(rvϕ)
dr
=
1
Σr2
d
dr
(
Σα
c2s
ΩK
r3
dΩ
dr
)
+
cϕcr
r
+
cr√
Σ
d
dr
(√
Σcϕ
)
, (5.3)
Ω2KH −
1√
Σ
cr
d
dr
(√
Σcz
)
=
c2s +
1
2
(
c2ϕ + c
2
r
)
H
, (5.4)
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vr
γ − 1
dc2s
dr
− vr c
2
s
ρ
dρ
dr
= f
αc2sr
2
ΩK
(
dΩ
dr
)2
. (5.5)
Here we onsider the height-integrated equations using the lassial α-presription
model with α to be the visosity parameter, and use the Newtonian gravitational
potential. In the mass ontinuity equation, we also onsider the mass loss term
∂ρ/∂t. In the energy equation we take γ to be the adiabati index of the disk gas
and f to measure the degree to whih the ow is advetion-dominated (NY94), and
neglet the Joule heating rate.
In AF06, a general ase of visosity η = ρν = Ω−1K αp
µ
gas(pgas + pmas)
1−µ
with
µ to be a parameter is mentioned. If the ratio of the magneti pressure to the gas
pressure is onstant (as assumed in the self-similar struture), the solution of the
basi equations an be obtained with replaing α by α(1 + β)1−µ. In our setion
5, however, we rst adopt the lassial form ν = αc2s/ΩK for simpliity in 5.3 and
5.4, in whih we mainly fous on the eets of a magneti eld on the variables
vr, vϕ and cs. A more realisti model requires ν = αcsH with both cs and H as
funtions of the magneti eld strength. We disuss this model in 5.5 and ompare
it with the results in 5.3 and 5.4.
Our equations are somewhat dierent from those in SK05 and SK06, sine we
only onsider the disk variables as funtions of radius r, while SK05 and SK06 disuss
the magneti eld struture in the vertial diretion. More details about the basi
equations are disussed in Appendix A. When Br = 0 and Bz = 0, our equations
swith bak to the equations in AF06, in whih only the toroidal magneti eld is
onsidered and all the variables are taken to depend merely on radius r.
In addition, we need the the three-omponent indution equations to measure
the magneti eld esaping rate:
B˙r ≈ 0, (5.6)
B˙ϕ =
d
dr
(vϕBr − vrBϕ) , (5.7)
B˙z = − d
dr
(vrBz)− vrBz
r
. (5.8)
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5.3 Self-Similar Solutions for ADAF
If we assume the parameters γ and f in the energy equation are independent of
radius r, then we an adopt a self-similar treatment similar to NY94 and AF06,
vr(r) = −c1α
√
GM
r
, (5.9)
vϕ(r) = c2
√
GM
r
, (5.10)
c2s(r) = c3
GM
r
, (5.11)
c2r,ϕ,z(r) =
B2r,ϕ,z
4πρ
= 2βr,ϕ,zc3
GM
r
, (5.12)
where the oeients c1, c2 and c3 are similar to those in AF06, and βr, βϕ and βz
measure the ratio of the magneti pressure in three diretions to the gas pressure,
i.e., βr,ϕ,z = pmag,r,ϕ,z/pgas. Following AF06, we also denote the struture of the
surfae density Σ by
Σ(r) = Σ0r
s. (5.13)
The half-thikness of the disk still satises the relation H ∝ r and we obtain
H(r) = H0r. (5.14)
Substituting self-similar relations (5.9)(5.14) to equations (5.2), (5.3) and (5.5),
we an obtain the algebrai equations of c1, c2 and c3:
−1
2
c21α
2 = c22 − 1− [(s− 1) + βz(s− 1) + βϕ(s+ 1)]c3, (5.15)
−1
2
c1c2α = −3
2
α(s+ 1)c2c3 + c3(s+ 1)
√
βrβϕ, (5.16)
c22 =
4
9f
(
1
γ − 1 + s− 1
)
c1. (5.17)
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Figure 5.1: The self-similar oeients c1, |c2|, and c3 as funtions of the advetion
parameter f for dierent sets of parameters βr, βϕ and βz. We take α=0.1, γ = 4/3
and s = −1/2. The left three panels orrespond to (βr, βϕ βz)= (0, 1, 0) (solid lines),
(0, 1, 1) (dashed lines), (0, 1, 3) (dotted lines), and (0,1,10) (dash-dotted lines). The
right three panels orrespond to (βr, βϕ βz)= (0, 10, 0) (solid lines), (0, 10, 1) (dashed
lines), (0, 10, 3) (dotted lines), and (0, 10, 10) (dash-dotted lines).
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If in the ylindrial oordinates we assume the three omponents of magneti
eld Br,ϕ,z > 0, then vϕ(r) an be either positive or negative, depending on the
detailed magneti eld struture in the disk. In a partiular ase where Br = 0 or
Bϕ = 0, we an only obtain the value of |c2|, but in a general ase where BrBϕ 6= 0,
we are able to determine the value of c2.
Figures 5.1 and 5.2 show the self-similar oeients c1, |c2| and c3 as funtions
of the advetion parameter f with dierent (βr, βϕ, βz). We onsider the disk to
be radiation dominated with γ = 4/3, and take s = −1/2 (i.e., ρ ∝ r−3/2 as the
ommon ase) and the visosity parameter α = 0.1, whih is the widely used value.
Figure 5.1 shows hanges of the oeients c1, |c2|, c3 with βz and βϕ. We
neglet the radial magneti elds Br, and take the parameters (βr, βϕ, βz) in the left
three panels in Figure 5.1 for (0, 1, 0), (0, 1, 1), (0, 1, 3) and (0, 1, 10), and then take
the value of βϕ to be 10 in the right three panels. As βr = 0, we an only obtain |c2|
without needing to determine the diretion of vϕ. The oeients c1 and c3 inrease
with inreasing the advetion parameter f , but |c2| dereases monotonously as a
funtion of f exept for a strong toroidal magneti eld. Moreover, with the xed
ratio βz, an inrease of βϕ makes all the oeients |ci| beome larger. Oppositely,
|ci| dereases with inreasing βz. In fat, with a small radial magneti eld βr ≈ 0,
we an obtain an analytial solution of ci from equations (5.15)-(5.17), whih are
similar to expressions (27)-(29) in AF06, but we should replae (1 − s)/(1 + s) by
(1 − s)(1 + βz)/(1 + s) and β by βϕ in those expressions instead. Also, we have
c22 ∝ f−1c1, c3 ∝ c1, and c1 ∝ βϕ for large βϕ and c1 ∝ β−1z for large βz, all of whih
are onsistent with the results in Figure 5.1.
As a result, from Figure 5.1, we rst nd that a strong toroidal magneti eld
leads to an inrease of the infall veloity |vr|, rotation veloity |vϕ| and isothermal
sound speed cs, and |vr| and cs are large in the ase where the disk ow is mainly
advetion-dominated, but the rotation veloity |vϕ| inreases with inreasing f only
in the ase where the toroidal magneti eld is large enough. This onlusion is
onsistent with the ase 1 in AF06. Seond, the high ratio βz dereases the value
of |vr|, |vϕ| and cs, whih means that a strong magneti pressure in the vertial
diretion prevents the disk matter from being areted, and dereases the eet of
gas pressure as aretion proeeds.
Figure 5.2 shows how c1, |c2| and c3 hange with βr and βϕ, where we neglet
the vertial magneti Bz. For a small value of βr, the oeients c1, |c2| and c3 also
inrease with inreasing βϕ. However, a hange of ci is not obvious for a large value
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Figure 5.2: The self-similar oeients c1, |c2|, and c3 as funtions of the advetion
parameter f for dierent sets of parameters βr, βϕ and βz with α=0.1, γ = 4/3 and
s = −1/2. The left three panels orrespond to (βr, βϕ βz)= (0, 1, 0) (solid lines),
(0.1, 1, 0) (dashed lines), (1, 1, 0) (dotted lines), and (10, 1, 0) (dash-dotted lines).
The right three panels orrespond to (βr, βϕ βz)=(0, 2.5, 0) (solid lines), (0.1, 2.5, 0)
(dashed lines), (1, 2.5, 0) (dotted lines), and (10, 2.5, 0) (dash-dotted lines).
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of βr. We are able to alulate the limiting value of ci in the extreme ase where βr
is large enough and βrβϕ 6= 0 using an analytial method. From equations (5.15)-
(5.17), we an obtain c1 = 2/[ǫ
′′ +
√
(ǫ′′)2 + 2α2] and c22 = ǫ
′′c1 for large βr, where
ǫ′′ = 4
9f
{(γ − 1)−1 + s− 1}. If ǫ′′ ≫ α, we have c1 ∼ (ǫ′′)−1 ∝ f and |c2| ∼ 1, whih
means that the infall veloity |vr| inreases with advetion parameter f linearly, and
the radial veloity |vϕ| is nearly the Keplerian veloity, no matter whether the disk
is eiently ooled or not. Also, for a large value of βr, equation (5.16) beomes
−(c1c2α)/2 ∼ c3(s + 1)
√
βrβϕ. Sine c1, c3 > 0 in the aretion disk, we obtain
c2 < 0, whih means that the diretion of rotation in the disk is opposite to the
toroidal magneti eld Bϕ. Atually, in the ase where βr is suient large and
βrβϕ 6= 0, the angular momentum transported due to the magneti eld stress is
dominated over that due to the visosity, and balanes with the advetion angular
momentum. As we take Br,ϕ,z > 0, from equation (5.3), we obtain that the large
angular momentum due to the magneti eld stress makes the value of the advetion
angular momentum (M˙vϕr, where M˙ is the mass aretion rate) inrease in the disk,
whih requires vϕ < 0 in the self-similar struture
1
.
From the mass-ontinuity equation (5.1) and the indution equations (5.6)-
(5.8) as well as the solved oeients ci, we an solve the self-similar struture
of the mass loss and magneti eld esaping rate with forms of ρ˙ = ρ˙0r
s−5/2
and
B˙r,ϕ,z = B˙r0,ϕ0,z0r
(s−5)/2
where ρ˙0 satises
ρ˙0 = −
(
s+
1
2
)
c1αΣ0
√
GM
2H0
. (5.18)
As mentioned in AF06, when s = −1/2, i.e., Σ ∝ r−1/2 or ρ ∝ r−3/2, there is no
wind in the disk, and thus we an use the formula −2πrvrΣ = M˙ to determine the
surfae density Σ. In addition, in the region of the disk where is adiabati with
ρ ∝ r−1/(γ−1), p ∝ r−γ/(γ−1), vr ∝ r(3−2γ)/(γ−1) (i.e., s = (γ − 2)/(γ − 1)), we obtain
the self-similar solution of c1α =
√
2, c2 = 0 and c3 = 0, whih desribe the Bondi
aretion. However, if the disk region satises the entropy-onservation ondition
1
In some previous works (e.g., Wang 95, Lai 98, SK05 and SK06), the rotation veloity is taken
to be positive and the toroidal magneti eld Bϕ to be negative. The advetion transports angular
momentum inward, while the magneti stress transports angular momentum outward instead. This
previous result is onsistent with our result here if we hange the ylindrial oordinate used above
from (r, ϕ, z) to (r,−ϕ, z). In this hapter 5 it is onvenient for us to take Br,ϕ,z > 0 and to
obtain s series of self-similar solutions about magnetized ows in many dierent ases.
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with f = 0, we an still obtain an aretion-disk solution beyond the self-similar
treatment. For a CDAF with ρ ∝ r−1/2 (NIA), a steady disk without wind requires
c1 = 0 or vr = 0.
B˙r0,ϕ0,z0 satisfy
B˙r0 ≈ 0, (5.19)
B˙ϕ0 =
(
s− 3
2
)
GM
{
c2
√
4πβrc3Σ0
H0
+ c1α
√
4πβϕc3Σ0
H0
}
, (5.20)
B˙z0 =
(
s− 1
2
)
c1α(GM)
√
4πβzΣ0c3
H0
, (5.21)
where H0 in the expression (5.14) an be obtained from the hydrostati equilibrium
equation (5.4), that is,
H0 =
1
2
[
(s− 1)c3
√
βrβz +
√
c23(s− 1)2βrβz + 4(1 + βϕ + βr)c3
]
, (5.22)
and thus we obtain the half-thikness of the disk H = H0cs/(
√
c3ΩK). We will
disuss the eets of the magneti eld on H later in 5.5.
5.4 Self-Similar Solutions for CDAF
In CADFs, both advetion and onvetion play ontributions to the angular momen-
tum and energy transportation. We propose a CDAF model in a global magneti
eld in order to ompare it with non-globally-magnetized CDAFs. We follow the
idea of NIA in this setion and onsider the eet of a magneti eld
2
. The visosity
angular momentum ux is
J˙v = −α c
2
s
ΩK
ρr3
dΩ
dr
, (5.23)
and the onvetion angular momentum ux an be written as
J˙c = −αc c
2
s
ΩK
ρr3(1+g)/2
d
dr
(
Ωr3(1−g)/2
)
, (5.24)
2
We adopt the (α, αc)-presription following NIA. The MHD simulations beyond this presrip-
tion an be seen in Igumenshhev et al. (2002, 2003), Hawley & Balbus (2002) and so on. Moreover,
Quataert & Gruzinov (2000) also develop an analytial model for CDAFs.
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where αc is the dimensionless oeient to measure the strength of onvetive diu-
sion, g is the parameter to determine the ondition of onvetive angular momentum
transport. Convetion transports angular momentum inward (or outward) for g < 0
(or > 0).
The energy equation of a CADF is
ρvrT
ds
dr
+
1
r2
d
dr
(
r2Fc
)
= Q+ = f
(α + gαc)ρc
2
sr
2
ΩK
(
dΩ
dr
)2
, (5.25)
where the onvetive energy ux Fc is
Fc = −αc c
2
s
ΩK
ρT
ds
dr
, (5.26)
where we still onsider the general energy equation without vertial integration as
in NIA, and still neglet the Joule heating rate.
Using the angular momentum equation, the energy equation of the CDAF and
the self-similar struture (5.9)-(5.14), we an obtain the relevant algebrai equations
of self-similar struture of the CDAF,
−1
2
c1c2α = −3
2
(α + gαc)(s+ 1)c2c3 + c3(s+ 1)
√
βrβϕ, (5.27)
(
s− 1
2
)(
1
γ − 1 + s− 1
)
c3αc+
(
1
γ − 1 + s− 1
)
c1α = (α+ gαc)
9f
4
c22. (5.28)
The radial momentum equation is still the same as that in ADAF. Combining equa-
tion (5.15), (5.27) and (5.28), we an nally solve the oeients c1, c2, and c3 in the
ase of CDAF and ompare them with those in ADAF. The dimensionless oeient
αc an be alulated using the mixing length theory, and we adopt equation (15)
in NIA, who desribes the relation of αc with s, c3 and γ (in NIA, they used the
symbols a and c0, where a = 1− s, and c20 = c3 in our setion 5).
To simplify the problem, we rst prefer using a simpler treatment with a xed
αc to disussing the solutions of (5.15), (5.27) and (5.28), i.e., we take αc as a free
parameter rather than a alulated variable, sine αc does not dramatially hange
in many ases. Then we an adopt a similar treatment as in 3 to solve equations
(5.15), (5.27) and (5.28). Similarly as in 3, we rst use the analytial method to
disuss some partiular ases.
When βrβϕ ∼ 0 (whih implies that the radial or toroidal magneti elds are
weak), we an obtain an analytial solution similar to that in 5.3 (see Appendix
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B for more details about the alulation). We disuss two ases. One is that the
toroidal magneti eld Bϕ is dominated and the radial magneti eld is weak (Br ≈
0). Then we an have an approximate solution,
c1α ∼ 2βϕ
3(α+ gαc)
, (5.29)
c22 =
c1α
α + gαc
[
ǫ′′ − |ξ′′| αc
3(α+ gαc)(s+ 1)
]
, (5.30)
c3 ∼ 2βϕ
9(α + gαc)2(s+ 1)
. (5.31)
where ξ′′ = 4
9f
(s− 1
2
)( 1
γ−1 +s−1). From these equations, we know the oeients c1
and c3 inrease with inreasing the onvetive parameter αc for g < 0 (i.e., onvetion
transports angular momentum inward), but we annot obtain the relation between
αc and |c2| unless the values of s, g and γ are given in detail. The other ase is that
the vertial magneti eld Bz is dominated. In this ase, we obtain
c1α ∼ 3(α+ gαc)(1 + s)
(1− s)βz , (5.32)
c22 =
3(1 + s)
(1− s)βz
[
ǫ′′ − |ξ′′| αc
3(α+ gαc)(s+ 1)
]
, (5.33)
c3 ∼ 1
(1− s)βz . (5.34)
We nd that the oeients c1 and |c2| derease with inreasing αc for g < 0 while
the value of c3 is more or less the same for a xed βz.
Another analytial solution an be obtained when βr is large and βϕ 6= 0, and
we have the relations
c1 ∝

 α
α+ gαc
ǫ′′ +
√(
α
α + gαc
)2
ǫ′′2 + 2α2


−1
, (5.35)
|c2| ∝
[
ǫ′′ +
√
ǫ′′2 + 2(α + gαc)2
]−1/2
, (5.36)
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c3 ∝ −c1c2. (5.37)
From formulae (5.35) and (5.36), we again nd hanges of c1 and |c2| with αc, whih
is similar to the former ase. From equation (5.37) and c1,3 > 0, we get c2 < 0,
whih has also been obtained in 3.
Figure 5.3 shows some examples of the eet of the onvetion parameter αc
on the three oeients ci. In order to see the results learly, we take α = 1 and
hange the value of αc from 0 to 0.9 with several sets of magneti eld parameters
(βr, βϕ, βz)= (0, 3, 0), (3, 3, 0) and (0, 0, 3). Also we set γ = 4/3, s = −1/2 and
g = −1/3. The basi results in Figure 3 are onsistent with the above disussion
using the analytial method. In partiular, we notie that the three oeients do
not hange dramatially in the ase of βr ∼ βϕ, sine the magneti eld gives a
ontribution to the angular momentum rather than the visosity, and redues the
eet of onvetion on the disk.
Next we want to obtain the relation between αc and α following NIA, i.e., we
onsider αc to be the variable as a funtion of s, γ and c3. Using the treatment in NIA
based on the mixing length theory and equations (5.15), (5.27) and (5.28), we an
establish the αc-α relation. NIA disussed suh a relation with g = 1 and g = −1/3,
and nd that the solution with s = −1/2 is available only for α greater than a ertain
ritial αcrit when the isothermal sound speed reahes its maximum value, and the
value of αc dereases monotonously as α inreases. However, our results are quite
dierent from those in NIA for two reasons. First, we keep the term vrdvr/dr in the
radial momentum equation, while in NIA this term is negleted. As a result, in many
ases, the sound speed to determine the atual ritial α for available solutions does
not reah exatly its maximum value. Seond and more importantly, we onsider
the eet of the large-sale magneti eld on the disk.
From equation (5.15), we obtain
1
2
c21α
2 + [(1− s)(1 + βz)− βϕ(1 + s)]c3 − 1 < 0. (5.38)
If the radial magneti eld is weak, then we have c3 < [(1−s)βz]−1 for a large vertial
magneti eld and c3 < 2βϕ/[9(α+ gαc)
2(1 + s)] for a large toroidal magneti eld.
On the other hand, from NIA, we have c3 > γ/[(2−s)(2+sγ−s)] for the onvetive
proess to be available. Therefore, the struture of ows with onvetion annot be
maintained for a large vertial magneti eld. Moreover, if the term βrβϕ is large,
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Figure 5.3: The oeients c1, |c2|, and c3 as funtions of f with dierent sets of
parameters αc and (βr, βϕ βz). We take α=1, γ = 4/3, s = −1/2 and g = −1/3.
The left three panels orrespond to (βr, βϕ βz)= (0, 3, 0), the middle three panels to
(βr, βϕ βz)= (3, 3, 0), and the right panels to (βr, βϕ βz)= (0, 0, 3). Dierent lines
refer to αc = 0 (solid lines), αc = 0.3 (dashed lines) and αc = 0.9 (dotted lines).
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Figure 5.4: The onvetive oeient αc as a funtion of visosity parameter α
with s = −1/2, γ=1.4, f = 1 and dierent sets of parameters (βr, βϕ,βz). (a) Left
panel: (βr, βϕ,βz)= (0, 0, 0) (solid line), (0, 1, 0) (dashed line), (0, 3, 0) (dotted line)
and (0, 5, 0) (dash-dotted line); (b) Right panel: (βr, βϕ,βz)= (0, 0, 0.1) (solid line),
(0, 0, 0.5) (dashed line), (0, 0, 0.7) (dotted line) and (0, 0, 0.8) (dash-dotted line)
we still obtain a small value of c3 ∼ c1|c2|α/(2
√
βrβϕ) with a small value of αc,
whih is almost independent of the variation of α.
Figure 5.4 shows examples of the αc − α relation with dierent magneti eld
strutures. We take γ = 1.4 and s = −1/2. The left panel shows the αc−α relation
with dierent values of βϕ. When the magneti eld is small (βϕ=0 and 1 in this
panel), αc dereases with inreasing α, and α has its ritial (minimum) value for
the solution to be available. These results are basially onsistent with those in
NIA. However, when βϕ beomes large, αc inreases as the visosity parameter α
inreases, and the ritial value of α beomes extremely small or even disappears.
The right panel of Figure 5.4 shows the αc − α relation with dierent values of
βz. When βz beomes large, the ritial value of α also disappears, but α has its
maximum value. This result is quite dierent from NIA, who found that only the
minimum value of α exists and beomes important.
From the above disussion, we onlude that a strong vertial magneti eld
or large βrβϕ prevents the onvetive proess in ows, while a moderate vertial
magneti eld is available for small α. A strong toroidal magneti eld with weak
radial eld makes the onvetive proess beome important even for large α in ows.
In NIA, a self-similar onvetion-driven non-areting solution with s = 1/2
(i.e. Σ ∝ r1/2) was given for α + gαc = 0 when α is smaller than the ritial
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value αcrit. However, the relation α + gαc = 0 annot be satised if βrβϕ 6= 0
for magnetized CDAFs. In fat, we are still able to get a self-similar struture for
magnetized CDAFs when the αc − α relation mentioned is no longer satised (i.e.,
inequality (5.38) is not satised). For βrβϕ 6= 0, the zero infall veloity (i.e. c1 = 0)
requires s = −1 (ρ ∝ r−2) from equation (5.27), and α as a funtion of c3,
α = αc
(
|g| − |ξ
′′|c3
c22
)
< αc|g|, (5.39)
with the maximum value of αc to be
αc,crit2 =
(1 + βz)
9
√
2
√
9− (2βz + 5)γ
2γ(1 + βz)
. (5.40)
Furthermore, if we turn the radial momentum equation from its vertial inte-
gration to its general from, we an still have the relation (5.39) but s = 0 (ρ ∝ r−1),
and the maximum value of αc to be
αc,crit2 =
(1 + βz)
4
√
2
√
2− (1 + βz)γ
γ(1 + βz)
. (5.41)
Suh a struture of ρ ∝ r−1 was also obtained by Igumenshhev et al. (2003),
who explained the struture as a result of vertial leakage of onvetive energy ux
from the disk. In our model, however, we show that this struture is due to the
ineient angular momentum transfer by visosity and the zero Lorentz fore in the
ϕ-diretion.
As a result, we obtained a self-similar solution for magnetized CDAFs with
c1 = 0, s = −1 or s = 0 (for the general form) and α + gαc < 0. This solution is
adopted when the normal self-similar solutions mentioned above for onvetive ows
annot be satised.
5.5 A more realisti form of kinemati visosity
In the above setions 5.3 and 5.4, we assume the kinemati visosity ν = αc2s/ΩK
and take the visosity parameter α as a onstant in our disussion for simpliity.
A more realisti model based on the physial meaning of the visosity parameter
is ν = αcsH with H 6= cs/ΩK in the magnetized disk. In this setion we onsider
the eet of dierent forms of kinemati visosity ν. In order to ompare with
the results in 5.3 and 5.4, we replae α in the last two setions by α′ and take
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ν = αcsH = α
′c2s/ΩK in this setion. Also, we still adopt the denition of c1 using
equation (5.9). From formula (5.22), we are able to obtain
α′ = α


[(
1− s
2
)2
βrβzc3 + (1 + βr + βϕ)
]1/2
−
(
1− s
2
)
(βrβzc3)
1/2

 . (5.42)
When βr,z = 0, we have α
′ = α
√
1 + βϕ and equation (5.42) swithes bak to the ase
of µ = 1/2 in AF06. For large βr or βϕ and small βz, we have α
′ ∼ α√1 + βr + βϕ
and α′ ≫ α. For large βz, we obtain α′ ∼ α(1 + βr + βϕ)/(1 − s)
√
βrβzc3 and
α′ ≪ α. This result an be explained as being due to the fat that a large toroidal
or radial magneti eld makes the disk half-thikness H beome large and inrease
the kinemati visosity (sine ν ∝ H), but a large vertial eld redues the height
H and dereases the kinemati visosity.
Figure 5.5 shows the eet of a modied kinemati visosity on the three o-
eients c1, |c2| and c3 in ADAFs. A more realisti expression of ν inreases the
infall veloity, but dereases the radial veloity and the isothermal sound speed.
However, a dierene between these two ases of kinemati visosity is obvious for a
large toroidal magneti eld rather than a large vertial eld. In fat, if the toroidal
magneti eld Bϕ is strong and dominated in (Br, Bϕ, Bz), we an adopt a similar
solution of (49)-(51) in AF06 for µ = 1/2, and nd that c1 inreases but |c2| and
c3 reahes their limiting values with inreasing βϕ. If the radial magneti eld Br
is strong and dominated, we an obtain c1 ∼ const, |c2| ∝ β−1/4r and c3 ∝ β−1/2r ,
whih are dierent from 3 in whih |c2| ∼ 1 for large βr. Furthermore, if βz is
large enough, we have the limiting value c1 ∼ 3(1 + βr + βϕ)(1 − s)−3/2β−1z β−1/2r ,
c3 ∼ (1 − s)−1β−1z and c22 = 3ǫ′′(s + 1)c3, and the values of |c2| and c3 are more or
less the same, no matter what the form of kinemati visosity is.
For ows with onvetion, it is onvenient for us to adopt the general denition
of αc from NIA, whih measures a degree of onvetion in the ows. We nd that the
onlusions in 4 are not basially hanged if we replae α in 5.4 by α′. The α′−αc
relation an be turned bak to the α − αc relation using equation (5.42). However,
there is no dramati hange between these two relations exept for extremely strong
magneti elds.
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Figure 5.5: Comparison between two forms of the kinemati visosity ν, while the
results of ν = αc2s/ΩK are shown by thin lines, and those of ν = αcsH are shown
by thik lines. We adopt s = −1/2, γ = 4/3 and α = 1. (a) Left panels: (βr, βϕ
βz)= (2, 0, 0) (solid lines) and (2, 2.5, 0) (dashed lines); (b) Right panels: (βr, βϕ
βz)= (2, 0, 1) (solid lines) and (2, 0, 5) (dashed lines).
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5.6 Conlusions
In this hapter 5 we have studied the eets of a global magneti eld on visously-
rotating and vertially-integrated aretion disks around ompat objets using a
self-similar treatment. Our onlusions are listed as follows:
(1) We have extended Akizuki and Fukue's self-similar solutions (2006) by on-
sidering a three-omponent magneti eld Br, Bϕ, and Bz in ADAFs. If we set
the kinemati visosity ν = αc2s/ΩK as its lassial form, then with the ow to be
advetion-dominated, the infall veloity |vr| and the isothermal sound speed cs in-
rease, and even the radial veloity |vϕ| an exeed the Keplerian veloity with a
strong toroidal magneti eld. The strong magneti eld in the vertial diretion
prevents the disk from being areted, and dereases the eet of the gas pressure.
For a large radial magneti eld, vr, vϕ and cs an reah their limiting values, and
the diretion of radial veloity is atually negative, sine the angular momentum
transfer due to the magneti eld stress in this ase is dominated over that due
to the visosity in the disk, and makes the value of advetion angular momentum
inrease inward.
(2) If the onvetive oeient αc in ows is set as a free parameter, |vr| and
cs inrease with inreasing αc for large Bϕ and weak Br. Also, |vr| beomes smaller
and |vϕ| beomes larger (or smaller) with inreasing αc for a strong and dominated
radial (or vertial) magneti eld.
(3) The αc − α relation in the magnetized disk is dierent from that in the
non-magnetized disk. For large Bϕ and weak Br, αc inreases with inreasing α,
the ritial value αcrit to determine dierent ases of the αc−α relation disappears,
and Σ ∝ r−1/2 an be satised for any value of α. A moderate vertial magneti
eld is available for small α. The large Bz or BrBϕ, on the other hand, prevents the
onvetive proess in ows.
(4) The self-similar onvetion envelope solution in NIA should be replaed by
c1 = 0, α+gαc < 0 and s = −1 (ρ ∝ r−2) for the vertial integration form of angular
equations and s = 0 (ρ ∝ r−1) for the general form in magnetized CDAFs. This
solution an be adopted in the region that does not satisfy the normal self-similar
solutions for ows with onvetion and αc < αc,crit2.
(5) The magneti eld inreases the disk height H for large Br and Bϕ, but
dereases it for large Bz in the magnetized disk. A more realisti model of the
kinemati visosity ν = αcsH makes the infall veloity in ADAFs inrease and the
5.7. Appendix A 232
sound speed and toroidal veloity derease ompared with the simple ase when the
form ν = αc2s/ΩK is assumed.
5.7 Appendix A
The momentum equation of aretion ows an be written as (Frank et al. 2002)
(v · ∇)v = −1
ρ
∇P −∇Φ + Ω2r+ (∇ · σ) + 1
ρc
j×B, (5.43)
where σ is the visosity stress tensor, j×B/(ρc) is the density Lorentz fore. Also,
the Ampère's law and the indution equation (Faraday's law) are
j =
c
4π
(∇×B) . (5.44)
∂B
∂t
= ∇× (v×B) + ηm∇2B. (5.45)
where ηm = c
2/(4πσe) is the magneti diusivity and σe is the eletrial ondutivity.
For simpliity, we onsider the extreme ase that σe → ∞ and ηm ≈ 0 , and then
neglet the seond term in the right side of the indution equation (5.45). Combining
equations (5.43) and (5.44), we an obtain the three omponents of the momentum
equation. In partiular, the three omponents of the Lorentz fore in the ylindrial
oordinates are
4π
c
(j×B)r = −1
2
∂
∂r
(B2z +B
2
ϕ) +Bz
∂Br
∂z
− B
2
ϕ
r
, (5.46)
4π
c
(j×B)ϕ = 1
r
BϕBr +Br
∂Bϕ
∂r
+Bz
∂Bϕ
∂z
, (5.47)
4π
c
(j×B)z = −1
2
∂
∂z
(B2r +B
2
ϕ) +Br
∂Bz
∂r
. (5.48)
Based on the onsideration that all ow variables inluding the magneti eld
are mainly funtions of radius r, we an onlude vz = 0 and ∂/∂z = 0. Or a
more realisti onsideration requires ∂/∂z ∼ (H/r)∂/∂r ≪ ∂/∂r. Also, we take
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∂/∂ϕ = 0 for the axisymmetri disk. We rewrite the Lorentz fore using the Alfven
sound speed as
1
ρc
(j×B)r = − 1
2ρ
∂
∂r
[ρ(c2z + c
2
ϕ)]−
c2ϕ
r
, (5.49)
1
ρc
(j×B)ϕ = 1
r
cϕcr +
cr√
ρ
∂
∂r
(
√
ρcϕ), (5.50)
1
ρc
(j×B)z = cr√
ρ
∂
∂r
(
√
ρcz), (5.51)
These expressions are dierent from SK05 and SK06, who onsidered the mag-
neti eld struture as a funtion of both radius r and height z: Br(r, z) = z(Br)H/H ,
Bϕ(r, z) = z(Bϕ)H/H with H to be the half-thikness of the disk, and Bz(r, z) =
Bz(r). However, in this hapter 5 we take the magneti eld to be homoge-
neous in the vertial diretion and neglet the term of ∂/∂z as mentioned above
exept for the z-omponent equation, in whih we take the total pressure as Ptot =
Pgas + (B
2
ϕ + B
2
r )/8π in the vertial diretion, and adopt ∂Ptot/∂z ∼ −Ptot/H to
estimate the value of H . In 2, we use the height-integration equations.
5.8 Appendix B
Expressions (29)-(37) in 4 an be derived as follows:
When βr = 0 or βϕ = 0, we obtain equations for the three oeients ci in
CDAFs as
−1
2
c21α
2 = c22 − 1− [(s− 1)(1 + βz) + (1 + s)βϕ]c3, (5.52)
c1α = 3(α + gαc)(s+ 1)c3, (5.53)
c22 = ǫ
′′ αc1
α + gαc
+ ξ′′
αcc3
α + gαc
, (5.54)
with ǫ′′ = 4
9f
( 1
γ−1 + s− 1) and ξ′′ = 49f (s− 12)( 1γ−1 + s− 1). Then we an write the
equation for c1 as
1
2
c21α
2+ c1α
{
ǫ′′ + ξ′′
αc
3(s+ 1)(α + gαc)
+
1
3
[(
1− s
1 + s
)
(1 + βz)− βϕ
]}
− 1 = 0.
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(5.55)
When βz is large, the above equation an be simplied as
1
2
c21α
2 +
c1α
3
(
1− s
1 + s
)
βz
α+ gαc
− 1 = 0, (5.56)
and we obtain
c1α ∼ 3(α+ gαc)(1 + s)
(1− s)βz . (5.57)
Similarly, we an get the solution for large βϕ and small βr.
On the other hand, if the radial magneti eld is strong and dominated and
βϕ 6= 0, then equation (5.53) should be replaed by
−1
2
c1c2α = (s+ 1)c3
√
βrβϕ, (5.58)
and we obtain an equation in the extreme ase,
1
2
c21α
2 + ǫ′′
αc1
α + gαc
− 1 = 0, (5.59)
and get
αc1 = 2(α + gαc)
[
ǫ′′ +
√
ǫ′′2 + 2(α + gαc)2
]−1
. (5.60)
Chapter 6
Remarks and Future Prospets
I give a detailed review of the GRB progenitor and entral engine models, and in-
trodue the areting and hyperareting BH systems. After than, I disuss the
senario of hyperareting neutron-star disks with their neutrino emission and anni-
hilation. Then I study the struture of magnetized self-similar ADAFs and CDAFs.
In this hapter, I mention a few problems whih may be important and attrative
in the next deade. I also mention some points of my future work.
Does the GRB bimodality lassiation based on T90 duration atually reet
their dierent progenitors and entral engines? It seems that a better lassiation
an be done based on environmental properties as well as prompt emission properties
(e.g., Zhang 2006). Prompt emission properties inlude T90 duration, spetrum hard
or soft ondition and spetral lag ondition. Environmental properties inludes the
host galaxy type, the stellar population in the host, the existene of an aompanying
SN and so on. Thus the duration of T90 is only one fator for an more elaborate
lassiation. Nakar (2007) mentioned several exeptions for the long and short-
duration bimodality lassiation (e.g., GRB 050416A, 051221A, 060121, 060505,
060614). The environmental properties are important to understand GRBs with
their progenitors, but they ould beome the basis for lassiation only if they
reet the nature of GRB prodution. The best lassiation, of ourse, should be
based on the GRB entral engines and their progenitors. Although in urrent state it
is diult to probe the real types of progenitor and entral engines of eah GRB, but
we should understand the very observational haraters of eah type. For example,
GRB produed by a magnetar formed after massive star ollapse is dierent from
a GRB produed by the areting BH system formed in the ollapse, as they have
dierent jet formation and jet-star interation proesses. We list several possible
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Type Progenitor Central Engine
I ollapsar hyperareting BH system
II ollapsar magnetar and neutron star
III ollapsar supranova senario
IV ompat binary merger hyperareting BH system
V ompat binary merger magnetar and neutron star
VI magnetar magnetar
VII neutron star strange star
Table 6.1:
types of GRBs based on their energy soures.
Can we obtain an entire onsistent ollapsar senario, from the initial massive
star ollapse proess to the jet formation and propagation? First of all, the ollapse
mehanism ould be ompletely understood only if we understand the mehanism
of supernova (SN) explosions. The ollapsar senario, whih was one purposed as
the failed supernova" senario, ould atually produe SNe assoiated with GRBs.
Thus, it is important to study the GRB and SN phenomena as a whole. Here we
farther list several speial questions whih should be answered in future study:
 What are the energy soures in the ollapsars that might transport energy
and lead to an SN explosion? As we know, the neutrino energy deposition by
itself fails to laugh and sustain an outbound shok with suient energy for a
supernova explosion by urrent omputer simulations. Perhaps we need to add
some additional key" physis fators suh as rotation and magneti elds for
produing a suessful SN. In the ollapsar senario, however, the ore-ollapse
SN might be driven or partially driven by outow energy from the aretion
disk around ollapsed enter BH. Moreover, sine the entral areting BH
and the jet from a ollapsar ould not produe suient
56
Ni for the observed
SN, most
56
Ni might be from the aretion disks. Thus the questions are,
ould the outows from the entral areting BH system produe a suessful
SN together with a GRB phenomenon? Are there any dierenes between
normal SNe and the SNe from ollapsars (i.e., hypernova)? It is possible
that the explosion mehanisms between them are dierent. Furthermore, it is
also interesting to onsider the eets of magneti elds, sine previous work
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only onsider the neutrino proesses and thermal winds by rotation for SN
explosion. Are MHD proesses signiant for generating a SN explosion in
normal and ollapsar ases? We will also disuss the eld eets on GRBs
later.
 Can we onsistently obtain the onlusion that ollapsars are not neessary
to onnet with SNe, sine observations have shown that at least some long-
duration bursts are not assoiated SNe (e.g., GRB 060505 and GRB 060614)?
If the progenitors of most long-duration GRBs are ollapsars, why some ol-
lapsars ould also produe SNe, but others annot? We an give an artiial
parameterized explain for the possible onnetion between GRBs and SNe in
the ollapsar model, but the most important thing is to understand the atual
main mehanisms for SNe and related GRBs.
 Are GRBs and XRTs assoiated with other types of SNe besides Type Ib?
Today most SN events assoiated with GRBs are Type I, i.e., the SNe lose
their hydrogen and helium envelopes. However, sine the sample of GRB-SN
is still small (only ve onrmed events), it is still not lear whih types of
SNe are favored by ollapsars. For example, short-hard GRB 970514 and GRB
980910 were reported to be possible assoiated with Type II SN 1997y and
SN 1997E respetively, though these reports are still ontroversial. However,
we would like to ask a reversed question: if Type Ib SNe are most likely to
assoiated with GRB and XRT phenomena, what GRB-like phenomena an be
produed in Type II SN progenitors? MaFayden et al. (2001) disussed blue
and red supergiants would produe both XRTs and Type II SNe. Moreover, if
some Type II SNe an be onrmed to be assoiated with short-hard bursts,
the model of short GRB progenitors would be hallenged. Furthermore, we
ollet the questions from Woosley & Bloom (2006): does the unied model
of GRBs and XRTs in the ollapsar senario work? Are XRTs the results of
GRBs seen o axis? Are XRTs the more ommon form than GRBs in the
universe? As we have already disuss these topis in theoretial model, the
answers of these questions should based on future observations.
 Are ollapsars whih an eetively produe GRBs favored by binary environ-
ments, as mentioned in Fryer et al. (2007)? More work both observational
and theoretial should be done to understand the ollapsar senario.
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Another questio is that, what is the funtions of magneti elds on produing
a GRB? This is also a broad question, we disussion it in several aspets:
 The evolution of magneti elds in a ollapsar. As mentioned by Herger,
Woosley & Spruit (2005) and Woosley & Herger (2006), the ollapsars whih
ould produe GRBs suessfully are favored by weak magneti elds and low
metalliity. However, on the other hand, a strong magneti eld ∼ 1014− 1015
G (e.g., Popham et al. 1999) is required near the BH for forming a relativisti
jet via MHD proess and diretly produe a GRB. In some ollapsars (suh
as Type II ollapsar), neutrino annihilation mehanism is muh less eetive
to produe a jet than MHD proess, and reent simulations (e.g., Nagataki
2009) shows that the jet is Poynting-ux-dominated. Therefore, the question
is that, how ould the magneti elds be amplied so signiantly for ∼ 10 s?
In the ollapsar senario, we need to onsider that the magneti torques are
negligible in order to give GRB progenitors neessary angular momentum, but
in the MHD proess of jet formation, we need a strong magneti eld near the
BH. Thus we need to desribe the mehanism of eld ampliation and eld
evolution during the whole ollapse proess about 10 s.
 The role of magneti elds played in ompat objet binary mergers and HMNS
ollapses. GRMHD simulations are needed to show the eets of magneti
elds. As mentioned by Liu et al. (2008), it is possible that the eets of
magneti elds are signiant, but not dramati. The role of magneti elds is
long term and for seular evolution. However, farther works should be arried
out. For instane, what the eets of magneti elds in WD-WD mergers?
THe problem is somewhat important, if we onsider that magnetars an be
formed by double magnetizedWDmergers. Is the magneti eld struture near
the new formed BH after mergers similar to that in the ollapsar senario, and
an we desribe the magneti elds evolution during the whole merger proess?
Dierent from the ollapsars, whose jets an be ollimated by their passage
through the stellar envelope, the jets formed after ompat star mergers ould
only be ollimated by the magneti elds near the areting BHs.
 The dierenes among Poynting-ux-dominated jets, baryoni jets and the
intermediate asemagnetized reball jets. As mentioned by Piran (2005) and
Woosley & Bloom (2006), this issue is also important for AGNs, miroquasars,
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pulsars as well as GRBs. The polarization of afterglows and the strength of
the optial afterglows may be the observational diagnostis. However, it is
still diult to detet the obvious polarization results in urrent state. Can
we nd other determined methods to probe the properties of the jets based
on urrent observation tehnology, and then indiretly know the proess of jet
formation?
Finally I also mention some of my further work after I nished this thesis:
 What are the eets of high strong magneti elds ∼ 1015 − 1017 G on the
hyperareting disk? The magneti elds are generated in the new formed
entral magnetar. We need to onsider the neutrino emission and annihila-
tion proesses in strong magneti elds, i.e., the intermediate ase between
Poynting-ux-dominated jet and annihilation-indued jet. We have disussed
some of the mirophysis equations in strong magneti elds in 2.5. Figure 6.1
gives a rst result: the density, pressure, temperature, eletron fration and
degeneray in the disk as a funtion of radius for a open magneti elds on-
guration with magnetar surfae elds as 1014, 1015, 1016 and 1017 G. More
work an see our reent paper Hyperareting Disks around Magnetars for
Gamma-Ray Bursts: Eets of Strong Magneti Fields, whih is not inluded
in this thesis.
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Figure 6.1: Disk struture with M˙ = 0.1M⊙ s−1 for the magnetar surfae vertial
eld B0 = 10
14, 1015, 1016 and 1017 G, where the magneti eld in the disk is in an
open onguration.
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